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Abstract

In this thesis a study of the accretion and ejection properties of low mass embedded proto-
star (the so-called Class 0/I sources) through ISAAC NIR high angular observations is pre-
sented. The physics, kinematics and dynamics of five Class 0/I jets (HH1, HH111,HH212
/ HH34, HH46-47) have been analysed in order to give some insights about the jet gener-
ation and the dependence of the jet properties on the evolutionary stage of the source. In
addition, the accretion properties of a sample of ten Class Isources have been measured
in order to revise their evolutionary status.

All the studied jets have been observed through atomic and molecular emission, traced
by [Fe] and H2 transitions. Applying near-IR diagnostic techniques important physical
parameters have been inferred. In particular, one milestone of this thesis was to derive the
physical properties of embedded protostellar jets as a function of the jet radial velocity.
For instance, at large distances from the source, the electron density (ne) has been found to
decrease with lower velocities. Average values over the brightest knots of 2600-6200 cm−3

have been found. The amount of mass transported along the flows has been also inferred.
The results show that Class 0/I jets transport more mass than the more evolved jets from
CTTS, while the accretion to ejection ratio remains roughlyconstant independently of the
evolutionary stage of the source.

The inner region of Class I jets has been studied in detail in order to constrain the
jet launching mechanism. Similarly to what found in CTTS jets, Class I jets present two
velocity components at high and low velocity (the HVC and LVC) in both the atomic
and molecular gas. The LVC in Class I jets reaches, however, larger distances (up to
∼ 1000 AU from the source) with respect to jets from CTTS. At variance with what found
at large distances from the source, in the inner jet region, ne increases with decreasing
velocity, while the mass flux along the jet is always higher inthe HVC. When comparing
these results with the predictions of MHD jet launching models, the kinematical char-
acteristics of the line emission are found to be, at least qualitatively, reproduced by the
studied models. None of them can explain, however, the extent of the LVC and the veloc-
ity dependence of electron density that is observed.

On the other hand, the study of the set of Class I sources reveals no clear correlation
between accretion and ejection features. In addition, in spite of what is expected by
embedded protostars, only four of the ten sources show accretion dominated luminosities.
This result suggests that most of the objects considered as Class I sources are, instead,
more evolved sources that have already acquired most of their mass. Despite this fact, the
inferred mass accretion rates are larger that those found inCTTS of the same mass.



Sommario

In questa tesi viene presentata una analisi detagliata delle propietà di accrescimento ed
eiezione da stelle giovanni estinte di basa massa attraverso osservazioni ad alta risoluzione
angolare nel vicino infrarosso effettuate con la camera infrarossa ISAAC. In questo modo,
sono state analizzate la fisica, cinematica e dinamica di 5 getti di Classe 0/I (HH1, HH111,
HH212 / HH34, HH46-47) al fine di ricavare informazioni circa l’origine dei getti e la
dipendenza delle loro propietà fisiche rispetto allo stadio evolutivo della sorgente. In-
oltre, le propietà di accrescimento di un campione di diecisorgenti di Classe I sono state
misurate con lo scopo di acertare loro stadio evolutivo.

Tutti i getti studiati sono stati osservati per mezzo di emisione atomica e molecolare,
traciate da righe di [Fe] e H2. Applicando tecniche di daignostica nel vicino infrarosso,
sono stati ricavati importanti parametri fisici. In particolare, un punto fondamentale di
questa tesi è stato derivare come varianno le propietà fisiche di questi oggetti in fun-
zione della velocità radiale dello getto. Ad essempio, ne risulta che la densità elettronica
decresce al diminuire della velocità a grande distanza dalla sorgente, con valori medi in-
torno 2600-6200 cm−3. Inoltre, è stata ricavata la masa trasportata da i getti che risulta
maggiore di quella trovata in oggetti più evoluti di tipo TTauri, mentre il rapporto tra
eiezione e accrescimento rimane approssimativamente costante indipendentemente dallo
stato evolutivo dalla sorgente.

È stata altresı̀ studiata in detaglio la regione interna deigetti di Classe I con il preciso
fine di determinarne il mechanismo di lancio. Come per i gettida stelle di tipo TTauri,
la cinematica delle regioni interne è caratterizzata da due componenti ad alta e bassa
velocità (HVC and LVC) in entrambe le emissioni atomiche e molecolare. La componente
a bassa velocità nei getti di Class I ragiunge distanze maggiori dalla sorgente (fino a 1000
AU) che nei getti di tipo TTauri. Inoltre, contrariamente a quanto trovato lontano dalla
sorgente, nelle vicinanze della stella la densità elettronica aumenta al diminuire della
velocità, mentre la componente ad alta velocità trasporta sempre la maggiore quantità di
masa. I risultati qui mostrati sono stati inoltre confrontati con le predizione trovate dai
modelli di lancio di getti. Mentre le propietà cinematichesono, al meno qualitativamente,
riprodotte da questi modelli, nessuno di loro riesce ad spiegare l’andamento osservato
dalla densità elettronica in funzione della velocità.

D’altraparte, non è possibile stabilire alcuna correlazione tra la presenza di indica-
tori di acrescimento ed egezione entro il campione di sorgenti di Classe I. Inoltre, di-
versamente da ciò che previsto per le stelle giovanni, soltanto quatro delle dieci sorgenti
hanno una luminosità dominata da accrescimento. Questo risultato sembra suggerire che
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la maggioranza di stelle giovanni clasificate come Classe I sono in realtà sorgenti molto
più evolute che hanno già acquisito la maggior parte dellaloro massa. Nonostante ciò, i
valori di tasa di accrescimento ottenuti sono in media più alti di quelli trovati in stelle di
tipo TTauri della stessa masa.



Contents

Introduction I

1 The birth of stars 1
1.1 From molecular clouds to protostars . . . . . . . . . . . . . . . . .. . . 1
1.2 The evolution of Young Stellar Objects (YSOs) . . . . . . . . .. . . . . 5
1.3 The Spectral Energy Distribution classification of YSOs. . . . . . . . . 6

2 Ejection and accretion of material in low-mass YSOs 11
2.1 Protostellar jets . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 11

2.1.1 The launching mechanism . . . . . . . . . . . . . . . . . . . . . 12
2.1.2 An observational overview of protostellar jets . . . . .. . . . . . 15
2.1.3 The inner jet region . . . . . . . . . . . . . . . . . . . . . . . . . 18

2.2 Accretion properties of YSOs . . . . . . . . . . . . . . . . . . . . . . .. 21
2.2.1 Mass accretion in CTTS . . . . . . . . . . . . . . . . . . . . . . 21
2.2.2 Mass accretion in Class I sources . . . . . . . . . . . . . . . . . 22

3 IR spectral analysis of protostellar jets 25
3.1 Basic concepts and assumptions . . . . . . . . . . . . . . . . . . . . .. 25
3.2 Diagnostics with [Fe] ratios . . . . . . . . . . . . . . . . . . . . . . . . 28
3.3 Diagnostics with H2 lines . . . . . . . . . . . . . . . . . . . . . . . . . . 33
3.4 Mass loss rates . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 36

4 Observations 39
4.1 Advantages and limitations of NIR observations . . . . . . .. . . . . . . 39
4.2 The sample . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 42
4.3 VLT observations . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 43

4.3.1 NIR spectra acquisition and analysis techniques . . . .. . . . . . 44

5 Velocity resolved diagnostics of Class 0/I jets. 49
5.1 HH34 . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 49

5.1.1 Detected lines . . . . . . . . . . . . . . . . . . . . . . . . . . . . 50
5.1.2 [Fe] and H2 kinematics: large scale properties . . . . . . . . . . 52
5.1.3 [Fe] and H2 kinematics: Small scale properties . . . . . . . . . 55
5.1.4 Diagnostics of physical parameters . . . . . . . . . . . . . . .. 57



ii

5.2 HH46-47 . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 63
5.2.1 Object description . . . . . . . . . . . . . . . . . . . . . . . . . 63
5.2.2 Observed lines . . . . . . . . . . . . . . . . . . . . . . . . . . . 65
5.2.3 Kinematics . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 66
5.2.4 Low resolution spectral analysis . . . . . . . . . . . . . . . . .. 69
5.2.5 Medium resolution spectral analysis . . . . . . . . . . . . . .. . 72

5.3 HH1 . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 74
5.3.1 Detected lines . . . . . . . . . . . . . . . . . . . . . . . . . . . . 75
5.3.2 [Fe] and H2 kinematics . . . . . . . . . . . . . . . . . . . . . . 75
5.3.3 Diagnostics of physical parameters . . . . . . . . . . . . . . .. 77

5.4 HH111 . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 84
5.4.1 [Fe] and H2 kinematics . . . . . . . . . . . . . . . . . . . . . . 84
5.4.2 Diagnostics of physical parameters . . . . . . . . . . . . . . .. 86

5.5 HH212 . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 88
5.5.1 Detected lines . . . . . . . . . . . . . . . . . . . . . . . . . . . . 89
5.5.2 [Fe] and H2 kinematics . . . . . . . . . . . . . . . . . . . . . . 89
5.5.3 Diagnostics of physical parameters . . . . . . . . . . . . . . .. 91

5.6 Discussion . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 93
5.6.1 The base of Class I jets: HH34 and HH46-47 . . . . . . . . . . . 93
5.6.2 General properties of Class 0/I jets . . . . . . . . . . . . . . . . . 99

6 Probing the mass accretion in Class I protostars 101
6.1 Detected lines . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 101

6.1.1 Discussion on the observed spectral features . . . . . . .. . . . . 103
6.2 Accretion properties . . . . . . . . . . . . . . . . . . . . . . . . . . . . .106

Conclusions 113

Appendix A - Observed spectroscopic line fluxes 117

Bibliography II

Acknowledgments I



List of Figures

1.1 TheρOphiuchus molecular cloud complex mapped at 1.3 mm. Figure taken from Motte

et al. (1998) . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 2

1.2 Hertzsprung-Russel diagram for a sample of T Tauri and Herbig Ae/Be pre-main se-

quence stars (black points). The evolutionary tracks (Palla & Stahler 1993) for stars

with masses M< 6 M⊙ show the path of the stars from the birthline corresponding to

an accretion rate of 10−5 M⊙/yr (bottom dotted line) to the Zero Age Main Sequence

(ZAMS, solid line on the left). The top dotted line is the birthline corresponding to
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5.9 Ṁ jet along the HH46-47 jet. . . . . . . . . . . . . . . . . . . . . . . . . . 73
5.10 List of detected lines . . . . . . . . . . . . . . . . . . . . . . . . . . . .76
5.11 Observed radial velocities along the HH1 jet. . . . . . . . .. . . . . . . 78
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Introduction

The star formation process is a fundamental issue in stellarphysics. It represents, how-
ever, the less known process in the whole stellar evolution.This is mostly due to the
difficulty of observing the protostars and the region nearby. Indeed, in the first stages of
evolution, when most of the final stellar mass is accumulated, protostars are embedded in
dense molecular clouds of gas and dust from which they originate. As a consequence, the
younger protostars (the so-called Class 0 and I sources) arehidden to optical wavelengths
and become only visible after they have dissipated most of their dense envelopes. This
happens when they have overpassed their main accretion phase and are observed as pre-
main sequence stars evolving towards the main sequence (Class II and III sources). Only
during the last twenty years, thanks to the development of infrared instrumentation, it has
been possible to perform extensive studies on star forming regions.

Embedded protostars are very complex systems composed by a dense core surrounded
by a circumstellar disc and a dense envelope, which represents the store of infalling ma-
terial. As matter flows from the disc to the protostar surfacepart of the material is ejected
away from the star in the form of collimated bipolar jets. These jets have a fundamental
role in the star formation process, since they remove angular momentum from the star-
disc system, allowing the accretion of matter onto the protostar to proceed. In addition,
they influence the final mass of the star as they disrupt infalling material dissipating the
surrounding envelope. Accretion and ejection of matter arethus intimately associated and
represent the fundamental mechanism regulating the formation of a solar mass star.

In spite of their crucial role, the details of these processes are still largely unknown.
Several models have been so far proposed for the mechanism regulating the accretion
process and the consequent formation of the collimated jet.Most of these models have
been developed to explain the properties derived from optical observations of Class II
TTauri stars, sources that have already accumulated most oftheir final mass. Little is
known, however, about the application of the same mechanismto the younger and actively
accreting Class 0/I sources.

The main observational difficulty is to investigate the inner regions of the embedded
Class 0/I sources at a spatial resolution high enough to resolve the relevant spatial scales.
The accretion disc and the jet launching regions are, indeed, characterised by a size of
the order of 0.1-1 AU, which corresponds to angular sizes of less than a few milliarcsec-
onds even in the nearest star-forming clouds. Such angular scales can be directly probed
only through IR interferometric techniques that at presentare still under development.
Alternatively, observational constraints to these phenomena can be provided only through
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indirect tracers. In this respect, the study of the collimated jets provide a fundamental tool
to get quantitative information on the active processes occurring in young stars. The jets
extend up to large distances from their driving source, reaching regions at low obscuration
where they can be studied in detail. As a consequence, the study of the jet often repre-
sents the only mean to indirectly infer some properties of its driving source. Protostellar
jets interact with the ambient medium producing strong shock waves which compress and
heat the gas: this, in turn, cools down by emitting atomic andmolecular lines over a large
spread of wavelengths. The near IR spectral region is particularly suited to study the jets
from embedded objects because several bright transitions excited in shocks can be found
in this wavelength domain, able to diagnose important physical parameters of the jet. IR
sensitive spectroscopic observations can, moreover, penetrate close to the jet base, thus
providing information on the physics occurring as near as possible to the jet origin.

In addition to the study of jets, important information of the accretion process can
be also inferred through the observations of spatially not resolved line emission features
characterising the IR spectra of Class I objects. PermittedHI lines, in particular, are
believed to originate from the region of accretion that connects the circumstellar disc
to the protostar. Their luminosity and profiles provide therefore an important tool to
investigate whether the protostar is still actively accreting or has already accumulated its
final mass.

High dispersion IR spectroscopy performed on 8-m class telescopes provides an ex-
cellent tool to perform the kind of investigations described above, since it couples the
needed sensitivity and adequate spatial resolution with a spectral resolution high enough
to study the dynamics of the matter in infall or being ejectedfrom the source.

The work presented in this thesis aims at studying the accretion an ejection process
in low mass embedded protostars (Class 0/I) through high resolution IR spectroscopy
obtained with the ISAAC instrument at VLT. The work is divided in main parts whose
goals are summarised below:

• The main part of this thesis deals with the detailed study of the physical and kine-
matical properties of five classical Class 0/I jets. Long-slit ISAAC spectra have
been obtained with the slit aligned along the jets in order toderive important pa-
rameters as a function of the distance from the driving source. The IR investigation
makes it possible to trace the jet very close to the central source. Thus, the excita-
tion and dynamics of these jets have been probed as close as∼100 AU from their
origin in less embedded Class I sources, where their properties have not been yet
modified by the interaction with the surrounding medium and still retain important
information about the jet acceleration mechanism. Diagnostic techniques employ-
ing ratios and luminosity of lines, e.g., [Fe] and H2 transitions, have been used
to derive important physical parameters such as electron density (ne) and mass flux
rates (Ṁ jet) in the different jet velocity components. These parameters, together
with the kinematical information, have been compared with the predictions of the-
oretical models to constrain the jet launching mechanism. The physical properties
derived in our Class 0 and I sample will be also compared with those of the jets from
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more evolved CTTSs to understand if the excitation conditions and the dynamical
properties change as a function of the source evolutionary state.

• The second part of the thesis address the accretion properties of a sample of ten
Class I sources selected in theρOph molecular cloud. The accretion properties and
mass accretion rates of the sources have been measured from the luminosity of the
permitted HI lines in order to investigate whether they are really sources in their
main accretion phase or not. Indeed, it is usually assumed that the bolometric lumi-
nosity of Class I objects is dominated by the accretion luminosity due to the release
of energy in the impact of the infalling matter onto the star surface. Should be this
the case, we would expect that all the sources of our sample have a large Lacc/Lbol

ratio. Mass accretion rates derived from the selected sources will be compared with
the values measured in samples of TTauri stars to study if there is really an evo-
lutionary sequence among Class I and Class II objects. This analysis will make it
possible to discern whether the Class I are really younger than TTauri stars or they
also are evolved objects but seen with edge-on circumstellar discs, thus appearing
more embedded.

This thesis is structured as follows: In Chapter 1 a review ofthe star formation theory
is presented, while in Chapter 2 a description of the presentknowledge of the accretion
an ejection properties of young stars is done, together witha brief description of the pro-
posed models for these phenomena. In Chapter 3 the main diagnostic capabilities of IR
emission lines are briefly described. The basic notions of IRspectra acquisition and anal-
ysis techniques are presented in Chapter 4 together with a discussion on the advantages
and limitations of IR observations and a description of our source sample and instrument
set-up. In Chapter 5 the results on the ejection properties of Class 0/I jets are presented,
while in Chapter 6 the findings on the accretion properties ofthe studied Class I sources
are shown. Finally, conclusions are presented, summarising the main results of this work
and describing future projects.





Chapter 1

The birth of stars

1.1 From molecular clouds to protostars

Most of the protostars are born inside Giant Molecular Clouds (GMCs). These are the
largest molecular structures in the galaxy with sizes ranging between 10 and 100 parsec
(pc), masses from 104 to 106 M⊙ and average kinetic energies of only∼10 K. Their prin-
cipal chemical components are hydrogen (90%) and helium (9%), while the abundance
of other elements depends mainly on the history of the cloud as, for example, the pres-
ence of some supernova explosion nearby. GMCs are far to be uniform with the dust and
gas distributed along very complex and filamentary structures with areas of high density
corresponding to star formation regions. Most of the information we have about GMCs
is derived through the analysis of emission lines coming from rovibrational transitions of
CO, CS or NH3 molecules. Although the main constituent is H2, molecular clouds cannot
be mapped through this molecule due to the high temperatures(∼510 K) required to excite
detectable emission. The best tracer of the molecular cloudstructure is the CO molecule
since is quite abundant ([CO]/H2∼10−4) and can be easily populated under collisions at
low temperatures (T∼ 5 K with n(H2 >100 cm−3)). In addition, the CO dissociation en-
ergy is very high (11.09 eV) meaning that is a very stable molecule. The CO emission in
our galaxy is located mainly in the spiral arms suggesting that GMCs have lifetimes of
the order of 107 years. The larger is the molecular cloud the shorter is its lifetime. This is
due to the photoevaporation produced by O and B stars that form inside large molecular
clouds. These stars produce high energy photons that ioniseand destroy their molecular
surroundings.

The complicated density structure of GMCs (Fig. 1.1) can be roughly classified in
terms of clouds, clumps and pre-stellar cores (Williams et al. 2000). Clumps are gravi-
tationally bound structures inside which stellar clustersare formed. Pre-stellar cores are
the smallest fragments out of which individual stars or multiple systems are born. These
initially gravitationally bound condensations form from the fragmentation of molecular
clumps. A large number of pre-stellar cores have now been observed, both in molecular
line tracers of dense gas such as NH3, CS, N2H+ and HCO+ (Andre et al. 2000) and in
sub-millimetre dust continuum (Kirk et al. 2002).
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Figure 1.1:TheρOphiuchus molecular cloud complex mapped at 1.3 mm. Figure taken from Motte et al.
(1998)

There is yet not a complete understanding of how stars are born from dense cores.
A core begins to collapse when the thermal pressure of the gaswithin the core is no
longer sufficient to contrast self-gravity. This means, in the classical theory proposed by
Jeans (Jeans 1902), that collapse occurs when the gravitational energy of the cloud core
is greater than its thermal energy,

|Eg| > Eth (1.1)

which, for a homogeneous spherical core with mass M, radius Rand temperature T, is
given by:

3
5

GM
R
>

3
2

M
µmH

kT (1.2)

whereG is the gravitational constant,k the Boltzmann constant,µ the mean molecular
weight andmH the mass of the hydrogen atom. This inequality is, usually, expressed in
terms of the Jeans massMJ: gravitational collapse begins when the core massM is greater
thanMJ ,
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whereρ is the density of the gas andn = ρ/µmH is the numerical density.
In absence of pressure support, the collapse due to gravitation occurs in a free-fall

time:
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(
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≃ 1.4× 106

(

n
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)

[yr] (1.4)
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If T=10 K andn ≥50 cm−3, which are typical values for GMCs, we haveMJ ≃100 M⊙and
t f f ≃105 yr. These values are smaller than the observed values of mass(104-106 M⊙) and
lifetime (>107 yr) of the clouds. Thus, on the basis of the classical theory,molecular
clouds should be small short-lived structures with a star formation rate of about 250-
300 M⊙ yr−1, while observations indicate rates of only 3 M⊙ yr−1.

The Jeans criterion is thus unable to describe observational data, providing only a
necessary and not sufficient condition to have an unavoidable collapse. Other mechanisms
capable of hampering and delaying gravitational contraction must be, therefore, present
within the clouds.

Nowadays, three physical mechanisms are believed to concurwith the thermal pres-
sure in supporting the core against self-gravity: magneticfield, core rotation and gas
turbulence. Thus, the most general condition to be satisfiedis:

|Eg| > Eth + Emag + Eturb + Erot, (1.5)

whereEth is the thermal energy due to gas pressure,Emag is the magnetic energy due to
magnetic pressure andEturb andErot are the terms due to turbulence and rotational velocity
of the clumps, respectively. We will now briefly describe these terms:

• Rotation: From measurements of the rotational velocity by means of thestudy of
Doppler shifts in lines from molecular species, we know thatthe cores rotate very
slowly (Ω ∼ 10−13 − 10−14 rad/s, Goodman et al. 1993). Therefore,Erot can be
neglected if we compare it with the pressure gradients and the self-gravity. This
rotation play a fundamental role, however in the formation of protostellar disc as
we will see in Sect. 1.2.

• Magnetic field: The presence of a magnetic field B (usually smaller than 10µG
in molecular clouds and up to 50µG in the cores) provides support against gravita-
tional collapse because the ions present in the cloud gas tend to couple with the mag-
netic field lines. Moreover, neutral constituents are affected by this phenomenon,
since collisions couple ions with neutrals, resulting in anoverall magnetic pressure
which halts and slows down gravitational contraction. Assuming that the magnetic
energy is the only term capable to compensate the gravitational energy of the cloud
in eq. 1.5, the criterion for core collapse can be expressed in terms of critical mag-
netic massMφ:

M > Mφ ≃ 0.3G−1/2B R2 = 200M⊙

(

B
3[µG]

) (

R
1[pc]

)2

(1.6)

If the cloud massM exceedsMφ, the cloud globally implodes forming stars: this
is the case of high mass stars in magnetically supercriticalcloud cores (M ≫ Mφ),
where the collapse takes place in a free-fall time-scalet f f . Otherwise, the forma-
tion of low mass stars occurs in magnetically subcritical cloud cores (M ≪ Mφ),
that are quasi-static equilibrium structures resulting from the balance of gravita-
tional, magnetic and pressure forces. The core collapse in these systems occurs
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because of a process called “ambipolar diffusion”: since ions and neutrals are not
strongly coupled, the neutrals can drift across the field lines resulting in a gravi-
tational condensation of the cloud matter without compressing the magnetic field
lines. Truly neutral drift motion deforms the magnetic fieldlines, producing Alfvén
waves that dissipate the magnetic field. As a result, ambipolar diffusion produces
the effect of decreasing the critical magnetic mass, so that the core can collapse
whenM ≫ Mφ in a time-scale (ambipolar diffusion timetAD) that depends on the
efficiency of the coupling between ions and neutrals. For typical values of molecu-
lar corestAD ∼5×106 yr, one order longer than the free-fallt f f .

Magnetic diffusion was believed to be the dominant physical process controlling
star formation and it was widely accepted in the 80s. During the last decade, with
the improvement in instrumentation and computer modellingtechniques, this theory
has seemed, however, to fail on some aspects, although the debate is still open.
Indeed, observations seem to suggest that protostellar cores are supercritical (i.e.
the magnetic fields are too week to retard the gravitational collapse of cores) and
infall motions detected in the cores contradict the long lasting phase that is expected
in the standard theory. Finally, a high fraction of cores which contain embedded
protostellar objects is observed: if cores evolved on ambipolar diffusion time-scales,
we would expect to find a significantly larger number of starless cores.

• Supersonic turbulence:During the last decade, substantial observational evidence
suggests that supersonic turbulence is the main process controlling star formation.

The random supersonic motion in molecular clouds is described by the Mach num-
ber M = vturb/cs, wherevturb =

√

〈v2〉 is the average speed of the random motions
andcs is the sound speed. The observational evidence of this motion comes from
velocity dispersion measurements of molecular line widthsof 4-6 km s−1, that can-
not be accounted for unless considering non-thermal motions.

Turbulent supersonic motion is a dissipative phenomenon able to reallocate energy
inside the cloud, providing a global support against gravitational collapse. The
dissipation time for turbulent kinetic energy is indeed:

td =
Ld

vturb
= 3 Myr

(

Ld

50[pc]

) (

vturb

6[kms−1]

)−1

(1.7)

whereLd is the driving scale of the turbulence. Numerical methods and computer
simulations demonstrate that supersonic turbulence within large clouds would dis-
sipate in a time-scale which is comparable to the free-fall time-scale. A recurring
injection of energy is, then, needed to maintain turbulenceas long as is necessary to
obtain the observed core contraction times. Several mechanisms have been consid-
ered, such as galactic rotation, MHD wave propagation, protostellar outflows and,
in particular, supernova explosions.
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1.2 The evolution of Young Stellar Objects (YSOs)

As described above, low-mass star formation is thought to occur when a molecular cloud
core becomes unstable and begins to collapse. During the last years, several studies have
been done trying to measure the infalling motions gas withinthe cloud core. However, the
detection of these motions are very difficult. The velocities of collapse are too small if we
compare them with the random motions inside the molecular cloud. This fact becomes
extreme if we try to distinguish the infall motion against fast molecular gas put in motion
by bipolar outflows (see Sect. 2.1). On top of all this, the highest velocities are expected
to be present in the central regions of the cloud, where, however, the amount of mass is
really low and the extinction is very high.

Despite the lack of measurements of infalling velocities, some theoretical models have
been developed in order to give some light about the very firstphases of the stellar evo-
lution. One of the simplest models assumes that the molecular core about to collapse
presents a density profileρ ∝ R−2 (singular isothermal sphere in quasi-equilibrium be-
tween thermal pressure and gravity). When the structure becomes gravitationally unsta-
ble, the collapse starts, following the free-fall time-scale. Beingτ f f ∝ ρ

−1/2, the central
zones collapse more rapidly than the outer part. As a result,at the centre of the structure
a core in hydrostatic equilibrium is formed, which accretesmatter from the surrounding
infalling envelope. In this simple infall model, with an initial cloud spherically symmet-
ric that exhibits asymmetric rotation, the infall solutionhas complete symmetry above
and below the equatorial plane. With this assumption, the momentum fluxes of infalling
material on either side of the equatorial disc plane perpendicular to the disc are equal in
magnitude and opposite in direction. The result is that the infalling gas must pass through
a shock at the equator, which cancels the kinetic energy component perpendicular to it.
This process will lead to an accumulation of matter in a thin structure in the equatorial
plane, i.e., a rotating disc. Ultimately, disc material will be redistributed by the process
of angular momentum transport and energy loss driving disc accretion. The accretion rate
depends on the sound speed in the medium (cs = (kT/µmH)1/2):

dM
dT
≡ Ṁacc = ρ4πR

2cs = 2
c3

s

G
(1.8)

For typical values, accretion rates of∼10−5-10−6 M⊙yr−1 are derived. In this way, the
time expected for the formation of a solar mass star is around106 years. In this phase,
there are no nuclear reactions in the star and the luminosityof the YSO comes from the
energy realised during the accretion in the so called “accretion shocks”. Assuming a
spherical geometry for the accretion, the luminosity emitted is given by the conversion of
gravitational energy:

Lacc =
GM∗Ṁacc

R∗
(1.9)

whereM∗ andR∗ are the mass and radius of the central condensation. For a typical values
of low-mass protostars (M∗= 1 M⊙, R∗ = 4 R⊙ and Ṁacc = 10−5 M⊙/yr) the accretion
luminosity is around 50 L⊙, much higher than the luminosity of a main sequence star with
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the same mass. It has been observed that the accretion process is usually accompanied by
the ejection of material from the protostar. This is the origin of the so-called protostellar
jets, the main topic of this thesis and described in detail inthe following sections.

In the early stage of evolution, protostars have a low surface temperature (T< 2000 K)
and thus emit most of their energy at IR wavelengths. In addition, the emitted radiation
is absorbed by the external envelope and re-emitted at longer wavelengths. This means,
that in the protostellar phase the YSO is not simply characterised by a single temperature
and thus cannot be positioned in the Hertzsprung-Russel (HR) diagram. When the gravi-
tational collapse finishes and the envelope has been dissipated, the YSO becomes visible
at optical wavelengths and can be positioned in the HR diagram. This is the so-called
pre-main sequence phase (see Fig. 1.2). At this stage, the star has almost reached its final
mass and the accretion rate is very small, around 10−7M⊙/yr. In the pre-main sequence
phase the central temperature of the stellar core is still too low to permit the hydrogen
fusion into helium. Deuterium fusion occurs at temperatures lower than hydrogen fusion,
but since deuterium abundance is relatively low, the deuterium fusion can last only for a
short period of time (∼ 1 × 10−6 yr). Without fusion energy release, the protostar must
contract, generating gravitational potential energy to replace the energy lost by the radi-
ation of the stellar photosphere. Thus, the luminosity is mainly the energy irradiated by
the stellar photosphere:

L∗ = 4πR2σT 4
e f f (1.10)

whereσ is the Stephen-Boltzmann constant and Te f f is the temperature of the stellar pho-
tosphere. When protostars appear for the first time on the HR diagram, they are located
along the so-called “birthline”, whose position in the HR diagram depends on the proto-
stellar accretion rate. While the protostar contracts (typical time-scale of 107 yr), it moves
in the HR diagram along the pre-main sequence tracks. The contraction will stop when
the star arrives in the main-sequence, at which point the energy released by the hydrogen
fusion compensate the energy radiated by the stellar photosphere.

The low-mass (M. 2 M⊙) pre-main sequence stars, with stellar spectral types F-M are
called T Tauri stars (Joy 1945). These stars are fully convective and follow the so-called
Hayashi tracks, along which the temperature is roughly constant, while the luminosity
decreases with the radius. Higher-mass (M∼2-10 M⊙) pre-main sequence stars are named
Herbig Ae/Be stars (Herbig 1960) to distinguish them from other types of more evolved
A-B emission line stars. These stars have, at variance with TTauri, radiative nuclei and
follow evolutionary tracks nearly horizontal (see Fig. 1.2).

1.3 The Spectral Energy Distribution classification of YSOs

The evolutionary status of a “normal”, low-mass star can be determined by its position on
the HR diagram (see previous section). This method works as far as the star produces a
black-body like spectrum and thus can be accurately spectrally classified. This is, how-
ever, very difficult for most of the YSOs. The circumstellar gas and dust around these
objects absorb and reprocess most of the radiation emitted by the embedded star, thus
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Figure 1.2:Hertzsprung-Russel diagram for a sample of T Tauri and Herbig Ae/Be pre-main sequence
stars (black points). The evolutionary tracks (Palla & Stahler 1993) for stars with masses M< 6 M⊙ show
the path of the stars from the birthline corresponding to an accretion rate of 10−5 M⊙/yr (bottom dotted
line) to the Zero Age Main Sequence (ZAMS, solid line on the left). The top dotted line is the birthline
corresponding toṀacc= 10−4 M⊙/yr. The evolutionary tracks are almost vertical (Hayashi tracks) for stellar
masses smaller than 0.8M⊙, while the tracks relative to stellar masses between 2 and 6 M⊙(Herbig Ae/Be
stars) are horizontal. The birthline intersects the ZAMS for M = 6 M⊙, thus the stars with larger masses have
not a pre-main sequence phase. The thinner solid lines are the isochrones for stellar ages of 105, 5×105,
106, 2×106, 5×106 and 107 yr.
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altering its spectral appearance. In fact, the youngest objects are not detected at optical
wavelengths due to the presence of a thick protostellar discand a dense envelope that
radiate most of their energy in the IR. In addition, in their first evolutionary stages, the
circumstellar gas and envelopes have spatial extent largerthan the protostar photosphere
itself and thus, the YSO will exhibit a wide range of effective temperatures. As a result,
the detected spectral distribution is much wider than a simple black-body spectrum. For
all these reasons to place a YSO on a HR diagram is very difficult.

Lada (1987) found that the infrared sources could be classified as a function of their IR
energy distributions (i.e., log(λFλ) vs. log(λ)). The shape of the broad-band IR spectrum
of a YSO depends both on the nature and distribution of the surrounding material. We
would expect that more embedded objects show a spectral distribution with a black-body
profile at the dense envelope temperature, while more evolved objects should have a spec-
tral distribution characterised by the black-body emission of the central protostar (since
they should be accreted most of their surrounding material). In this way, the spectral
energy distribution (SED) of a YSO can give some clues about its evolutionary status.

Lada & Wilking (1984) classified the YSOs as a function of their SED from Class I
to Class III objects. With the pass of the years it was necessary to include a new type of
colder objects, the Class 0 objects (Andre et al. 1993). Thisfirst stage (see Fig. 1.3) corre-
sponds to a very embedded protostar, where the mass of the central core is small in com-
parison to the mass of the accreting envelope. The SED of these objects is characterised
by the blackbody emission of the envelope and peaks at sub-millimeter wavelengths. The
accretion rate of Class 0 objects is very high, of the order ofṀacc∼ 10−4 M⊙/yr. The next
stage is represented by the Class I objects. They are poor evolved embedded stars with
less mass in the envelope and more massive central cores withrespect to the Class 0 ob-
jects. Their SED peaks in the far-infrared and is characterised by a weak contribution of
the blackbody of the central star (detected at near-IR wavelengths) and the emission of a
thick disc and dense envelope. The accretion rate is lower than in Class 0 objects with a
typical value of the order oḟMacc∼ 10−6 M⊙/yr. Class II objects are the classical T Tauri
stars (CTTS) with a SED due to the emission of a thin disc and the central star. They
have accumulated most of their final mass, dispersed quite completely their circumstellar
envelope, but still accreting at a very low rate of the order of Ṁacc∼ 10−7-10−8 M⊙/yr. Fi-
nally, Class III objects have pure photospheric spectra. Their SED is peaked in the optical
and is well approximated by a blackbody emission with a faintinfrared excess due to the
presence of a residual optically thin disc that may be the origin of planetesimals.

This classification scheme can be made more quantitative by defining the spectral
index:

α =
dln(λFλ
dln(λ)

(1.11)

defining the slope of the spectrum between 2 and 12µm . α varies from 0 to+3 for Class
I objects, -2< α < 0 in Class II objects and for Class III objects it ranges from -3 to -2.
This variation in SED shape represents an evolutionary sequence corresponding to the
gradual dissipation of gas and dust envelopes around young stars. Adams et al. (1987)
were able to theoretically model this empirical sequence from protostar to young main
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Figure 1.3:Schematic description of the various phases that characterise the formation of an individual
star, from the earliest main accretion phase (Class 0), to the time when all the circumstellar matter is
dissipated (Class III). The SED typical of objects in the various phases is represented on the left, while
typical physical parameters of YSO according to their classification are listed on the right.
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sequence stars.
Today this classification must be applied with some caution.Although the general

scheme is probably correct, recent observations have lead to some doubts about the ex-
istence of real physical differences between many Class I and II objects. Geometrical
effects due to the orientation of the structures with respect tothe observing line of sight
may alter the shape of the SED causing a misclassification of the objects. This issue will
be addressed in the second part of this thesis (Chap. 6).



Chapter 2

Ejection and accretion of material in
low-mass YSOs

Accretion and ejection of matter are two phenomena intimately related during the forma-
tion of a star. This thesis reports an observational study ofthe ejection, through collimated
jets, and accretion of matter in young embedded Class 0/I protostars. To put the presented
work in a context, I will make here an overview of the present knowledge of the accretion
an ejection properties of young stars, presenting also a brief description of the proposed
models for these phenomena.

The Chapter is divided in two main sections dealing with jets(Sect. 2.1) and accretion
properties of YSOs (Sect. 2.2).

The discussion about protostellar jets is subdivided into asummary of the main ejec-
tion models (Sect. 2.1.1), an overview of the large scale observational characteristics
(Sect. 2.1.2) and a description of the physical properties found at the base of protostel-
lar jets (Sect. 2.1.3).

Finally in Sects. 2.2.1 and 2.2.2 the accretion characteristics of CTTS and Class I
sources are discussed separately.

2.1 Protostellar jets

The evolution from Class 0 to Class III requires the dissipation of the circumstellar mate-
rial in the protostellar infalling envelope and in the disc.In principle, this could be done
by accreting all the surrounding material onto the star. We know, however, that star form-
ing cores contain more mass than the stars themselves. This suggests that at some point in
the early evolution of a YSO the cloud material has been partially removed. In addition,
the mass accretion process needs to be followed by the dissipation of angular momentum.
In fact, to conserve angular momentum the star would be forced to rotate at increasing
velocities leading to its break-up.

As noted in the previous chapter, the accretion process is associated with ejection of
material from the star in form of energetic bipolar outflows since the first stages of proto-
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Figure 2.1:The interaction between the rotating magnetosphere of the central star and the circumstellar
disc (Camenzind 1990).

stellar evolution . These supersonic and collimated jets significantly contribute at both the
angular momentum removal and envelope dissipation. In fact, recent observations seem to
indicate that protostellar jets rotate (Bacciotti et al. 2002; Coffey et al. 2004), suggesting
that they can efficiently contribute to the remove of angular momentum from the system
(Ferreira & Casse 2004), helping to spin-down the protostar(Ferreira et al. 2006) and al-
lowing the accretion of material. In addition, as protostellar jets propagate supersonically
through the molecular cloud, they disrupt infalling material from the collapsing cloud
influencing the final mass of the protostar (Terebey et al. 1984). Protostellar jets have
therefore a fundamental role in the star formation process,although the exact mechanism
for their formation is still unclear.

In this section, the basics of theoretical models so far developed for the jet launching
are presented, together with a general description of theirphysical properties as derived
from observations.

2.1.1 The launching mechanism

Theoretical models for accretion and ejection of matter in YSOs have as a common ele-
ment the influence of the magnetic field. The magnetic field structure in the inner regions
of the star-disc system is believed to acquire a configuration like the one in Fig. 2.1. A
magnetised star with a dipolar field configuration accretes material from a disc through the
magnetic field lines. The magnetic field of the protostar is believed to be strong enough
to truncate the disc at a few stellar radii from the star (the truncation radius or magne-
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Figure 2.2:Possible locations for the launching of MHD winds in young stars: disc-wind model (upper
panel, on the left), X-wind model (upper panel, on the right)and stellar wind (lower panel). In a disc-wind
model, an extended magnetic field threads the disc, while in aX-wind model the magnetic field thread the
disc through a singe annulus at the interaction point between the magnetosphere and the inner disc radio.
When the field lines are anchored onto a rotating star we have astellar wind.

topause) and creates a magnetospheric cavity as shown in theFig. 2.1. Very briefly, the
accretion process is supposed to occur as follows. The material from the outer parts of the
disc spirals toward the inner disc region. At this point, if the material is ionised enough it
will be forced to move longward the magnetic field lines to partially accrete onto the pro-
tostar and partially be ejected in a wind. When the material reaches the protostar surface,
through the so-called accretion-columns, it produces strong accretion shocks that create
hot spots on the star surface. There are several observational evidences for the presence
of such hot spots on the surface of accreting protostars (seee.g. Bouvier et al. 1995).

The accretion is only possible if the truncation radius is smaller than the corotation
radius (RCO). The corotation radius is the radial distance at which the keplerian velocity
of the material of the disc equals the stellar angular velocity. Outside the RCO, the angular
velocity of the star is larger than the keplerian velocity. Thus, the material along the field
lines of the magnetosphere is thrown away due to the presenceof a strong centrifugal
force, thus generating a “wind”.

Following the general idea described above, various Magneto-Hydro-Dynamic (MHD)
models have been proposed (Konigl & Pudritz 2000; Shu et al. 2000). It remains to be
established, however, where the wind/jet is launched from: the circumstellar accretion
disc, the rotating star, or its magnetosphere (or a combination of them). The most popular
MHD ejection models are the X-wind, the disc-wind and the stellar wind (see Fig. 2.2). I
will briefly describe below the main properties of each of these models.

Disc-wind and X-Wind model

In such models, a large scale magnetic field is assumed to thread the disc from its
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Figure 2.3:Left: the HH34 jet imaged by the VLT with the optical camera FORS2. Only the blue-shifted
lobe of the jet is optically detected, while the red-shiftedlobe remains invisible as propagates inside the
cloud. Both lobes terminate in a typical bow-shock structure. Right. The HH111 jet imaged at optical
and near-IR wavelengths by Hubble Space Telescope. This jetpresents a typical morphology with a chain
of knots and a bow-shock at the head of the flow. Figures taken from ESO Press Release 17/99 (left) and
Reipurth et al. (1997;right).

inner radius to a certain external radius (smaller than the outer disc radius). In an extended
disc-wind model, the magnetic field is threading the disc over an extended range of disc
radii and thus the jet originates in a large disc region up to afew AUs from the star
(Ferreira 1997). In a X-wind model (Shu et al. 1995) the magnetic field is anchored to
a single disc annulus at the interaction region between the disc inner edge and the stellar
magnetosphere.

The only difference between these two models is the amount of magnetic fluxthread-
ing the disc. The ejection process is, in fact, identical: a recombination between the close
stellar magnetic field lines and open field lines carrying accretion material. In both situa-
tions, jets carry away the exact amount of angular momentum required to allow accretion.
However, the predicted terminal velocities and angular momentum fluxes are different and
can be tested against observations (see Sect. 5.6.1).

MHD stellar winds

Self-collimated stellar winds are produced from open stellar magnetic field lines.
However, the star has to rotate near the break-up in order to provide enough rotational
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Figure 2.4: Spitzer image resulting from combining 3.6µm(blue), 4.5+5.8µm(green) and 24µm(red)
images of the HH46-47 protostellar jet. A wide-angle outflowcavity is clearly seen together with a com-
pact jet propagating inside it. Two characteristic bow-shock structures are detected (HH47A and HH47C)
corresponding to the end of the blue- and red-lobe of the outflow. Image taken from Velusamy et al. (2007).

energy to magnetically accelerate stellar winds. Low-massprotostars, such as TTauri
stars, have been found to be slow rotators (see e.g. Bouvier 2007) and thus stellar winds
can hardly provide the protostellar rotational energy necessary to launch the jet. There-
fore, although the presence of stellar winds cannot be excluded, they seem not efficient
enough to be the main responsible for the launching of the most energetic jets.

2.1.2 An observational overview of protostellar jets

The first evidences of outflow activity linked to the formation of a star have been discov-
ered in the 1950’s by Herbig (1950;1951) and Haro (1952;1953), who detected diffuse
line emitting nebulae spatially not associated with any star. From the beginning, it was
realised that these nebulae were linked to star formation since they were associated with
star forming regions. However, their origin was unknown until the 1970’s when Schwartz
(1975) proposed that these objects (called Herbig-Haro, HH, objects) could be shock
fronts moving away from the young star.

Enormous progresses have been done over the last 20 years on the understanding of
jet physics through imaging and spectroscopy at different wavelengths, providing infor-
mation about their morphology, kinematics and physical properties.

Protostellar jets are ejected perpendicular to the disc plane and are usually bipolar
structures, although the red-shifted lobe is often hidden at optical wavelengths since it
moves toward the cloud, through regions at high visual extinction (e.g., Fig. 2.3).

Class 0/I protostars usually drive outflows more energetic than moreevolved objects as
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Figure 2.5:Spectrum of the HH1 jet from 0.6 to 2.5µm. Several atomic and molecular emission lines are
detected. Figure taken from Nisini et al. (2005b).

CTTS. It is believed that the younger is the object the largeris the accretion and thus, the
higher is the amount of material ejected from the protostar.The supersonic jets, travelling
at velocities ranging from 100 to 500 km s−1, impact with the ambient cloud generating
emission knots and curved shock structures (bow shocks) at distances from few thousands
of AU to several parsecs (McGroarty & Ray 2004). The leading bow-shock, expanding
through the cloud create large cavities inside which the collimated jet propagates (see
Fig. 2.4). The shocked regions are observed over a large range of wavelengths (from UV
to radio) exhibiting a line spectrum usually with no continuum emission. The very fast
shocks can even produce X-ray emission (Bonito et al. 2007).Usually, the youngest pro-
tostellar jets, i.e., Class 0 jets, are detected through molecular emission such as, H2, CO
and SiO at IR and mm wavelengths, while older objects (e.g. jets from CTTSs) emit
mainly in the optical through forbidden emission lines fromatoms or ions at low ionisa-
tion. Jets from Class I sources, which are the argument of this thesis, present both atomic
and molecular components emitting the bulk of their energy in the IR (e.g. Fig. 2.5).

From the analysis of images and spectra taken at different epochs, it appears that
jets are not static objects, as the knots position and velocity vary with time. Large proper
motions have been inferred for the knots of several jets (seee.g. Bally et al. 2002; Hartigan
et al. 1993), as well as jet wiggling, probably caused by the precession of the jet due to the
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Figure 2.6:Variation of physical parameters along the HH111 jet. From top to bottom panel are repre-
sented: intensity profiles of the optical lines, the electron density, ne, in units of 103 cm−3, the ionisation
fraction, xe, the electron temperature, Te in units of 104 K and the total density, nH in units of 104 cm−3. The
open circles are the values derived from [Fe] infrared lines, while filled circles represent values derived
from [S], [N ], [O ] optical lines.

misalignment of the jet axis with the rotational axis of the star (see e.g. Caratti o Garatti
et al. 2008). These properties suggest that knots are likelyto be internal working surfaces
due to time ejection variability.

Detection of radial velocity asymmetries across the jet axis has been recently obtained
through HST observations at sub-arcsecond resolution. These asymmetries have been
interpreted as rotation of the jet around its axis (Coffey et al. 2004; Bacciotti et al. 2002),
although other interpretations have been also proposed. Ifinterpreted as rotation, these
observations will imply that jets are the principal responsible for extracting excess angular
momentum from the inner disc. Detailed information on jets main physical parameters
has been obtained in the last years thanks to diagnostic techniques employing ratio and
luminosity of optical and IR lines (e.g., Bacciotti & Eislöffel 1999; Nisini et al. 2005b).
In optical jets from TTauri stars the combination of different lines as [S],[Ni ], [O ]
have been used to derive fundamental parameters such as temperature, electron density
and ionisation fraction. IR lines can be instead used to infer some physical parameters
of embedded jets, as will be described in detail in Chap. 3. Class 0 jets are characterised
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Figure 2.7:Position-velocity diagram of the DG Tau jet, the archetype of CTTS jets. In the x-axis the
velocity of the jet is represented while in the y-axis the distance from the exciting source is indicated. In
the diagram the intensity contours of the [O] λ 6300 line are plotted decreasing by a factor of 2 beginning
from a 83% of the peak. This jet exhibits typical kinematic features at the base, with a HVC that reaches
far distances from the source and a LVC confined very close to the driving source. DG Tau is situated at a
distance of∼140 pc, thus 1′′ represents∼140 AU. Figure adapted from Lavalley et al. (1997).

by low temperatures ranging from∼500 K to∼3000 K (e.g. Giannini et al. 2004; Caratti
o Garatti et al. 2006) and total densities between 104-106 cm−3. Jets from CTTSs have
on average larger temperatures (∼104-3 104 K) and lower total densities (∼103-104 cm−3).
Class I jets have usually properties in between these rangesof values. Class I/II jets
are partially ionised with low ionisation fractions ranging from 0.03 to 0.06, with higher
values near the source. The high degree of ionisation near the source is supposed to be
due to some heating mechanism at the jet base, such as ambipolar diffusion or collimating
shocks, which are, however, observationally obscured. Theelectron densities (ne) have a
large range of values ranging from 50 cm−3 to 104 cm−3. The electron density decreases
with the distance from the source, as well as the electron temperature (Te) with values
ranging from 2-3 104 K close to the source to 1.0-1.4 104 K on larger distances (Fig. 2.6).
The amount of mass carried away by protostellar jets can be also observationally derived,
combining emission from optically thin lines and kinematics information and varies from
∼10−8- 10−7 M⊙/yr. In CTTS, the mass ejection fluxes result∼0.05-0.1 times their mass
accretion rates as predicted by models (Ferreira et al. 2006).

2.1.3 The inner jet region

In the last years, observations at sub-arcsecond resolution performed in the optical with
HST and through Adaptive Optics (AO) techniques have allowed the jet properties close
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Figure 2.8:[Fe] 1.644µm predicted position-velocity diagram from the cold disc-wind model. In the
x-axis the velocity of the jet is represented while in the y-axis the distance from the exciting source is
indicated. The model reproduces well the presence of an extended HVC and a LVC near the source. Figure
adapted from Pesenti et al. (2004).

to the exiting source to be studied in detail. This kind of study is very important to con-
strain MHD launching models (see Sect. 2.1.1 and Sect. 5.6.1) and probe the excitation
conditions at the jet base, where their properties have not yet been modified by the inter-
action with the surrounding material. Several studies havebeen done so far regarding the
properties near the source of jets from CTTS (see e.g. Lavalley et al. 1997; Dougados
et al. 2000; Woitas et al. 2002; Ray et al. 2007). The kinematics of these jets is usually
characterised by the presence of two or more velocity components at the jet base (Harti-
gan et al. 1995). The more collimated and extended velocity component at high-velocity
(the so-called high velocity component, HVC) can reach a fewhundreds of km s−1, while
the lower excited and collimated component (the so-called low-velocity component, LVC)
has velocities ranging typically from 10 to 50 km s−1. At an average distance of around
50-80 AU from the source, the low-velocity material gradually disappears, while the axial
HVC survives at larger distances (see Fig. 2.7). These kinematical properties have been
predicted by both X-wind and disc-wind models. An example ofa synthetic position-
velocity diagram from the cold disc-wind model of Garcia et al. (2001b) is presented in
Fig. 2.8.

On the other hand, the base of jets from embedded Class I sources is less studied,
due to the high extinction preventing high angular resolution observations in the optical.
Some observational studies of the region within few hundreds of AU from the source have
been, however, performed through observations at NIR wavelengths. The first studies
of Class I jets close to the source revealed that the forbidden emission lines at the jet
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Figure 2.9:Position-velocity diagram of the SVS13, IRAS 04239, L1551,HH34 and HH72 jets near the
source through the H2 2.122µm emission line. On the left panel the continuum of the driving source has
been subtracted leaving only the emission associated with the MHEL regions. The HVC and LVC have
been indicated. Figure taken from Davis et al. (2001b).

base (the so-called forbidden emission line (FEL) regions)show a kinematic structure
very similar to the one found in CTTS jets (see e.g. Pyo et al. 2002; Davis et al. 2003).
This fact indicates that the spread in velocities from a HVC to a LVC is already defined
from very early evolutionary stages. It has been found that Class I jets also present a
high-velocity H2 emission close to the driving source (Davis et al. 2001b, 2002). In
analogy with FEL regions this molecular component has been named molecular hydrogen
emission-line regions (MHEL) (see Fig. 2.9). MHEL regions show, also, a HVC and a
LVC with velocities ranging from 50 to 150 km s−1 and from 5 to 20 km s−1. FEL and
MHEL regions are usually spatially associated. This suggests a common origin for both
regions. The [Fe] emission has, however, higher velocities than the H2 emission and the
ratio between the brightness of the HVC and LVC is also largerfor the [Fe] emission.
Recently, MHEL regions have been also detected in association with CTTS jets (Beck
et al. 2008). The origin of MHEL is still unclear, some studies propose that the H2 HVC
could be formed along the interaction layer of the jet with the surrounding medium, while
the H2 LVC could be formed from the cool outer regions of a disc-wind.

One of the main aims of this thesis is to probe the kinematics and physical properties at
the jet base of Class I objects and compare them with those of CTTS jets (see Sect. 5.6.1).
Predictions derived from MHD jet models (see Sect. 5.6.1) will be also tested against
observations to see if models developed for more evolved sources can be applied also to
younger protostars.
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2.2 Accretion properties of YSOs

One fundamental parameter describing the accretion activity of a young star is the mass
accretion rate (̇Macc). This parameter is, however, very difficult to be determined directly,
given that the accretion region is not spatially resolved.

In this section, I will briefly describe the principal methods that are usually adopted
to estimate the mass accretion rate and what is so far known about variations of this
parameter with the evolution and stellar mass. The accretion properties of CTTS and
Class I sources are discussed separately in the following, given the different approaches
used for the derivation oḟMacc in the two cases.

2.2.1 Mass accretion in CTTS

The accretion shocks at the protostellar surface release a large amount of energy that is
radiated away as a ultraviolet (UV) and optical continuum. Such a continuum is superim-
posed to the photospheric stellar emission. As a consequence, the photospheric absorption
features of the spectra of YSOs appear “veiled”, that is, they are less deep than those of a
standard star with the same spectral type. The measure of theveiling of CTT photospheric
lines may be used to infer the accretion luminosity (Lacc) responsible for the phenomenon:
the observed flux of the line is fitted by the scaled and dereddened flux of a standard star
with the same spectral type, plus a continuum flux (responsible of the veiling). In this way,
we may simultaneously derive the spectrum of the continuum excess and the extinction
toward the star. Then, thėMacc can be inferred, e.g., from eq. 1.9, where the stellar mass
and radius are estimated fitting a suitable evolutionary track to the position of the TTauri
in the HR diagram. Several authors have used this method to estimateṀacc in TTauri stars
in the Taurus molecular cloud (e.g. Hartigan et al. 1995) finding values ranging from 10−7

to 10−9 M⊙ yr−1.
Gullbring et al. (1998) found that the accretion luminositycan be also derived from

the UV excess luminosity (LUV). In fact, they found a close correlation between Lacc and
LUV as can be seen from Fig. 2.10. ThėMacc determined using this method is similar
to the one found applying veiling measurements being of the order of 10−9 M⊙ yr−1 for
TTauri stars in Taurus (e.g., Hartmann et al. (1998)).

The methods based on optical/UV excess measurements are, however, very sensitive
to extinction corrections and cannot be used to estimateṀacc in highly extincted regions
(as e.g. the Ophiuchus molecular cloud), or embedded objects. Muzerolle et al. (1998)
showed that the luminosity of the Brγ and Paβ lines from CTTSs correlate with accretion
luminosities determined from UV excess measurements. In this way, they derived an
empirical relationship between the Brγ and Paβ luminosities and the accretion luminosity
(Fig. 2.11). The typicalṀacc values obtained are again of the order of 10−8 M⊙ yr−1. They
also tested the method in a sample of extincted Class II sources inρ Oph finding similar
results and confirming the validity of the method.

Measurements oḟMacc for a large number of CTTSs have been done so far (e.g., Muze-
rolle et al. 2003 and references therein) allowing to find interesting correlations between
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Figure 2.10:Relation between the dereddened UV luminosity and the accretion luminosity for a sample
of TTauri stars in the Taurus molecular cloud. Figure taken from Gullbring et al. (1998).

the mass accretion rate and other parameters as the stellar mass and the mass ejection rate
(Ṁ jet). Indeed, different studies have shown a tentative correlation betweenṀacc and the
mass of the central object of the forṁMacc∼M2

∗ (Fig. 2.12). On the other hand,̇M jet/Ṁacc

ratios ranging from 0.1 to 0.01 have been found for accretingTTS (Hartigan et al. 1995).
The large spread in thėM jet/Ṁacc ratio is mainly due to the uncertainty in determining the
Ṁ jet which can be as large as one order of magnitude. Magnetospheric accretion models
(see, Sect. 2.1.1) in which the accretion and ejection phenomena are intimately related
predict a relationship between accretion and ejection of around a 10%.

2.2.2 Mass accretion in Class I sources

At variance with CTTS, the mass accretion rate in Class I sources cannot be derived from
direct measurements of optical and UV excess due to the high extinction towards these
objects. The first estimates oḟMacc in Class I sources came from spherical infall models
(e.g., Hartmann 1998) that derived an average accretion rate of 3×10−6 M⊙ yr−1 assuming
that 2× 105 yr is the time required for a Class I star to acquire the majority of its mass.
The same order of magnitude is found from the modelling of theobserved SEDs using
envelope collapse models and measurements of the envelope masses. These results are
around 2 orders of magnitude larger than the values found forCTTSs as it would be
expected for younger sources in their main phase of accretion.

White & Hillenbrand (2004) were able to observationally estimate Ṁacc in a sample
of Class I sources from the analysis of high dispersion optical spectra of light scattered in
their large cavities. They surprisingly found an averageṀacc of the order of 10−8 M⊙ yr−1,
very similar to the one found in CTTS. In addition, the inferred accretion luminosity
values were only a 25 % of the total bolometric luminosity, whereas for Class I sources it
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Figure 2.11:Relationships between the accretion luminosity and the luminosity of the Brγ and Paβ lines
for a sample of TTS in Taurus. Figure taken from Muzerolle et al. (1998).

should be the main contribution.
Deep IR observations have been able to reveal photospheric absorption features in

some Class I sources (Greene & Lada 2002; Nisini et al. 2005a)making possible to de-
termine the IR veiling. Using this method mass accretion rates that in a few cases reach
10−6 M⊙ yr−1 have been found.

Finally, Ṁacc can be also derived from the luminosity of the Brγ and Paβ lines if one
assumes that the relationships derived by Muzerolle et al. (1998) for CTTS are also valid
for Class I sources. This method turns out to be very useful for highly veiled sources
where also IR photospheric lines cannot be detected. The accretion rate in a few Class I
sources has been measured using this method giving values ofaround 10−8 M⊙ yr−1, again
very similar to the ones found in CTTSs (Muzerolle et al. 1998; Beck et al. 2007). As
in the case of White & Hillenbrand (2004) the accretion luminosities found from these
studies are very low in comparison with the total bolometricluminosity, with Lacc/Lbol

ratios of 0.2-0.3 or even lower.
The discrepancy between the theoretical accretion rates, and thus accretion luminosi-

ties, and the values found from spectroscopic observationsof Class I sources was firstly
noted by Kenyon et al. (1990). They found that the inferredṀacc were too low to form a
sun mass-like star in a few 105 yr, and thus, inconsistent with envelope collapse models.
Indeed, if the infalling envelope is accreting efficiently, then the luminosity from mass
accretion should dominate the photosphere luminosity. Several hypothesis have been pro-
posed to explain the so-called “luminosity problem”. Some authors suggest that Class I
sources are not in their main accretion phase, but instead that the most of their mass have
been already accreted during the Class 0 stage (White & Hillenbrand 2004), while others
propose that Class I objects accrete through outbursts in their mass accretion (Kenyon
et al. 1990; Calvet et al. 2000). Very few studies have been done, however, on the vari-
ability of Class I stars and its origin. Beck (2007) foundṀacc variations of some Class
I sources in her sample when comparing her results with thoseof White & Hillenbrand
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Figure 2.12:Mass accretion rates derived from IR lines as a function of the stellar mass (M∗). Dots and
diamonds showṀacc values derived from the Paβ and Brγ line luminosities. Figure taken from Natta et al.
(2006).

(2004) for the same sources. She suggested, however, that such variations are too large
to be due to outburst increases in the accretion and that the Muzerolle relation derived for
CTTS may not be valid for Class I sources or YSOs observed through scattered light.

Antoniucci et al. (2008) proposed, on the other hand, that anunderestimation of the
extinction toward the source could be the responsible of thelower accretion luminosities
found in Class I sources and, as a consequence, of the inferred low mass accretion rates.
In fact, the uncertainties in deriving the accretion luminosity are dominated by the im-
precision of the extinction values toward the source. If AV is underestimated by about
5 or 10 mag then the Lacc value (found, e.g. from the reddened fluxes of the Brγ or Paβ
lines) is underestimated by a factor 1.9 or 3.7, respectively. In their work, Antoniucci
et al. (2008) studied the accretion properties of a few ClassI sources and found AV values
much larger than the previous measurements. They used the new AV values to dereddened
the Brγ fluxes and employed the Muzerolle relation to compute the accretion luminosity.
They found that Lacc in these sources provides around a 50%-80% of the bolometriclu-
minosity, while previously were estimated to be much lower.Studies of larger samples
are needed, however, in order to extend these results.



Chapter 3

IR spectral analysis of protostellar jets

Spectral diagnostics is a powerful tool to study the properties of regions excited by shocks
and UV photons. Indeed, this technique has been widely used to infer the physical condi-
tions of different astronomical environments, such as planetary nebulae (e.g., Stanghellini
et al. 2003), supernova remnants (e.g., Koo et al. 2007), Active Galactic Nuclei (e.g.,
Sturm et al. 2002) and protostellar jets ( e.g., Bacciotti & Eislöffel 1999). Line diagnostic
was initially applied to derive electron density (ne) and electron temperature (Te) through
the ratio of bright optical lines (see e.g., Osterbrock & Ferland 2006). With time, the use
of more sensitive instrumentation allowed the detection offainter lines. This favoured
the developing of new diagnostics capabilities that put newconstrains on the gas physics
(see, e.g., Bacciotti & Eislöffel 1999; Nisini et al. 2002, 2005b; Podio et al. 2006 and
references therein).

The spectra of protostellar jets, in particular, are very rich in molecular and atomic
emission lines, making these objects ideal candidates to apply spectral diagnostic tech-
niques. The emitting regions in protostellar jets (as knotsand bow-shocks) are formed by
the interaction of a shock front with the ambient medium. Theshock front heats, com-
presses and ionises the gas, favouring its excitation through collisions. This process leads
to radiative emission that helps to cool down the gas. Withinthe cooling region the phys-
ical conditions vary very much giving rise to different ionic and molecular (mostly H2)
lines.

In particular, the IR spectrum of protostellar jets exhibits bright [Fe] and H2 transi-
tions allowing to derive important physical parameters of both the atomic and molecular
component of the jet (Fig. 3.1). In this chapter, the main diagnostic capabilities of the IR
emission lines are briefly described. Although an emphasis on NIR diagnostics through
[Fe] (Sect. 3.2) and H2 (Sect. 3.3) transitions is done, the basic concepts discussed here
can be applied to other species and wavelength ranges.

3.1 Basic concepts and assumptions

Most of the optical and IR lines used for spectral analysis inshocked regions are forbidden
emission lines that can be assumed optically thin and collisionally excited. The first of
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Figure 3.1:Example of a NIR spectrum of the protostellar jet HH240. Several [Fe] lines involving the
first 13 levels of the Fe+ and H2 emission lines are indicated. Figure taken from Nisini et al. (2002).

these assumptions is based on the fact that forbidden lines have small radiative rates,
while the second one is associated with the lack of UV photonsin the shocked regions
of protostellar jets. Following this, the intensity of a line, at frequencyν, connecting two
levels j, i (with Ej >Ei) can be written as,

Iν =
∫

εν ds (3.1)

whereν is the frequency of the line,εν is the volume emission coefficient of the transition
and the integration is taken along the line of sight. The volume emission coefficient is
defined as the energy per unit of volume, per second, per steradian in the emission line,
then,

εν =
hν
4π

n j A j,i (3.2)

whereA j,i is the Einstein A-coefficient of the transition andn j is the number density of
atoms in the levelj. Introducing this expression into eq. 3.1, we have that,

Iν =
hν
4π

A j,i

∫

f j n ds (3.3)

Here, f j = n j/n is the fractional population of the levelj, with n being the total particle
density of the emitting species.
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The level population can be retrieved from the statistical equilibrium equations. The
principal processes involving level population in astrophysical jets are collisional excita-
tion and de-excitation, and radiative decay. Then, the equations of statistical equilibrium
can be written as,

∑

j,i

n jnq j,i +
∑

j>i

n jA j,i =
∑

j,i

ninqi, j +
∑

j<i

niAi, j (3.4)

whereqi, j is the collisional transition rate from leveli to level j (in units of particles
cm−3 s−1), andn is the density of the colliding particles, that in ionised environments are
mostly ne, while in molecular environments are H2 particles. Assuming a Maxwellian
distribution the collisional rate coefficients can be written as,

qi, j =
g j

gi
q j,i exp

(

−
h νi, j

k Te

)

=
8.63× 10−6Ωi, j

gi T 1/2
e

exp

(

−
h νi, j

k Te

)

(3.5)

whereg j andgi are the degeneracy of the levelsj andi, respectively andΩi, j represents
the collision strengths between the indicated levels.Ωi, j over a Maxwellian distribution
(valid for most of the astrophysical scenarios) are independent on electron density and
almost independent on the electron temperature.

Most of the diagnostic analysis involves atoms and molecules with a large number of
levels. For each transition the radiative and collisional probabilities must be determined
in order to solve the set of equations given by eq. 3.4. Here, to get the general idea of the
diagnostic technique, let us assume idealised atoms with only two or three levels.

For the two-level atom, eq. 3.4 leads to one equation. Using eq. 3.5 and denoting as 1
and 2 the upper and lower level, respectively, we obtain,

n2

n1
=

1
1+ A2,1/ne q2,1

g2

g1
exp

(

−
h ν1,2
k Te

)

= b
g2

g1
exp

(

−
h ν1,2
k Te

)

(3.6)

When ne is high enough that the product ne q2,1 is much larger thanA2,1, collisional
deexcitation dominates over radiative deexcitation. Under this condition the population
ratio is determined by collisions and approaches its local thermodynamic equilibrium
(LTE) value withb = 1. When the product ne q2,1 is much smaller thanA2,1, collisional
deexcitation can be ignored and the population ratio between both levels represents a bal-
ance between the collisional excitation and radiative deexcitation, with every collisional
excitation producing the emission of a photon. In this case,b is small and proportional to
ne. These two “regimes” , determined by a low or high enough value of ne, leads to the
definition of a critical density that in a general case can be expressed as,

nc(i) =
∑

j<i

Ai, j/
∑

j,i

qi, j (3.7)

In table 3.1, the critical densities for the upper levels of some useful transitions are
indicated.
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Table 3.1: Critical densities for the upper levels of some forbidden atomic lines.

Species Upper level Transition nc
a

(µm) (cm−3)

FeII 4D9/2 1.644, 1.257 5.6 104

FeII 4D3/2 1.600 4.3 104

FeII 4D7/2 1.533 4.6 104

FeII 4P5/2 0.8617 3.5 104

NII 1D2 0.5754 6.6 104

SII 2D3/2 0.6731 2.5 104

anc values calculated for T=10 000 K.

In the case of a three-level atom, the treatment is simplifiedby neglecting the direct
transitions between the two upper levels, labelled as 2 and 3. As a consequence, the ratios
b2/b1 and b3/b1 are each one given by eq. 3.6. The ratio between the intensityof these two
lines can be expressed as,

I3,1

I2,1
=

n3A3,1hν3,1
n2A2,1hν2,1

=
g3A3,1ν3,1

g2A2,1ν2,1

[

1+ A2,1/neq2,1

1+ A3,1/neq3,1

]

e−E2,3/kT (3.8)

If the electron density is high, the expression in brackets is equal to unity and, then,
the levels are populated according to thermodynamic equilibrium following a Boltzmann
statistics. Therefore, the ratio of intensities equals theratio of the levels population in
LTE multiplied by A3,1 ν3,1/A2,1 ν2,1. On the contrary, if ne is small, the values Aj,i are
cancelled out in the above equation, and by using eq. 3.5 we see that the line ratio equals
q1,3/q1,2. In this case, every excitation is followed by the emission of a photon.

3.2 Diagnostics with [Fe] ratios

Under the physical conditions of molecular clouds, iron is mainly located into dust grains.
Because of that, it has a very low gas-phase abundance. However, iron grains are effi-
ciently destroyed by shocks and by photo-evaporation, releasing iron in gas-phase. The
low ionisation potential of iron (∼7.9 eV) makes it easily ionised and, under the phys-
ical conditions of protostellar jets environments (e.g., low ionisation and temperatures
∼10 000-20 000 K, see Chap. 2), we can assume that it is single ionised. The electronic
configuration of the Fe+ gives rise to several NIR emission lines very useful to diagnose
the jet properties. The brightest lines come from transitions between the4D-4F and4D-6D
terms. A diagram of the first Fe+ energy levels is sketched in Fig. 3.2, where some of
the main transitions have been indicated. In this section, Iwill describe how some useful
physical parameters can be derived from ratios and luminosity of suitable [Fe] emis-
sion lines. Although I am focusing this study to the Fe+ particular case, the same ideas



IR spectral analysis of protostellar jets 29

Figure 3.2:Fe+ energy level diagram of the 16 first levels together with the (3d7) 2P terms. The brightest
transitions are indicated.

presented here can be easily applied to other forbidden emission lines (as, e.g., [S] and
[O ]).

Electron density (ne) and electron temperature (Te)

As a first example of line diagnostics, we consider the ratio of two lines coming from
levels with very similar excitation energies (and thus verysimilar excitation temperature).
An example of this kind of lines are the [Fe] 1.533µm and [Fe] 1.644µm lines, where
both transitions share the same upper-multiplet (see Fig. 3.2).

To simplify, we can consider the transitions as coming from athree-level atom, where
the line [Fe] 1.533µm represents the transition between levels 3 and 1, and the line
[Fe] 1.644µm represents the transition between levels 2 and 1. Then fromeq. 3.8 and
eq. 3.5 at low ne the line ratio can be approximated as,

I1.533

I1.644
=

q(4F9/2→
4D5/2)

q(4F9/2→
4D7/2)

=
Ω(4F9/2→

4D5/2)

Ω(4F9/2→
4D7/2)

(3.9)

Therefore the ratio of lines with very close energy levels equals the ratio of the collision
strengths of the transitions, since the terme−E2,3/kT can be cancelled out. The collision
strengths are independent of ne and also highly independent of the electron temperature
(Te), thus this ratio is a fixed number for low ne.
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Figure 3.3:Theoretical ratio of the [Fe] 1.533 and [Fe] 1.644µm lines calculated for different electron
temperatures (3 000,10000, 20 000 K). Electron temperatureincreases from bottom to top. These transi-
tions come from energy levels with similar excitation energies thus their ratio is independent of electron
temperature and then, very sensitive of electron density. Figure taken from Pesenti et al. (2003).

At variance with the low density case, at high ne the ratio I1.533/I1.644 following eq. 3.8
and eq, 3.5 equals,

I1.533

I1.644
=

q(4F9/2→
4D5/2)

q(4F9/2→
4D7/2)

×
A1.644

A1.533
(3.10)

Then, the ratio of two lines from very close upper-states changes from a minimum at
low ne (low density regime, LDR) to a maximum at high ne (high density regime, HDR).
This means that, while we are in between the LDR and the HDR, this ratio is a good
indicator of the electron density and almost independent ofTe (see Fig. 3.3). Examples of
other suitable line ratios to derive electron density are the [Fe] 1.600/1.644µm and the
[Fe] 1.677/1.644µm.

On the other hand, the electron temperature can be derived using the ratio of lines with
very different excitation temperatures. For example, one can combine lines coming from
the4P terms with those coming from the4D terms. In this case, the lines come from levels
with very different electron temperatures but quite similar critical densities, thus, their
ratio is very sensitive to Te. Examples of this kind of ratios are the [Fe] 2.133/1.644µm
and the [Fe] 0.8617/1.644µm (Fig. 3.4).

Again, let us assume the different transitions as coming from a three-level atom where,
e.g., the [Fe] 0.8617µm line represents a hypothetical transition between levels3 to 1
and the [Fe] 1.644µm line represents a transition between levels 2 and 1. This time,
the ratio between the lines is, however, more complex than the one expressed by eq. 3.8
since transitions between levels 2 and 3 must be taken into account. To derive a simple
result, let us assume that in the LDR every upward collisional excitation is followed by
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Figure 3.4: Diagnostic diagram based on [Fe] lines. On the x-axis the [Fe] 1.644/0.862µm line
ratio (sensitive to Te) is represent, while in the y-axis the [Fe] 1.644/1.533µm line ratio (sensitive to ne
is plotted. Dashed and solid lines indicates ne and Te values of 103, 104 and 105 cm−3 and 4, 5, 6, 8, 10,
15×103 K. Figure taken from Nisini et al. (2005b).

a downward radiative transition and that q1,3/q1,2 ≪1. Therefore, we are ignoring the
population of level 2 produced by radiative transition fromlevel 3. Then using eq. 3.8 and
eq. 3.5 we find that,

I0.862/I1.644 =
q(4F9/2→

4P5/2)

q(4F9/2→
4D7/2)

=
Ω(4F9/2→

4P5/2)

Ω(4F9/2→
4D7/2)

exp ((E4D7/2 − E4P5/2
)/kTe) (3.11)

where E represents the energy of the upper level of each transition and Te indicates the
electron temperature.

In the HDR, the line ratio can be written following eq. 3.8 andeq. 3.5 as,

I0.862/I1.644 =
q(4F9/2→

4P5/2)

q(4F9/2→
4D7/2)

A0.862

A1.644
=
Ω(4F9/2→

4P5/2)

Ω(4F9/2→
4D7/2)

A1.644

A0.862
exp ((E4D7/2 − E4P5/2

)/kTe) (3.12)

Thus, the ratioI0.862/I1.644 change from a minimum at LDR to a maximum at HDR, while
in between both values the ratio varies as a function of Te independently of the ne value.

Unfortunately, lines coming from the4P term usually lay in poor atmospheric transi-
tion regions or in the optical regime forcing an optical/IR study of the jet (Nisini et al.
2005b; Podio et al. 2006). In addition, several of these lines have unknown Einstein co-
efficients (as the case of the [Fe] 2.133µm line, usually detected at the jet base), thus,
making impossible their use.
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Table 3.2: Radiative transition probabilities for [Fe] lines taken from different authors.

Line id. λ A j,i

(Q-SST)a (Q-HFR)a (NSS)b (SH)c

[Fe] a4D7/2-a4F9/2 1.644 5.98 5.73 4.65 4.26
[Fe] a4D7/2-a6D7/2 1.321 1.31 1.44 1.33 1.35
[Fe] a4D7/2-a6D9/2 1.257 4.74 5.18 4.83 4.83

Note: Air wavelengths in microns. Aj,i values expressed in 10−3 s−1

aQuinet et al. (1996)
bNussbaumer & Storey (1988)
cSmith & Hartigan (2006)

Visual extinction

Another useful parameter that can be derived from the analysis of [Fe] lines is the
visual extinction (Av). This can be inferred from the ratio of two lines coming fromthe
same upper level. In this case, following eq. 3.3 the line ratio can be written as,

I2

I1
=

A2 ν2

A1 ν1
=

A2 λ1

A1 λ2
10−E(λ2−λ1)/2.5 (3.13)

whereE(λ2 − λ1) is the color excess between the two line wavelengths. Therefore, the
ratio of lines coming from the same upper level is independent on the plasma conditions
and only depends on the frequency and transition probability of the transitions. From
E(λ2 − λ1), Av can be easily retrieved applying an extinction law. [Fe] has several IR
transitions that originate from the same upper level. The brightest ratios that are widely
used are the [Fe] 1.257/1.644µm and the [Fe] 1.322/1.644µm line ratio. The determi-
nation of Av using these lines is affected, however, by uncertainties rising mostly from the
uncertain on the A-Einstein coefficients. In fact, different studies report different radiative
transition probabilities for the same line. In table 3.2, anlist of A-coefficients derived
by different authors for the lines of interest is shown. The extinction derived using the
transition probabilities of Nussbaumer & Storey (1988) is,usually, higher than the one
derived using the Quinet et al. (1996) one. In addition, it has been noted that even us-
ing the same coefficients, different ratios report different extinction values. Indeed, the
[Fe] 1.257/1.644µm line ratio gives higher extinction values (around a factorof two)
with respect to the one obtained from the [Fe] 1.321/1.644µm line ratio using the same
transition probability (Nisini et al. 2005b; Giannini et al. 2008).

The ratio of lines with the same upper level can be in principle used to experimen-
tally determine the radiative transition probabilities ifthe extinction is previously known.
Smith & Hartigan (2006) have applied this method to empirically derive the transition
probabilities of several [Fe] lines from a spectrum of P Cygni (some of the derived val-
ues are reported in the last column of Table 3.2). The experimental values are different to
the ones theoretically calculated, but very similar to the ones derived from Nussbaumer
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& Storey (1988).

Iron abundance

From the [Fe] lines it is also possible to probe the degree of grain destruction in
jets. In fact, comparing the absolute gas-phase iron abundance in the region of study
with the solar iron abundance, one can infer the percentage of iron still located in grains.
This is done by comparing the emission of [Fe] with the one of a non-refractory species
of known abundance. A very suitable ratio is the one between the [Fe] 1.257µm line
and the [P] 1.188µm line (Oliva et al. 2001). These two lines are very close in wave-
length and thus, their ratio is poorly affected by extinction. In addition, both lines are
excited under similar conditions and can be assumed in the first ionised state at similar
percentage. Assuming a solar abundance for both elements, the ratio between both lines
is [Fe] / [P ]∼1/2 [Fe/P]∼56. Then, any measured shift to this value indicates that some
of the iron is located in grains. There are several evidencesof iron located in grains along
protostellar jets. This fact may suggest the presence of robust dust grains that need fast
shocks to be destroyed (Nisini et al. 2005b; Podio et al. 2006).

3.3 Diagnostics with H2 lines

H2 is the most abundant molecule in molecular clouds. It is, however, very difficult to ex-
cite, as previously mentioned in Chap. 1.1. Nevertheless, it is well observed in photodis-
sociation regions (PDR, where it is radiatively excited) and shocks (where it is mainly
collisionally excited) giving us information about the physical properties of the medium.
In the case of protostellar jets, the main H2 excitation process is the collision with other
H2 molecules or neutral H.

The molecular hydrogen can be found in two different states, the ortho-H2 (with paral-
lel proton spins) and the para-H2 (with antiparallel proton spins). An isolated H2 molecule
cannot change from ortho to para state, since radiative decay between the two nuclear
spins state is not allowed. However, the change of state can take place by H2 collisions
with H0, H+ and H+3 . H2 is mainly formed on dust surfaces. The formation of H2 by the
radiative association of two H atoms is not possible under jets conditions due to the high
densities required for the process to occur (n ≥ 1012 cm−3).

Since H2 is a homonuclear molecule, only rovibrational quadrupolartransitions are
allowed. The selection rules of the transitions are∆J = ±2, 0 and∆v = 0,±n, with v and
J being the vibrational and rotational quantum numbers. Typical Einstein A-coefficients
for ro-vibrational transitions with the ground level are A∼10−6-10−7 s−1, while typical
collision rate coefficients for collisions with other H2 molecules are∼10−12-10−11 cm3 s−1.
Thus, the critical densities of H2 are in the range of∼103-105 cm−3. This means that in
the dense environments typical of star forming regions, theH2 lines easily reach the LTE
conditions. The lowest energy quadrupolar transition is the 0-0 S(0)1 at 28.2µm , thus, not

1Spectroscopic notation: the first two numbers indicates thechange in v. The letter represents the branch
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Figure 3.5:Example of a Boltzmann diagram. When the gas is isothermal the value ofln(N(v, J)/gv,J)
for each line falls in a straight line which slope indicates theT−1

ex value. Different symbols represent lines
coming from different vibrational levels. The 1-0S(1) and 1-0Q(3) lines have the sameE(v, J) value, thus
they can be used to estimate the visual extinction (see text). Figure adapted from Caratti o Garatti et al.
(2006).

observed from the ground. The v=1-4 vibrational levels have, however, several transitions
falling in the NIR range of the spectrum. Lines from the v=1 trace temperatures around
2 000 K. One of the brightest lines is the 1-0S(1) at 2.122µm. This line is widely used
to trace the molecular component of protostellar jets (Eislöffel et al. 2000; Giannini et al.
2004; Caratti o Garatti et al. 2006). Temperatures higher than 2000 K can be traced using
lines coming from higher vibrational levels. In the NIR, lines coming from levels as high
a v=5 have been detected in several protostellar jets (Caratti oGaratti et al. 2006; Giannini
et al. 2008) tracing gas temperatures up to∼5 000 K.

In the assumption of LTE emission, the H2 line fluxes can be used to derive some im-
portant physical parameters as the temperature, H2 column density and visual extinction,
through the construction of the so-called Boltzmann excitation diagrams2.

The column density of a given level (N(v, J)) with respect to the total H2 column
density (N(H2)) can be written, assuming a thermal distribution, as,

N(v, J)
N(H2)

=
gv,J

Q
exp(−E(v, J)/kTex) (3.14)

Q =
∑

i

gi e−Ei/KT (3.15)

where Q andgv,J represent the partition function and the statistical weight3. Following

transition (Jup-Jlow), that could be equal to S, Q and O corresponding to∆J=+2,∆J=0 and∆J=-2. Finally,
the number inside the parenthesis indicate the rotational number of the lower factor.

2Boltzmann diagrams can be also named in literature as rovibrational diagrams or excitation diagrams.
3The statistical weight is the product of the nuclear spin statistical weight and the rotational statistical

weight. In equilibrium, this product is equal to 3(2J+1) and (2J+1) in the case of ortho-H2 and para-H2 ,
respectively. Thus, from a statistical point of view, for a fixed temperature, one would expect around three
times more ortho-H2 than para-H2 .
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Figure 3.6:Example of a Boltzmann diagram for a thermalised gas. Different symbols indicate lines com-
ing from different vibrational levels. In this case, the value ofln(N(v, J)/gv,J) for each line follow a curve.
The dashed line represents the theoretical population distribution of a gas at three different temperatures:
520, 2050 and 5200 K. Figure taken from Caratti o Garatti et al. (2008).

eq. 3.3, the column densitiesN(v, J) can be derived from the observed line intensities
I(v, J) through the expression,

Iv,J =
hν
4π

Av,J N(v, J) (3.16)

From eqs. 3.14 and 3.16, it is easy to derive,

ln
N(v, J)

gv,J
= ln

(

4π
hν

Iv,J

gv,JAv,J

)

= −
E(v, J)
kTex

+ ln
N(H2)

Q
(3.17)

This expression indicates that for a isothermal gas, the plot of ln(N(v, J)/gv,J) versus
E(v, J) is a straight line (Fig. 3.5). In addition, the slope of the line is equal to the inverse
of the gas temperature,T−1

ex . From this kind of plot, it is also very easy to derive the
visual extinction. In fact, two lines with the same excitation energy have the same value
of N(v, J)/gv,J and thus should be placed at the same point in the diagram. If ashift
between them is found, then, the flux of each line can be corrected applying different
Av values till they match the same position in the diagram. Examples of the most used
couples of lines are the 1-0S(1)-1-0Q(3) lines (indicated in Fig. 3.5) and the 1-0S(2)-1-
0Q(4) lines. However, the Q lines at∼2.3µm fall in a poor atmospheric transmision region
(more details about the atmospheric transmision in the NIR can be found in Sect. 4.1
and Fig. 4.2.), thus, their fluxes are usually affected by huge uncertainties. In addition,
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Figure 3.7: Sketch of a protostellar jet where the velocity (vt) and length (lt) of a section of the jet
perpendicular to the line of sight is represented.

the 1-0S(i) and 1-0Q(i) lines are placed quite near in wavelength and thus, they are not
sensible enough to extinction variations. The extinction derived from these lines should
be considered then only as an approximate value.

Finally, the total column density,N(H2), can be easily derived from the interception
to zero of the line fitted to the transitions.

We have to take in mind, however, that a straight line can be only fitted if the gas
is thermalised to a single temperature. This is not the case,e.g. in a not resolved post-
shocked region where the temperature decreases from a high value at the shock front to
roughly the ambient medium. In this case, the position of thelines in the diagram is
going to follow a curve where different vibrational levels are characterised by a different
temperature (Fig. 3.6), indicating a temperature stratification.

3.4 Mass loss rates

The mass loss rate (or mass flux rate,Ṁ jet) is a very important parameter since regu-
lates the dynamics of protostellar jets. The comparison betweenṀ jet and Ṁacc helps to
constrain MHD models that predict ejection/accretion rate ratios of∼0.1-0.01 and can be
used to study the evolution of the accretion/ejection phenomenon from early protostars to
CTTS (Hartigan et al. 1995; White & Hillenbrand 2004; Antoniucci et al. 2008).

For a full account of the different methods to derivėM jet from emission lines see e.g.
Dougados (2009). Here, only a description of how to deriveṀ jet from the luminosity of
forbidden emission lines and from the total column density of the H2 is done since these
are the methods used in this thesis.
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Ṁ jet derived from the luminosity of forbidden emission lines

From the luminosity of the forbidden atomic emission lines,it is possible to derive the
mass loss rate for the atomic component of the jet (Ṁ jet). These lines are optically thin
and thus their luminosities are proportional to the mass of the emitting gas (Hartigan et al.
1994). A very intuitive way to define the mass loss rate is fromthe expression,

Ṁ jet = M vt / lt (3.18)

wherevt and lt is the velocity and length of the selected area, for whichṀ jet is going
to be calculated, projected perpendicular to the line of sight (see, Fig. 3.7) and M is the
total mass of the jet section. The velocityvt can be derived from the study of the proper
motions of the jet or from the radial velocities if the inclination angle of the jet with
respect to the plane of the sky is known. On the other hand, thetotal mass, M, can be
written as,M = µmH ηtot. In this last expression,ηtot represents the total number of atoms
within the selected aperture and can be written asηtot = nHV where V is the emitting
volume and nH is the particle density. Then, the mass loss rate is,

Ṁ j = µmH (nHV) dvt/dlt (3.19)

The product (nHV) can be written as,

nHV = nH L(line) ǫ−1
ν = L(line)

(

hνAi fi
Xi

X
[X]
[H]

)−1

(3.20)

In this expression, L(line) is the line luminosity,Xi/X is the ionisation fraction of the
species X, while [X]/[H] represents the total abundance of the species X with respect to
hydrogen.

Ṁ jet derived from the H2 emission line fluxes

The mass loss rate transported by the molecular component (ṀH2) can be also derived
from eq. 3.18. This time the total mass equals,M = µmH ηtot, whereηtot can be written
as,

ηtot = nH V = 2N(H2) A (3.21)

whereA is the cross-sectional area of the jet (see, Fig. 3.7) and N(H2) is the H2 column
density derived from the Boltzmann diagram (see sect. 3.3).Therefore, the expression for
ṀH2 can be written as,

ṀH2 = 2µmH N(H2) A dvt /dlt (3.22)

TheṀH2 value found using this method is a good estimation only if thegas is isothermal.
When the transitions in the Boltzmann diagram cannot be fitted by a single straight line
(that is, when a temperature stratification is present), then, theṀH2 value is just a lower
limit.
The Ṁ jet values derived from eqs. 3.19 and 3.22 are affected by several uncertainties
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mainly concerning the errors on the extinction and distanceof the jet, that affect the
line luminosities. In addition, the deriveḋM jet could be either an upper limit (if there is
entrainment material from the molecular cloud into the jet beam) or a lower limit (if, e.g.,
some of the material of the jet is too cool to emit.).

It is interesting to compare the mass flux rate estimates for the same jet done by means
of different tracers. This has been done by, e.g., Podio et al. (2006) who show that the mass
flux derived directly from [Fe] line luminosity, using the measured tangential velocity,
is always equal of larger than thėM jet value derived from the luminosity of other optical
atomic tracers, such as [S] and [O], in spite of the possibility that part of the iron is still
locked on dust grains. This is probably due to the fact that [Fe] traces a larger fraction
of the total flowing mass than the optical lines, as discussedin Nisini et al. (2005b). At
the same time, it was found that in these jets the mass flux traced by the H2 molecular
component is negligible with respect to the mass flux due to the atomic component.



Chapter 4

Observations

In this thesis, NIR observations taken with ISAAC at VLT of two different set of objects
are presented. The first sample includes several Class 0/I jets located in the Orion molec-
ular cloud and in the Gum Nebula. This sample has been chosen in order to study the jets
of embedded sources and probe their physical properties as close to the central source as
possible. The second set of objects consists of ten Class I sources from theρ Oph molec-
ular cloud. They have been observed in order to study the accretion properties of poor
evolved objects and compare the results with those of more evolved CTTS.

This Chapter begins with a brief introduction on the advantages and limitations of
NIR observations (Sect. 4.1) with respect to optical ones. Alist of the objects and the
main selection criteria for the samples are reported in Sect. 4.2. NIR observations requires
specific acquisition techniques and a careful reduction andcalibration. The basic of these
techniques and a description of the specific observations and main instrument setup are
reported in Sect. 4.3.

4.1 Advantages and limitations of NIR observations

The first observations of protostellar jets through NIR wavelengths date from the 80’s
decade. They mainly consisted in extensive surveys of Herbig-Haro objects through the
H2 2.12µm line (e.g., Bally & Lane 1982; Reipurth & Wamsteker 1983; Zinnecker et al.
1989). The development of much more sensitive IR detectors and the increase in di-
mensions and resolution of the arrays have led to a huge progress in IR observations.
A combination of ground and aircraft observations allowed abetter interpretation of the
physics of protostellar jets and the development of more sophisticated models to explain
these properties. These progresses are expected to be further improved by the recent de-
velopments in higher angular resolution instrumentation at IR wavelengths, as adaptive
optics and interferometry techniques.

NIR observations present important advantages, but also several limitations that should
be considered. One of the most immediate advantage is the limited extinction present at
NIR wavelengths, with respect to the optical and UV ranges. Indeed, the extinction in the
K-band is ten times smaller than at optical wavelengths. This makes NIR a very useful
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Figure 4.1: Image of the HH1 jet taken by HST at four different wavelengths: NIR images in
[Fe] 1.644µm and H2 2.122µm lines, and optical images in [S] 0.6717/0.6731µm and Hα lines. HH1 is
a Class 0 protostellar jet, thus, a very embedded object. Theposition of the source, VLA1 (only detected
at radio wavelengths), is indicated for all the panels. In the x- and y-axis the distance from the source is
represented in arcseconds. The NIR lines trace regions closer to the driven source (down to∼2 ′′) with
respect to the optical ones that only trace gas down to∼6 ′′ from the source. Figure taken from Reipurth
et al. (2000a).

tool to study the inner regions of protostellar jets, especially in embedded sources such as
the Class 0/I (Fig. 4.1).

Several atoms and molecules have a very rich NIR spectrum. Ions as [Fe] , [P ]
and [S] show several transitions falling in the NIR, allowing to trace different physical
conditions of jets (see Chap. 3 for more details). Moreover,gas with temperatures lower
than 5 000 K and densities larger than 104 cm−3 only cool down through NIR atomic and
molecular lines. Thus, NIR studies of protostellar jets areindispensable to understand
the properties of young jets propagating in a dense environment. In contrast, NIR ob-
servations also present several limitations. First of all,the atmosphere emits also at NIR
masking part of the signal from the object. Thus, a very accurate subtractions of the back-
ground emission is needed. The OH lines are the main sky emission below 2.2µm. They
are very bright lines whose fluxes varies both spatially and temporarily. Another problem
comes from the atmospheric transmission (Fig. 4.2). At NIR wavelengths, only few atmo-
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Figure 4.2: Model of the atmospheric transmission spectra of the J, H andK band for Paranal. The
response curve of the narrow band filters available at ISAAC are also plotted. In green is represented part
of the Z filter and in yellow the J filter. The SH and H filters are indicated in magenta and blue, respectively,
while, green and orange represent the SK and Ks filters.

spheric “windows” are accessible from ground, corresponding to the wavelength bands J,
H and K between 1 and 2.4µm. At longer wavelengths the transmission decreases till
∼50% at 20µm while above this limit only satellite or balloon observations are possible.

In addition to the atmospheric limitations, the main limitation on the spatial resolution
that can be reached in the IR come from diffraction. The diffraction disc corresponds to
an angular diameter of,

θ′′ =
1
2

λµm

Dm
(4.1)

whereλµm is the wavelength inµm and D is the diameter of the telescope in meters.
Assuming a 8-m telescope at a wavelength of 2µm, the angular diameter of the diffraction
disc is roughly 0.12′′. On the other hand, the diffraction disc at 0.6µm equals∼0.04′′.
Thus, the angular resolution that can be reached with diffraction limited instruments is
always smaller at IR wavelengths than at optical ones. The angular resolution of IR
instruments can be, however, improved through Adaptive Optics (AO) systems1. The

1Details on AO systems can be found on Esposito & Pinna (2008)
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Table 4.1: The observed sample: HH objects

HH object Source α(2000.0) δ(2000.0) Class D
(h m s) (◦ ′ ′′) (pc)

HH 34 HH34-IRS 05 35 31.0 -06 28 36 I 450
HH 46-47 HH46-IRS 08 25 44.8 -51 03 27 I 450
HH 111 IRAS05491+0247 05 51 44.2 +02 48 34 0 450
HH 212 HH212-MM 05 43 51.5 -01 02 52 0 400

HH1 VLA1 05 36 20.8 -06 45 13 0 460

size of a seeing disc can be expressed asλ/r0, being r0 ∝ λ6/5 the Fried parameter that
represents the length over which the incoming wavefront is not perturbed by motions in
the atmosphere. The seeing at 2µm under good atmospheric conditions is around 0.4-
0.5′′. Thus, the resolution of a 8 m diffraction limited telescope is a factor 4 better than a
seeing limited instrument.

4.2 The sample

The observed sample consists of two set of objects: five protostellar jets and ten Class I
sources. In Tables 4.1 and 4.2, a list of the HH objects and Class I sources is reported,
respectively. The selection criteria for each set of objects are discussed separately below.

HH objects

One of the principal objectives of this thesis is the study ofthe physical properties
and kinematics of Class 0/I jets. With this aim, we have chosen HH objects known to
be strong emitters in the NIR in order to perform medium-resolution (MR) observations
at high signal-to-noise. This allows us to velocity resolvethe line profiles and perform
an accurate analysis of the kinematics and physical properties as a function of the jet
velocity. In addition, the Class I sources were selected in such a way that emission down
to the central source can be detected. The study of jets near to the source (where the
jet properties have not been modified by the interaction withthe surrounding material)
is very important to understand the excitation conditions at the jet base and constrain
ejection models. In particular, the sample is constituted by two Class I and three Class 0
jets located in the Orion and Gum nebulae. They all have been studied through different
wavelengths by several authors (e.g., Reipurth et al. 2000a; Eislöffel & Mundt 1994;
Nisini et al. 2005b; Podio et al. 2006) and are known as “archetypal” jets. A description
of the individual objects will be done in Chap. 5. Since our main tracers are the [Fe]
lines at 1.644µm and 1.600µm, and the H2 transition at 2.122µm, observations in both
the H and K bands have been performed.

Class I sources
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Table 4.2: The observed sample: Class I sources

Source α(2000.0) δ(2000.0) αa Lbol

(h m s) (◦ ′ ′′ ) (L⊙)
WL12 16 24 44.3 -24 34 47.5 2.49 0.8
GSS26 16 26 10.3 -24 20 56.6 -0.46 0.3
WL18 16 26 49.2 -24 38 23.7 -0.93 0.1
WL16 16 27 02.3 -24 37 26.5 1.53 3.4
WL17 16 27 06.8 -24 38 14.6 0.61 0.4
WL15 16 27 09.4 -24 37 18.5 1.69 5.9
IRS43 16 27 26.9 -24 40 51.5 1.17 1.7

YLW16A 16 27 28.0 -24 39 34.3 2.29 1.8
YLW16B 16 27 29.4 -24 39 17 0.18 0.2

IRS54 16 27 51.9 -24 31 45.8 0.03 0.6

aSpectral indexα=dLog(λFλ)/dLog(λ) from Spitzer (2-24µm)

A sample of Class I sources have been chosen to probe the accretion properties of very
embedded objects and compare the derived mass accretion rates to those of more evolved
CTTS. The accretion in embedded objects can be estimated from the luminosity of the
Brγ line (see, Chap. 2), located at 2.166µm. Then, NIR spectra in the K band have been
taken for a set of stars selected on the basis of detection of Brγ emission. In addition, H
and J band spectroscopy has been performed to cover the forbidden emission lines as the
[Fe] 1.644µm line (tracing the jet component) to probe the presence of protostellar jets
associated with these sources and extend the number of ClassI jets traced down to the
central source. All the sources have been selected to belongto theρ Oph molecular cloud
from a study of Greene & Lada (1996). This ensures they form a homogeneous set of
objects at the same distance avoiding possible correlations among quantities having the
same dependence with the cloud distance, as e.g. the luminosity of the lines.

In Table 4.2, the list of the selected sources is presented, together with their coor-
dinates, bolometric luminosities and spectra index of their energy distribution between
2-24µm. This parameter is related, as described in Chap. 1, to the evolutionary state of
the star. All the sources but GSS26 haveα & 0, characteristic of the Class I sources.

4.3 VLT observations

The observations were performed at the ESO VLT telescope on Cerro Paranal, Chile,
using the infrared spectrograph and camera ISAAC (InfraredSpectrometer And Array
Camera) at medium- and low-resolution.

ISAAC is a spectrograph and imager with a wavelength range covering from 1 to
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Table 4.3: Observations: HH objects

Object Date Filter P.A. Resolutiona Total integration time
(◦) (s)

HH34 29/12/2004 SH -15 MR 6900
29/12/2004 SK -15 MR 3300

HH1 28/12/2004 SH 145 MR 5100
28/12/2004 SK 145 MR 3300

HH46-47 29/12/2004 J 57 LR 600
30-29/12/2004 SH 57 MR, LR 7200, 600

29/12/2004 SK 57 MR, LR 3600, 600
HH111 28/12/2004 SH 96 MR 7200

28/12/2004 SK 96 MR 3600
HH212 30/12/2004 SH 22 MR 900

30/12/2004 SK 22 MR 900

aMR and LR observations were performed using a 0.′′3 and 0.′′6 slit width, respectively.

5µm. It is located at the Nasmith focus of UT1 of the very large telescope (VLT) on Cerro
Paranal (Chile). The pixel scale of the camera is 0.147′′/pixel. ISAAC has two arms, the
short wavelength arm (SW) with wavelength range from 0.98µm to 2.5µm and the long
wavelength arm (LW) with wavelength range from 3.0µm to 5.1µm, both able to perform
imaging and spectroscopy. It is possible to take spectra at low- and medium-resolution,
with slit widths from 2′′ to 0.′′3 and length of 120′′(long slit). In Table 4.5 the wavelength
range and nominal resolution for a 0.6′′ and 0.′′3 slits at LR and MR resolution modes,
respectively, are indicated. In Fig. 4.2 the response of thenarrow band filters available
for ISAAC is plotted. ISAAC is equipped with an Argon and a Xenon lamps, used for
wavelength calibration and flat-fielding of the spectra.

Observations of the two set of objects have been carried out in two different runs. The
HH objects were observed on the 28-29-30 December 2004, while the Class I sources
were observed on 15-16-17 June 2006. Tables 4.3 and 4.4 report the list of the observed
objects and main instrument setup.

The data were reduced using standard IRAF2 tasks following the procedure described
in Sect. 4.3.1.

4.3.1 NIR spectra acquisition and analysis techniques

Long slit spectra in the NIR are usually acquired at two positions along the slit. This
technique is known as nodding and allows to subtract the sky contribution to the spectra
(see Sect. 4.1). The standard procedure is to take ABBAAB. . .series of spectra, where A

2IRAF (Image Reduction and Analysis Facility) is distributed by the National Optical Astronomy Obser-
vatories, which are operated by AURA, Inc., cooperative agreement with the National Science Foundation.
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Table 4.4: Observations: Class I sources

Object Date Filter Total integration time
(s)

WL12 15/06/2005 SH 2400
SK 1920

WL15 15/06/2005 SK 240
SH 840

IRS54 16/06/2005 SH 2400
SK 2880
J 2400

WL16/17 16/06/2005 SK 1920
J 2400

SH 2400
IRS43 16/06/2005 SH 2400

SK 1440
YLW16A/B 17/06/2005 SH 2750

SK 2700
GSS26 17/06/2005 SH 1440

SK 900
J 2400

WL18 17/06/2005 SH 1680
SK 1600
J 2400

All the observations correspond to MR spectroscopy performed with a slit width of 0.′′3.

and B indicate the two different acquisition positions along the slit. The exposure time of
each image should be smaller than 5 min to avoid huge variations of the OH lines fluxes.
Then, consecutive images are subtracted one from another creating couples of A-B, B-A
images. In this way, the sky, bias and dark are subtracted andthe result consists in a image
with two spectra, one positive and one negative. Then, all the spectra are combined by
multiplying each image by -1 and adding it back to itself after shifting.

Before combining the images it is necessary to remove the badpixels and cosmic
rays, flat-field and wavelength calibrate the images and correct for the slit distortion. The
wavelength calibration can be done using either lamp lines or OH lines already present
in the spectra. The calibration using OH lines gives more accuracy than the lamp, since
lamp and object spectra are taken separately. This means that the grating position could
be different at the time the target has been observed and the time thelamp spectrum has
been taken. In the case of LR spectra most of the OH lines overlap each other and then
the use of a lamp spectrum is needed. This is also the case of spectra where the number
of OH lines is not enough to cover properly the frame. The MR spectra presented in this
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Table 4.5: Wavelength range and nominal resolution for the J, SH and SK filters of ISAAC
at LR for a 0.′′6 slit and at MR for a 0.′′3 slit.

Wavelength range Filter R(0.′′6) R(0.′′3)
(µm) (LR) (MR)

1.1-1.4 J 860 10500
1.4-1.82 SH 840 10000
1.82-2.5 SK 750 8900

thesis have been wavelength calibrated using the atmospheric OH emission lines, while
an Argon-Xenon lamp was employed to calibrate the LR spectra.

Once all the images have been combined into a single spectralimage, the next step
is to extract the spectra of the region of interest and correct it for the telluric absorption
lines. This is done by dividing the target spectrum by that ofa telluric standard star
previously normalised to the black-body function (at the temperature of the standard star).
The standard star should be taken at the same airmass and instrument setup of the object
and ideally consecutively. The spectral type of the standard should be known in order
to remove its own intrinsic spectral features and obtain spectra of only telluric lines. In
particular, the IR spectra presented in this thesis were corrected by a telluric standard star
of spectral type B.

The last step in the reduction concerns the flux calibration of the spectra. In this case,
observations of a spectrophotometric standard of known magnitude is needed. As in the
case of the telluric standard, the spectrophotometric standard should be observed with the
same instrument configuration and airmass as the target. Then a conversion factor be-
tween counts and flux units is derived by measuring the flux density of the standard.

Position-velocity diagrams (PVDs)

From spectral images of resolved lines it is possible to construct position-velocity
diagrams. PVDs are a very useful tool to study the velocity variations and structure along
extended objects, as the case of protostellar jets. These diagrams are constructed by
transforming the wavelength in velocity measurements and reporting the distance of each
of the features along the object with respect to a reference coordinate.

One of the axis of the PVDs of protostellar jets usually represents the distance from
the driving source, while in the other axis is the velocity (Fig. 4.3).

The distance from the source is easily derived from the pixelscale of the instrument
by just converting pixels into arcseconds. The velocity calibration of the spectra is done
considering that,R = c /∆v, whereR is the resolution of the instrument,c is the light
velocity and∆v is the line velocity spread. The effective resolution have been derived
from Gaussian fits to the sky OH emission lines around the interested line. The measured
radial velocities are finally corrected with respect to the LSR taking into account the
proper motions of the jet parent cloud.
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Figure 4.3:PVD for the H2 2.122µm line along the HH111 jet (on the left). On the x-axis the velocity
with respect to the LSR is represented, while on the y-axis the distance from the source is reported. For
comparison a narrow band H2 image of the jet is presented on the right. Figure taken from Davis et al.
(2001a).

In particular, PVDs of the [Fe] 1.644µm and H2 2.122µm lines have been con-
structed for each object assuming a vacuum wavelength of 16439.981Å (Johansson 1978)
and 21218.3 Å (Bragg et al. 1982), respectively. The resultsare presented in Chap. 5.





Chapter 5

Velocity resolved diagnostics of Class 0/I
jets.

In this chapter I will describe the analysis performed on theISAAC spectra of the sample
of jets, comprising two Class I (HH34 and HH46-47) and three Class 0 sources (HH1,
HH111 and HH212), as described in Chap. 4.

HH34 and HH46-47 are two classical jets where the region close to the source is,
however, optically not visible. The kinematics and physical properties of this inner jet
region can be studied in detail through NIR diagnostic lines, as described in Chap. 3.
In particular, the analysis in this thesis has been focused on the derivation of physical
properties in the different velocity components of the jet. This diagnostic will be then used
to compare the physical parameters of Class I and CTTS jets, and to constrain existing jet
ejection models.

On the other hand, the observed Class 0 jets are so embedded that the central region
is obscured even at NIR wavelengths. The jet is, however, seen when it emerges from the
dense circumstellar envelope, usually few hundreds of AU away from the driving source.
It is therefore possible to apply the same analysis performed on the Class I jets: the high
sensitivity of the ISAAC instrument, in particular, have allowed to probe inner knots not
previously detected and thus to derive the physical properties as close as possible to the
jet basis.

In the following the results on the different observed objects are presented separately
in Sections from 5.1 to 5.5. Finally in Sect. 5.6 a summary of the Class I jet properties near
the source and a general discussion about the properties of Class 0/I objects are reported..

5.1 HH34

The HH34 jet is a well-known protostellar jet located in the L1641 cloud near the Orion
nebulae at a distance of∼460 pc. It is known to be a parsec-scale flow (Eislöffel & Mundt
1997) being studied at optical (e.g., Reipurth et al. 2002) and IR wavelengths (e.g., Podio
et al. 2006). The driving source, HH34IRS, is an embedded Class I protostar detected by
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Figure 5.1:Three-colour composite image of the HH34 jet based on CCD frames taken with the ESO
instrument FORS2 at VLT. The composite was taken through three different filters: B (here rendered as
blue), Hα (green) and [S] (red). North is up and East is left. The two bow-shocks HH34 Nand HH34 S
are indicated in the figure, together with the HH34 jet. Figure taken from Eso Press Release 17/99.

IRAS and at submm/mm wavelengths (Cohen & Schwartz 1987; Reipurth et al. 1993).
This source is actively accreting, having a mass accretion rate of∼4×10−6 M⊙ yr−1 (Anto-
niucci et al. 2008). Only the blue-shifted jet has been observed in the optical. It consists in
a chain of knots ending with a spectacular bow-shock, HH34S,at a distance of 100′′ from
the source. The counter bow-shock is also observed at a similar distance from the source
(Fig. 5.1). At NIR wavelengths the [Fe] and H2 emission lines trace a fast, collimated
and high-excited jet and a slow, low-excitation molecular wind, respectively (Davis et al.
2001b, 2003; Takami et al. 2006). Optical IFU 2D spectra of the knots far from the cen-
tral source have been performed by Beck et al. (2007), while Podio et al. (2006) combine
optical and NIR spectra to derive several physical parameters along the jet beam. Finally
the HH34 jet interact with the ambient medium forming a weak CO outflow mapped by
Chernin & Masson (1995).

In the following, a list of the main detected lines, and the kinematics and physical
properties along the flow are presented.

5.1.1 Detected lines

Figure 5.2 reports the continuum-subtracted K-band spectral images showing the different
emission lines found in the HH34 jet from the ISAAC observations (see Chap. 4), while
the most prominent identified lines are listed in Table 5.1. In the H-band spectral seg-
ments, only the [Fe] 1.5999 and 1.6440µm lines have been detected. Only the lines that
are spatially resolved along the jet direction are reported: additional transitions,such as
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Figure 5.2:Continuum-subtracted K-band spectral images of the HH34 jet. Offsets in arcsec are with
respect to the HH34-IRS driving source.

HI lines and CO transitions mostly from permitted species, such as HI lines and CO tran-
sitions, have been detected (Antoniucci et al. 2008). Alongthe HH34 jet, several [Fe]
lines have been detected. In addition to the 1.600µm and 1.644µm lines, also transitions
at higher excitation energies, i.e., the 2.133µm line connecting the2P and4P terms (see
Fig. 3.2) and the 2.224µm line (detected for the first time), originating from the2H term,
have been observed. These transitions, with excitation energies in excess of 25 000 K
probe high-excitation regions, such as those found at the jet base or in high-velocity shock
interaction (see also Takami et al. 2006).
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Table 5.1: List of detected lines

Line id. λa

[Fe]a4D3/2 − a4F7/2 1.5999
[Fe]a4D7/2 − a4F9/2 1.6440
[Fe]a2P3/2 − a4P3/2 2.1333
[Fe]a2H11/2 − a2G9/2 2.2244

H2 1-0 S(1) 2.1218
H2 1-0 S(0) 2.2235
H2 2-1 S(1) 2.2477

Brγ 2.1661

aVacuum wavelengths in microns.

5.1.2 [Fe] and H2 kinematics: large scale properties

In order to study the kinematics of the jet in both the atomic and molecular compo-
nents, position-velocity diagrams (PVDs, see Chap. 4.3.1)of the [Fe] 1.644µm and H2

2.122µm emission lines have been constructed (Fig. 5.4). The velocity is expressed with
respect to the local standard of rest for both PVD. A parentalcloud velocity of 8 km s−1

has been adopted (Anglada et al. 1995), and subtracted in thefinal PV velocity scale.
Distance scales (in arcsec) have been measured with respectto HH34 IRS.

The intensity scale is different in the PVDs of the blue and red-shifted lobes as ev-
idenced by the relatively weak red-shifted emission. The redshifted counterpart of the
HH34 jet is clearly detected in the spectral images. The blue-shifted emission knots have
been named from A to L, following the nomenclature of Eislöffel & Mundt (1992) and
Reipurth et al. (2002) (Fig. 5.3). There is not emission detected, however, from the knot
B, since this knot is not aligned with the main jet axis, as evidenced in Reipurth et al.
(2002). The next knots observed are the knots C and D, which are grouped together as
knot C. The red-shifted knots which are located at approximately symmetric positions
with respect to the corresponding blue-shifted knot have been detected for the first time
here and name from rA to rH.

The values of the [Fe] and H2 1-0S(1) peak velocities have been computed applying a
Gaussian fit to the line profile of every blue and red-shifted knot emission, and listed them
in Table 5.2. In the knots closer to the star, where two velocity components have been
identified, their peak velocity has been measured separately considering a two-Gaussian
fit. The [Fe] radial velocities in the blue lobe cover a range from -92 to -108 km s−1,
which is consistent with the values measured by Takami et al.(2006) and Davis et al.
(2003), who found a range in radial velocities for the blue lobe from -90 to -100 km s−1,
corrected for a cloud velocity of 8 km s−1. From knots A6 to I the blueshifted radial veloc-
ity increases from∼-92 to∼-100 km s−1, passing through a maximum at∼ −108 km s−1,
then decreases again down to∼-92 km s−1at knot K. Finally, it increases in knot L to∼-
98 km s−1. Errors in relative velocities are estimated to be of the order of 2 km s−1, since
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Figure 5.3:Contours plot of the HH34 jet as seen in [S] from the WFPC2 camera on HST. The knots
along the jet are identified. Figure taken from Reipurth et al. (2002).
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Figure 5.4:Continuum-subtracted PV diagrams of the [Fe] 1.644µm and H2 1-0S(1) emission lines for
the blue and red lobe of the HH34 jet. A P.A. of -15◦ was adopted. Contours show [Fe] 1.644µm intensity
values of 5, 15, 45, 135, 405σ for the blue lobe, and 5, 10, 20, 40, 80σ for the red lobe. The contours
plotted on the H2 1-0S(1) PVDs show values of 5, 15, 45, 135, 405σ for both lobes. On the Y-axis the
distance from HH34 IRS is reported.

our wavelength calibration has an uncertainty of 0.1Å. The [Fe] radial velocity along the
red lobe shows a similar behaviour. The velocity roughly increases from the knot closest
to the source, rA, to the knot rB, from∼130 km s−1 to ∼140 km s−1, then decreases down
to a value of∼96 km s−1. Table 2 reports the velocity dispersion of the [Fe] emission,
measured from the FWHM of the Gaussian fit, deconvolved for the instrumental profile.
In knots A6-A3-A1, where different velocity components are evident (see Sect. 5.1.3) the
reported velocity dispersion refers to the brightest component at high velocity. Intrinsic
line widths of the order of 35-40km s−1 are observed all along the jet. Under the as-
sumption that the line emission arises from unresolved shock working surfaces, the shock
velocity is roughly given byVs ∼ ∆V(FWZI)∼ 2×∆V(FWHM), following Hartigan et al.
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(1987). This implies shock velocities of the order of 70-80km s−1, thus much higher than
the value of∼30km s−1 estimated by Hartigan et al. (1994) on the basis of the comparison
of optical line ratios with shock models. Indeed, shocks with speeds as high as 80km s−1

are expected to produce a strong ionisation, on the order ofxe ∼ 0.3− 0.4 (Hartigan et al.
1994), while Podio et al. (2006) measured an average ionisation along the HH34 jet of
only 0.04. Therefore, it seems that the line widening is determined not only by the shock,
but also by, e.g., a lateral expansion of the jet.

The H2 radial velocities have a range from -89 to -110 km s−1 for the blue lobe and an
average value of∼+115 km s−1 for the red lobe. The H2 line profile is resolved all along
the jet, with∆V values of the order of 10-30 km s−1 .

Also, the H2 radial velocities show cyclic variations on small scales along the jet with
an increase of roughly 20 km s−1 from knot A6 to knot E and a subsequent decrease of
the same order at knot K.

It is known that the HH34 jet presents velocity variability on large and small spa-
tial scales. Raga & Noriega-Crespo (1998) and Raga et al. (2002) have shown that to
reproduce the velocity pattern observed at different epochs, a model of variable ejec-
tion velocity including three modes with different periods is needed. The fastest of these
modes can be represented with a sinusoid having a period of 27yrs and an amplitude of
∼15 km s−1. This is roughly consistent with the observed velocity pattern, that is repro-
duced quite closely by both [Fe] and H2 and by the red-shifted and blue-shifted gas,
clearly indicating its origin from ejection velocity variability. The velocity pattern ob-
served at large distance may, however, be biased by the change in the jet axis direction
that occurs at d∼5′′ from the source, coupled with the widening of the jet diameter (up to
∼0.′′6 at∼20 arcsec from the source, Reipurth et al. 2002). Adopting aninstrumental slit
of only 0.′′3, part of the kinematical components of the jet may not be properly probed by
this observations.

5.1.3 [Fe] and H2 kinematics: Small scale properties

Close to the central source, the [Fe] lines broaden and emission at lower velocities, down
to 0 km s−1, appears within∼3′′ from the central source (Fig. 5.5). Inside∼1′′ emission
also at positive velocities is detected, reconnecting withthe spatially resolved red-shifted
knot rA. This central region was already observed in [Fe] and H2 by Davis et al. (2001b,
2003) and Takami et al. (2006). Our observations have, however, a better spatial resolution
than Davis et al. (2001b, 2003) and are much deeper than thoseof Takami et al. (2006),
who did not detect the [Fe] redshifted component at the jet base. We name the high
blue-shifted velocity corresponding to the large scale jetas the high velocity component
(HVC) and the emission component from 0 to∼50 km s−1 as the low velocity component
(LVC), in analogy with the HVC and LVC observed in the forbidden emission line (FEL)
regions of T Tauri stars (see Sect. 2.1.3).
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Table 5.2: Observed radial velocities along the HH34 jet.

Blue lobe Red lobe

[Fe] 1.64µm H2 2.12µm [Fe] 1.64µm H2 2.12µm
Knot rta HVCb LVCb HVCb LVCb Knot rat HVCb LVCb

A6 0.0 -92 (46) -52 -89 (30) -4 rA +1.0 +133 (43) +10
A3 -3.0 -98 (37) -67 -98 (17) -15 rB +7.3 +141 (51)
A1 -4.5 -93 (37) -68 -95 (12) -7 rC +12.3 +128 (58)
C -9.0 -92 (43) -94 (12) -7 rD +15.0 +108 (35)
E -12.5 -108 (44) -110 (8) rE +17.4 +96 (43)
F -15.2 -100 (43) -107 (12) rFG +21.0 +96 (46) +113 (26)
G -17.2 -106 (43) -111 (8) rH +25.4 +100 (35) +115 (21)
I -20.0 -100 (43) -105 (24)
J -22.1 -96 (43) -99 (19)
K -24.8 -92 (44) -92 (26)
L -28.9 -98 (26) -99 (19)

aDistance from the source in arcsec given by the mean value in the adopted aperture. Negative values
correspond to the southeastern, blue-shifted jet axis.

bRadial velocities (in km s−1 ) with respect to the local standard of rest and corrected fora cloud velocity
of 8 km s−1 . The radial velocity error is 2 km s−1 . The velocity dispersion (in km s−1 ), measured from the
line FWHM deconvolved for the instrumental profile, is reported in brackets for the HVC.
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Figure 5.5:Continuum-subtracted PV diagrams for the [Fe] 1.644µm and H2 1-0S(1) emission lines of
the HH34 jet in the region nearest to the source. A P.A. of -15◦ was adopted. Contours show values of 5,
15, 45, 135, 260σ for both lines. On the Y-axis the distance from HH34 IRS is reported.

At variance with [Fe], the H2 PVD shows spatially- and kinematically-separated
LVC and HVC, and only the LVC is visible down to the central source. This component is
close to 0 km s−1 LSR velocity and the blue-shifted and red-shifted jets differ by less than
10 km s−1. The HVC appears at a distance of 2′′ from the central source, at the position
of the knots A6 and rA. At intermediate velocities between these two components, no
emission is seen in the H2 PVD. This suggests that the two components correspond to
physically distinct regions. The origin of the H2 HVC and LVC will be further discussed
in Sect. 5.6.1.

5.1.4 Diagnostics of physical parameters

Electron density

The electron density in the atomic jet component can be derived from the ratio of the
[Fe] 1.600/1.644µm lines as explained in Chap. 3. This ratio is sensitive tone values
between∼103 and 105 cm−3, while it depends only weakly on the temperature (e.g. Nisini
et al. 2002). Taking advantage of the velocity resolved profiles in both the [Fe] 1.644
and 1.600µm lines, the electron density has been measured in the different velocity com-
ponents. To do that, the spectra of the two lines at different positions along the flows
have been extracted. Then, the 1.600µm/1.644µm intensity ratio in each pixel along the
spectral profile has been measured. Figure 5.6 shows the normalised profiles of the two
[Fe] 1.644µm and 1.600µm lines and their ratio as a function of velocity for four knots
along the HH34 jet, while in Appendix– plots of the other knots are reported. The spatial
intervals used to extract the spectra of the individual knots are given in Table 5.3. The



58

Figure 5.6:Normalised line profiles (lower panels) of the [Fe] lines 1.644µm (solid line) and 1.600µm
(dotted line), and their ratio in each velocity channel (upper panel) for different extracted knots along the
HH34 jet. Note that rA is a region that includes the knot rA.

[Fe] line ratio has been computed only for the velocity points where the intensity in
both the lines has been measured with a S/N larger than three. This ratio gives a quali-
tative indication on howne varies in the different velocity components, that is, a higher
ratio indicates a higher electron density. In the internal knots of HH34 (from A6 to A3)
the 1.600µm/1.644µm ratio decreases by∼70% going from∼-50 km s−1 to -100 km s−1.
In the knots farther from the central source (e.g., knot F), on the other hand, the maximum
1.600µm/1.644µm ratio is observed at the radial velocity peak, with some evidence that
the ratio decreases in the line wings at both higher and lowervelocities.

In addition, the contribution from the HVC and LVC of the jet has been separated in
the line profile to have a quantitative determination of the electron density in the different
velocity components. The ratio values have been converted into ne values applying a 16
level Fe+ statistical equilibrium model (Nisini et al. 2002). In HH34, HVC and LVC
velocity ranges have been defined from the profile of the 1.600µm line of knot A6, where
the two components have been fitted with a two-Gaussian fit. The line ratios have been
then measured considering the intensities integrated in the FWHM ranges of these two
Gaussian also for all the other knots. The considered velocity bins are from∼-120 km s−1
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to ∼-66 km s−1 (HVC) and from∼-66 km s−1 to ∼-7 km s−1 (LVC). The adoptedAv and
Te values are given in Table 5.3, together with the derived electron densities in the two
components. Figure 5.7 plots the derived values of ne as a function of the distance from
the source. The first trend that can be noticed is a sharp decrease of the HVC electron
density (from∼104 to ∼ 2 × 103 cm−3) from the knot A6 to the other knots at distances
farther than 2.′′5 from the source. Such a decrease inne has also been observed in Podio
et al. (2006) and the values they derived, scaled for the different considered spatial regions
observed through slits of slightly different width, are consistent with our measured values
for ne. In the red-shifted knot rA, which is the only knot where significant [Fe] 1.600µm
emission has been detected in the red-lobe, a value forne ∼ 1.2× 104 cm−3 is found, i.e.,
comparable to the value derived in knot A6. Secondly, as shown in Fig. 5.7, the values for
ne in the LVC are higher than in the HVC: in knot A6, the LVC electron density is 2.2×104

cm−3, i.e., 70% higher than in the HVC. About the same percentage is measured in knots
A1 and A3. From the information in our data, we are unable to disentangle whether the
larger electron density in the LVC with respect to the HVC is due to a higher total density
or to a higher ionisation fraction.

In the outer knots, i.e., from C outwards, high and low velocity components cannot be
distinguished any more. Instead, the density here seems to have the opposite behaviour,
with the higher density at the velocity peak and the lower densities in the line wings. The
analysis performed in these knots located far from the source could, however, be affected
by a not-perfect alignment of the slit with the jet axis and bythe intrinsic jet width larger
than the slit, as discussed in Sect. 5.1.2. Nevertheless, such a pattern agrees with the
results obtained by Beck et al. (2007) using integral field spectroscopy of this part of the
jet. They found that both the velocity and the electron density decrease with distance from
the jet axis. Such behaviour is consistent with models for jet internal working surfaces.

Mass loss rate

The mass loss rate in the different velocity components has been also derived to examine
which of them is transporting more mass in the jet. The derived Ṁ jet values together
with the parameters adopted are reported in Table 5.3, whilein Fig. 5.7, the HH34Ṁ jet is
plotted for the HVC and LVC as a function of the distance from the central source.

TheṀ jet value was obtained from the luminosity of the [Fe] 1.644µm line, adopting
the relationship derived for forbidden emission lines described in Sect. 3.4. In addition, all
iron has been supposed to be ionised, and with a solar abundance of 2.8× 10−5 (Asplund
et al. 2005) implying that iron is all in gas phase. To computethe fractional population,
the ne values derived separately for the LVC and HVC have been used,while a single
temperature for both components has been assumed equal to 7000 K for HH34. This
temperature is given by the average value derived by Podio etal. (2006) in knots from E
to I . Tangential velocity values have been derived from the radial velocities assuming an
inclination angle instead of taken the proper motions values already computed in litera-
ture. For HH34, an inclination angle with respect to the plane of the sky of i=22.◦7±5◦

(Eislöffel & Mundt 1992) has been assumed. The inclination angle derived by Eislöffel
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Figure 5.7:The electron density (upper panel) and mass flux (bottom panel) are represented as a function
of the distance from the source for the HH34 jet. Solid circles indicate the the electron density and mass
flux for the HVC, while open circles refer to the values of the LVC.

& Mundt (1992) is preferred to the value of i=30◦ estimated by Heathcote & Reipurth
(1992), who did not consider the pattern motion of the jet knots. The resulting tangential
velocities of the HVC derived here are listed in Table 5.3. The velocities derived for the
internal knots are smaller (by∼20-50 km s−1 in knots A6-A3) and larger in the more dis-
tant knots than the values derived by the proper motion analysis of the [S] emission by
Reipurth et al. (2002). In particular, no evidence for a deceleration of the jet is detected
as shown by Reipurth et al. (2002), and the velocity remains higher than 200km s−1 along
the jet length. This could be an indication either that the inclination angle does not remain
constant along the jet, or that the [Fe] line has a kinematical behaviour different from
[S ]. Finally, the luminosity of the [Fe] 1.644µm line has been computed by integrating
the extinction corrected flux of the knot in the same range of velocity used to calculate
the electronic density.

The mass flux rate in the LVC (̇M jet (LVC)) is lower thanṀ jet (HVC) by a factor of
about 10. TheṀ jet (HVC)/ Ṁ jet (LVC) ratio does not reflect the derivedne ratio in the
two components, indicating that the (nHV)× vt product is significantly smaller in the LVC
(around 8 times) than in the HVC. Since the difference in tangential velocity between
each component is not enough to justify such a result, the larger Ṁ jet (HVC) indicates a
significant higher (nHV) product in the HVC, i.e, the HVC has either an emission volume
or a total density larger than the LVC, or both. This result could be biased by the finite slit
width with respect to the jet diameter. In fact, the jet widthmeasured only by HST in the
optical lines is less than 0.′′3 up to a distance of 5′′from the source (Reipurth et al. 2002).
In addition, the jet emission in the LVC could be broader thanthe jet width derived from
velocity-integrated emission maps, as observed, e.g., in DG Tau (Bacciotti et al. 2000).
This effect probably does not account for the difference of nearly two orders of magnitude
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in derived mass-loss rates for the LVC and HVC in the inner regions of HH34, but the
derived mass-loss rates for the LVC are likely lower limits.It has to be also noted that
the reported values oḟM jet(HVC) remain roughly constant (∼ 5× 10−8 M⊙/yr) along the
whole jet as expected in steady jet flows. This fact excludes significant flux losses as the
jet opening angle increases.

The mass flux derived for the internal knot A6 is very low, muchsmaller than theṀ jet

value in knot A3. This is likely due to the fact that the same extinction value of 7.1 mag
has been assumed for both knots, as estimated by Podio et al. (2006) as an average over
the entire knot A, i.e., over 4′′. The extinction value on-source has been estimated to be
about 45 mag (Antoniucci et al. 2008): therefore, a large dust column density gradient
is expected in the inner jet region. Assuming an AV lower limit of 7.1 mag also in the
red-shifted component rA, a lower limit foṙM jet of ∼ 1×10−9 M⊙ yr−1 is found. It should
be finally noted that theṀ jet determined here for the HH34 jet agrees fairly well with
the velocity integrated values estimated in Podio et al. (2006). The same authors derived
an iron gas phase abundance from the [Fe][P ]ratio (see, Chap. 3) along the HH34 jet
of (Fe/H)gas ∼3.67×10−6. This means that around a 87% of the iron is located in grains
along the jet and implies that the values presented in Table 5.3 are lower limits of the
actualṀ jet. If this new iron gas-phase abundance is used in instead of the solar one, an
averageṀ jet value of∼2×10−7 M⊙ yr−1is found, almost a factor 4 larger than the previous
estimation.

It is interesting to compare the derived mass flux rates with the source mass accretion
rate, to estimate thėM jet /Ṁacc efficiency in embedded young sources. Antoniucci et al.
(2008) have derived a mass accretion rate of the order of 4.1×10−6 M⊙ yr−1 for HH34 IRS.
This would imply Ṁ jet /Ṁacc ≥ 0.01 if assuming no dust depletion oṙM jet /Ṁacc ∼ 0.03
assuming the iron gas abundance from Podio et al. (2006). These values are in agreement
with what is found in T Tauri stars and predicted by MHD jet launching models (e.g.,
Ferreira et al. 2006).
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Table 5.3:Ṁ jet along the HH34 jet.

Knot rt
a AV

b V t(HVC)c ne(HVC)d Ṁ jet(HVC)e V t(LVC)c ne(LVC)d Ṁ jet(LVC)e

(′′ ) mag (km s−1 ) (103 cm−3) (M⊙ yr−1) (km s−1 ) (103 cm−3) (M⊙ yr−1)

A6 (-2.6,+0.9) 7.1 218 10.5 5.2× 10−8 124 22.5 6.6× 10−9

A3 (-3.8,-2.6) 7.1 232 1.8 8.3× 10−8 159 5.0 2.0× 10−9

A1 (-5.4,-3.8) 7.1 220 1.8 3.3× 10−8 162 5.0 1.3× 10−9

C (-9.9,-8.0) 7.1 218 1.2 4.4× 10−8

E (-14.1,-11.0) 1.3 255 1.8 5.9× 10−8

F (-16.6,-14.1) 1.3 236 1.8 5.0× 10−8

G (-17.8,-16.6) 1.3 251 2.5 1.0× 10−7

I (-21.0,-19.2) 1.3 236 2.5 4.2× 10−8

J (-23.3,-21.0) 1.3 227 1.2 3.9× 10−8

K (-26.1,-23.5) 1.3 217 1.5 1.0× 10−8

L (-30.3,-27.5) 232
rA (0,+2.0) 7.1 218 12.0 2.2× 10−9

aDistance from the source in arcsec. Negative values correspond to the southeastern, blue-shifted jet axis.
bVisual extinction from Podio et al. (2006).
cTangential velocity assuming an inclination of the jet i=22.◦7 to the plane of the sky (Eislöffel & Mundt 1992).
dElectron density for the HV and LV components.
eṀ jet for the HV and LV components assuming an electron temperature of 7000 K, and all Fe is in gas phase.
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Figure 5.8:HST image of the HH46-47 jet combining two WFPC2 images at [S] and Hα wavelengths.
Only the blue-shifted lobe of the jet is detected. The position of the source HH47 IRS is indicated together
with some bright knots. North is up and East is left.

5.2 HH46-47

5.2.1 Object description

The HH46-47 jet is located in a Bok globule close to the Gum nebulae at a distance of
∼450 pc. It consist in a blue- and red-shifted jet, the latter detected at IR wavelengths
down to the central source, that emerges from a reflection nebulae. The source, HH47IRS
is a Class I object that actually consists in a binary system separated by 0.′′26 (Reipurth
et al. 2000b). The present of a close binary system makes HH46-47 a precessing jet with
a well-defined wiggling structure clearly seen at optical wavelengths (Fig. 5.8). The two
lobes of HH46-47 end in two bow-shock structures, the HH47A and HH47C. In Fig. 5.9
a H2 2.12µm continuum-subtracted image of the HH46-47 jet is represented. The ISAAC
slit position is depicted over the image, where only the knots covered by the slit are
indicated. At the source position a negative residual from the continuum subtraction is
present. The HH46-47 jet is at the border of the Bok globule and powers an atomic and
molecular bipolar flow. The north-eastern (blue-shifted) portion of the flow is detected at
optical wavelengths while the counterjet is better detected in the infrared since it moves
into the globule. In fact, we have identified the red-shiftedknots Z1, Z2, X, Y1, Y2 and
Y3 and the blue-shifted knots HH46-1, HH46-2 and B8. We have named the knots
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Table 5.4: Lines observed in the knot Z1 of the HH46-47 jet.

Line id. λ F ∆F Line id. λ F ∆F
10−16 erg cm−2 s−1 10−16 erg cm−2 s−1

[Ti ] 2G7/2-4F7/2 1.140 8.3 3.5 [Fe] a4D3/2-a4F3/2 1.797 9.8 1.1
H2 2-0 S(1) 1.162 5.8 2.2 [Fe] a4D5/2-a4F5/2 1.800 7.1 0.8
[P ] 3P2-1D2 1.188 3.5 1.0 [Fe] a4D7/2-a4F7/2 1.810 38.2 2.1
H2 4-2 S(5) 1.226 [Ni] a2F7/2-a4F9/2 1.939 11.6 1.0
H2 3-1 S(1) 1.233 H2 2-1 S(5) 1.945 11.0 1.5
H2 2-0 Q(1) 1.238 [Fe] a4D7/2-a4F∗5/2 1.954

[Fe] a4D7/2-a6D9/2 1.257 106.0 0.8 H2 1-0 S(3)∗ 1.958
[Fe] a4D1/2-a6D1/2 1.271 5.9 1.0 H2 2-1 S(4) 2.004 2.7 0.3
[Fe] a4D3/2-a6D3/2 1.279 7.8 0.1 H2 1-0 S(2) 2.034 26.1 0.6
[Fe] a4D5/2-a6D5/2 1.295 11.9 0.9 H2 2-1 S(3) 2.074 8.1 0.5
[Fe] a4D3/2-a6D1/2 1.298 6.7 0.12 H2 1-0 S(1) 2.122 68.5 0.3
[Fe] a4D7/2-a6D7/2 1.321 306 0.8 H2 2-1 S(2) 2.154 3.9 0.3
[Fe] a4D5/2-a6D3/2 1.328 8.4 0.9 [Fe] b2F5/2-a2F∗7/2 2.224
[Fe] a4D7/2-a6D5/2 1.372 71.7 1.0 H2 1-0 S(0)∗

[Fe] a4D5/2-a4F9/2 1.534 173.0 0.7 H2 2-1 S(1) 2.248 8.5 0.5
[Fe] a4D3/2-a4F7/2 1.600 10.6 0.5 H2 3-2 S(1) 2.386 1.6 0.4
[Fe] a4D7/2-a4F9/2 1.644 160.0 0.6 H2 1-0 Q(1) 2.407 50.0 0.8
[Fe] a4D1/2-a4F5/2 1.664 7.0 0.7 H2 1-0 Q(2) 2.413 18.3 0.9
[Fe] a4D5/2-a4F7/2 1.677 142.0 0.3 H2 1-0 Q(3) 2.424 47.4 0.9

H2 1-0 S(9) 1.687 4.2 0.5 H2 1-0 Q(4) 2.437 18.9 1.3
[Fe] a4D3/2-a4F5/2 1.712 2.1 0.4 H2 1-0 Q(5) 2.455 42.9 1.5
[Fe] a4D1/2-a4F∗3/2 1.745 6.3 0.8 H2 1-0 Q(6) 2.476 16.0 1.7

H2 1-0 S(7)∗ 1.748 150.0 0.6 H2 1-0 Q(7) 2.500 47.4 3.7
H2 1-0 S(6) 1.788 9.4 0.5

Vacuum wavelengths in microns.
∗ Blend of the two indicated lines.
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Figure 5.9: Position of the ISAAC slit superimposed on the H2 2.12µm image of the HH46-47 jet.
Individual knots along the jet are identified following the nomenclature of Eislöffel & Mundt (1994).

following the nomenclature of Eislöffel & Mundt (1994). The redshifted knots Z and
Y in Eislöffel & Mundt (1994) have been divided here in knots Z1 and Z2, andY1, Y2
and Y3.

In the following sections, I will present separately the results and analysis on the
HH46-47 jet found from LR and MR spectroscopic data.

5.2.2 Observed lines

Figure 5.10 shows the intercalibrated ISAAC LR spectra of knot Z1. This knot is among
the brightest ones along the HH46-47 jet showing both molecular and atomic transitions.
A list of the observed lines in knot Z1 together with their fluxes are reported in Table 5.4,
while in the Appendix we list all the lines detected in the other knots. The principal
observed lines are [Fe] and H2 lines. The H2 emission is mainly located at positions far
from the source, while near the protostar several atomic lines are present. The observed H2

transitions come mainly from the two first vibrational levels. In addition to [Fe] and H2

emission, other elements as [P] and [Ti ] are also detected in the knot S and Z1. In the
MR spectra only the [Fe] 1.600 and 1.644µm lines are detected in the H-band, while
for the K-band the H2 1-0S(1), 3-2S(4) and 2-1S(2), the [Fe] 2.1349 and 2.1609µm
and the Brγ lines are detected (see Fig. 5.11). The presence of the Brγ near the source



66

0.0

0.5

1.0

1.5

2.0

2.5

3.0

3.5

4.0

1.1 1.15 1.2 1.25 1.3 1.35

HH46-47, knot Z1

0.0

1.0

2.0

3.0

4.0

5.0

6.0

F
(1

0-1
2

er
g

s-1
cm

-2
m

-1
)

1.45 1.5 1.55 1.6 1.65 1.7 1.75 1.8

0.0

0.5

1.0

1.5

2.0

2.0 2.1 2.2 2.3 2.4 2.5

Wavelength ( m)

2-
0S

(1
)

[P
II]

4-
2S

(5
)

[F
eI

I]

[F
eI

I]
[F

eI
I]

[F
eI

I]
[F

eI
I] [F

eI
I]

[F
eI

I]

[F
eI

I]

[F
eI

I]

[F
eI

I]

[F
eI

I]

[F
eI

I]

[F
eI

I]
1-

0S
(9

)

[F
eI

I]

1-
0S

(6
)

[F
eI

I]
[F

eI
I]

[F
eI

I]

2-
1S

(5
)

[F
eI

I]

2-
1S

(4
)

[F
eI

I]
1-

0S
(2

)

2-
1S

(3
)

1-
0S

(1
)

2-
1S

(2
)

[F
eI

I]+
1-

0S
(0

)

2-
1S

(1
)

3-
2S

(1
)

(1-0)Q1-Q7

Figure 5.10:LR spectrum from 1.00 to 2.50µm of the knot Z1 in the HH46-47 jet. The stronger lines
are identified.

and the H2 3-2S(4) line from a distance of 10′′ to 25′′ from HH46-IRS testifies the high
excitation conditions in these regions. In the on-source spectra for the H- and K-band
other features are present, as the Br14 and Br12 and some CO transitions (Antoniucci
et al. 2008).

5.2.3 Kinematics

The PVDs of the [Fe] 1.644µm and H2 2.122µm lines constructed from the analysis
of the MR spectroscopic data are presented in Fig. 5.12. The velocity is expressed with
respect to the Local Standard of Rest (LSR) and corrected from a parental cloud velocity
of +20 km s−1 (Hartigan et al. 1993). In the Y-axis the distance from the driving source
HH46-IRS, in arcsec, is represented. The continuum of the source has been subtracted
in both the PVDs to more clearly see the structure of the linesnear to HH46-IRS. The
intensity scale is different in the two PVDs in order to evidence the different condensations
in the atomic and molecular gas.

In both PVDs the red- and blue-shifted lobes of the HH46-47 jet are evidenced. Emis-
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Figure 5.11:MR continuum subtracted spectral image of the HH46-47 jet inthe K-band.

sion down to the central source is detected in both the atomicand molecular components,
forming a new knot named here as knot S. The [Fe] emission broaden as it approaches
the source position and reaches velocities down to 0 km s−1 within 2 ′′ from the source.
Inside 1′′ there is also emission at redshifted velocities up to∼ +100 km s−1 . The large
scale blue-shifted high velocity component is identified asthe high velocity component
(HVC) and the emission component from -100 to∼100 km s−1 as the low velocity com-
ponent (LVC). At variance with the atomic emission, the H2 emission shows only one
velocity component well represented by a single Gaussian peaked at∼20 km s−1.

The radial velocities measured with respect to the LSR and corrected from the cloud
velocity are reported in Table 5.5 for the [Fe] 1.644µm and H2 2.122µm lines. The
radial velocities have been computed by a Gaussian-fit to theline profile of every knot.
The velocities of the [Fe] emission range from -177 km s−1 to -235 km s−1 and from
+94 km s−1 to +144 km s−1 in the blue- and red-lobe, respectively. The HVC and LVC
in knot S peak at -213 km s−1 and around -138 km s−1 . The knot Z2 presents, as well,
a double velocity component peaked at+144 km s−1 and+92 km s−1 . Due to the large
distance of knot Z2 with respect to the source position (∼8′′),the double peaked line profile
is not interpreted here as associated with a FEL region but instead with the presence of a
bow-shock.

In the case of the H2 emission, the radial velocities vary from -15 km s−1 to -48 km s−1

in the blue-lobe an from+26 km s−1 to +94 km s−1 in the red-lobe. At variance with the
[Fe] emission, knot S only shows a single velocity component at -15km s−1 , while knot
Z1 is clearly formed by two velocity components at+89 km s−1 and+10 km s−1 . This
fact supports the presence of a bow-shock structure in the vicinity of this knot. The same
argument can be applied to knot X that shows a double peaked velocity at+93 km s−1 and
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+14 km s−1 , as well.

Figure 5.12: Continuum-subtracted PVDs for the [Fe] 1.644µm and H2 2.122µm lines along the
HH46-47 jet. Contours show values of 3, 9, . . . , 243σ for the [Fe] line and 4.5, 13.5,. . . ,364.5σ for
the H2 . On the Y axis distance from the source HH46-IRS in arcsec is reported.



Velocity resolved diagnostics of Class 0/I jets. 69

Table 5.5: Observed radial velocities along the HH46-47 jet.

Knot [Fe] 1.644µm H2 2.122µm
V(km s−1 ) V(km s−1 )

B8 -177(46.0)
HH46-1 -235(49.2) -20

S -213(63.2)),∼-138 -15
Z2 +144(44.2),+92 +26
Z1 +112(43.5) +89,+10
X +94(36.6) +93,+14
Y3 +94
Y2 +92
Y1 +92

Note: Radial velocities (km s−1 ) corrected from a cloud velocity of+20 km s−1 (Hartigan et al. 1993)
and with respect to the LSR.

Table 5.6: AV along the HH46-47 jet.

Knot AV ± △AV
a

(mag)

S 6.6±0.2
Z2 12.5±1.6
Z1 6.1±0.1

aVisual extinction measured from the ratio [Fe] 1.64/1.25µm

5.2.4 Low resolution spectral analysis

Extinction

From the [Fe] 1.644/1.257µm ratio the visual extinction for different knots along the
HH46-47 jet has been derived (see Chap. 3) and reported in Table 5.6. Only lines with
S/N greater than three have been used to computed the intensityratio.

To convert the observed ratios inAv values, we have adopted the radiative transition
probabilities given by Quinet et al. (1996) as they seem to better reproduce the intrin-
sic line ratio (see e.g., Giannini et al. 2008). The extinction errors have been estimated
directly from the flux error of each line. We have to keep in mind, however, that the ex-
tinction is affected, as well, by the uncertainty in the transition probabilities of the lines
involved (see e.g., Nisini et al. 2005b; Giannini et al. 2008).

Analysing in more detail the extinction values derived fromthe [Fe] 1.644/ 1.257µm
ratio, it can be noticed that AV varies from∼6 in the knots Z1 and S to∼12 in knot
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Table 5.7: T,Ṁ jet (H2 ) along the HH46-47 jet.

Knot T Ṁ jet (H2 )
( K) (M⊙ yr−1 )

Z1 2580± 50 3.7×10−9

X 2078± 42 7.3×10−10

Y3 2564± 53 4.6×10−9

Y2 2330± 50 6.4×10−9

Y1 2093± 42 3.0×10−9

Z2. Fernandes (2000) found a value of AV = 9.38± 1.49 in a region that covers our
knots HH46 and S. He employed, however, the theoretical ratio given by the Einstein
spontaneous probabilities of Nussbaumer & Storey (1988) that has been shown to predict
too high AV values. On the other hand, Antoniucci et al. (2008) found an AV ∼40 mag
on-source, indicating a large density gradient towards thesource position. The extinction
in the knot Z2 is roughly twice the extinction of the knots S and Z1. This fact could be
due to a collision of the jet with stationary material of a side of the cavity. Heathcote et al.
(1996) note the presence of an oblique shock due to the impactof the blue-shifted lobe of
the jet with the cavity at∼6′′from the source. The same process may occur at the opposite
position giving rise to an increase of the extinction.

H2 temperature and mass flux

Along the HH46-47 jet, several H2 lines have been observed, mainly coming from the
ν=1-2 vibrational levels. Using the different H2 detected transitions, excitation dia-
grams for several knots along the jet have been constructed (see Chap. 3). As an ex-
ample, Fig. 5.13 shows the excitation diagram of the knot Z1,the brightest knot observed
in HH46-47, while the excitation diagrams for the rest of theknots are reported in the
Appendix—. The different symbols indicate lines coming from different vibrational lev-
els, while the straight line represents the best fit through our data. In the knot Z1 a
temperature value ofT = 2797± 100K is found, assuming AV ∼ 6 as estimated by the
[Fe] lines. This extinction value is consistent with that inferred from the ratio of the H2
lines 1-0 S(1) and 1-0 Q(3), that have same energy values (seeSect. 3.3).

The mass flux carried out by the warm molecular component has been also estimated
from the observed H2 transitions. In Chap. 3.4 a description on how deriveṀ jet from H2

transitions can be found.̇MH2 has been derived in the same spatial region extracted for
the [Fe] line analysis. Thedvt has been taken from Eislöffel & Mundt (1994) and the
N(H2) value for each knot, has been found from the interception tozero of the straight
line fitted to the H2 transitions in the Boltzmann diagram. The averageṀ jet value along
the jet is∼ 3.7×10−9 M⊙ yr−1. The derived results for each knot are reported in Table 5.7.
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Figure 5.13:H2 rotational diagram for the different lines in the knot Z1 of HH46-47. Different symbols
indicate lines coming from different vibrational levels. The straight line represents thebest fit through the
data. The corresponding temperature and the adopted extinction value is indicated.

Electron density

The electron density (ne) has been derived from the [Fe] 1.600/1.644µm line ratio. From
the LR spectra (R∼800, i.e.,∆v∼370km s−1) is not possible to resolve the different veloc-
ity components. Thus, the electron density has been derivedintegrating the total flux of
the line profile of every extracted knot for both the lines. The ne values and the intervals
used to extract the knots are reported in Table 5.8. The electron density decreases with
the distance from the source, from a value of 9400 cm−3 in knot S to a value of 1500 cm−3

in knot Z1. The same behaviour has been observed previously in other IR jets like HH1,
HH111 and HH34 (see Nisini et al. 2005b; Podio et al. 2006).

[Fe ] depletion

The [Fe] / [P ] line ratio can be used to estimate the iron gas-phase abundance (see
Chap 3.2). In particular, the iron abundance has been derived for the knots S and Z1,
where both the [Fe] 1.257µm and the [P] 1.188µm lines have been detected. A [Fe] /
[P ] ratio of∼7.3 and∼25.6 have been found in the knots S and Z1. These values indicate
that around 88% and 58% of iron is located in dust grains in knots S and Z1, respectively.
This lead to a (Fe/H)gas ∼ 3.92× 10−6 in the knot S and a (Fe/H)gas ∼ 1.18× 10−5 in the
knot Z1.
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Table 5.8: Electron density along the HH46-47 jet.

Knot rta ne ± △ne
b ne(HVC)c ne(LVC)b

(′′ ) (cm−3) (cm−3) (cm−3)

S (-3.4,+2.8) 6300+1700
−1300 5400 7650

Z2 (-9.3,-5) 1300+1800
−1200 2350 4600

Z1 (-14.8,-9.3) 3200+700
−850 3100

aDistance from the source in arcsec. Negative values correspond to the southeastern, redshifted jet axis.
bElectron density measured from the ratio [Fe] 1.60/1.64µm .
cElectron density measured from the ratio [Fe] 1.60/1.64µm for the HVC and LVC.

Figure 5.14: Normalised line profiles (lower panels) of the [Fe] lines 1.644µm (solid line) and
1.600µm (dotted line), and their ratio in each velocity channel (upper panels) for different extracted knots
along the HH46-47 jet.

5.2.5 Medium resolution spectral analysis

Electron density and Mass flux

The [Fe] 1.600 and 1.644µm lines have been also detected in the knots S, Z1 and Z2 at
medium resolution. In this case, we have derived the electron density as a function of the
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Table 5.9:Ṁ jet along the HH46-47 jet.

Knot vt(HVC)a Ṁ jet (HVC)b vt(LVC)b Ṁ jet (LVC)c

(km s−1 ) (10−7 M⊙ yr−1 ) (km s−1 ) (10−8 M⊙ yr−1 )

S 316 0.3-1.9 205 0.5-3.6b

Z2 213 0.4-0.9b 136 0.2-0.4b

Z1 166 0.4-1.0b

aTangential velocity assuming an orientation angle of the jet with respect to the plane of the sky of 34◦

(Eislöffel & Mundt 1994).
b Ṁ jet measured from the luminosity of the [Fe] 1.64µm for the HVC and LVC. The lower value has

been derived assuming an iron solar abundance, while the upper value has been inferred assuming the iron
gas-phase abundance derived from the [Fe][P ] ratio.

radial velocity in the same way as described for the case of HH34 Sect. 5.1.4. Figure 5.14
represents the electron density in each pixel along the MR spectral profile of the knots S,
Z1 and Z2 (upper panel) together with the normalised line profile of the [Fe] 1.600µm
and 1.644µm lines (bottom panel). From this figure we can infer that ne increases as the
velocity decreases in all the detected knots. It should be noticed that while knot S clearly
is formed in a FEL region, knots Z2 and Z1 located far from the driving source, are the
result of the shock interaction of the jet with the cavity.

Near to the source (knot S) a HVC ranging from∼-239 km s−1 to ∼-181 km s−1 has
been defined by a Gaussian-fit to the line profile of the [Fe] 1.644µm line. It was, how-
ever, not possible to define a LVC by a Gaussian-fit in this knot. Instead, a velocity range
from ∼-181 km s−1 to∼-50 km s−1 has been defined consistent with the velocity distribu-
tion of the PVD of the [Fe] 1.644µm line. For the knots far from the source, the HVC
intervals of the knots Z1 and Z2 have been defined from∼88 km s−1 to 136 ∼ km s−1 ,
and from∼110 km s−1 to ∼167 km s−1 . The knot Z2 shows a LVC, as well. In this case,
it was possible to adjust a Gaussian-fit to the LVC from the [Fe] 1.600µm line profile,
resulting in a LVC range from∼80 km s−1 to∼110 km s−1 .

The ne values for the two velocity components are reported in Table5.8. As already
pointed out from the analysis of the LR data, there is a decrease in the electron density
from the inner to the more external knots in both velocity components. Secondly, as
evidenced by Figure 5.14, the electron density of the LVC (ne(LVC)∼4600-7600) is larger
than the electron density of the HVC (ne(HVC)∼3000-5000).

In order to compute the contribution to the mass flux of the atomic component, we
have derivedṀ jet from the luminosity of the [Fe] 1.644µm line, following the approach
described in Chap. 3.4 and Sect.5.1.4. An inclination angleof the jet with respect to the
plane of the sky,i ∼ 34◦ (Eislöffel & Mundt 1994), has been assumed and used to infer
the velocity of the knots projected perpendicular to the line of sight, through our measure-
ments of the radial velocity. A list of the length of the knotsprojected perpendicular to
the line of sight used to derivėM jet is reported in Table 5.8. The [Fe] 1.644µm line flux



74

Figure 5.15:HST image of the HH1 jet. (Top) NICMOS image in [Fe] at 1.644µm. (Bottom) WFPC2
image in [S] at 6717/6731Å. The position of the source, VLA1, is indicated in bothpanels. Tick marks
represents intervals of 1′′(∼460 pc at the distance of HH1). The detected knots along the flow are labelled.
Figure taken from Reipurth et al. (2000a).

has been dereddened using the extinction derived from the ratio [Fe] 1.644/1.257 and
reported in Table 5.6. The resulting values found forṀ jet are listed in Table 5.9, assuming
a solar abundance of iron and thus, represent a lower limit. In the same table, thėM jet

values derived considering the gas-phase Fe abundance measured from the Fe/P analysis
are also reported, in the assumption that the same dust depletion factor is valid for both
the HVC and LVC. In any case, the mass flux rate is∼ 16 times larger in the HVC than
in the LVC, while in both the velocity componentṡM jet decreases with the distance from
the driving source. As discussed for the HH34 jet, this meansthat the HVC has either a
nH or V larger than the LVC, or both.

Finally, it is interesting to compare the derived mass ejection flux with the mass ac-
cretion rate in the source. Antoniucci et al. (2008) have derived a Ṁacc for HH46-IRS
of the order of 2.2×10−7. AssumingṀ jetranging between 0.3×10−7 and 2×10−7 M⊙ yr−1,
this implies aṀ jet/Ṁacc ∼0.1-0.9 still in agreement with predicted by MHD jet models
(Ferreira 1997).

5.3 HH1

The HH1 jet is an archetypal flow, that has been analysed spectroscopically by several
authors at optical (Eislöffel et al. 1994) and infrared (Davis et al. 2000b; Eislöffel et al.
2000) wavelengths. This jet is located in the L1641 cloud in Orion at a distance of∼460 pc
and only its blue-shifted component is detected. The jet consists in a chain of knots
observed down to∼6′′ and∼3′′ at optical and infrared wavelengths (Fig. 5.15). Two
well-known bow-shocks at approximated 70′′ from the source are observed at red-shifted
and blue-shifted velocities showing a complex structure that have been studied in detail
through optical, infrared and millimetre wavelengths (Eislöffel et al. 1994; Moro-Martı́n
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Figure 5.16:Continuum-subtracted K-band spectral image of the HH1 jet.Offset is with respect to the
CS star.

et al. 1999; Davis et al. 2000b). The HH1 jet source, VLA1, is aClass 0 object not visible
neither at optical or infrared wavelengths, being first detected through cm wavelengths by
Pravdo et al. (1985). Nisini et al. (2005b) presented a combined optical/infrared study of
this jet revealing different excitation conditions along the flow.

In the following, a list of the main detected lines, and the kinematics and physical
properties along the HH1 jet are presented.

5.3.1 Detected lines

Figure 5.16 report the ISAAC K-band spectral image showing the different emission lines
detected along the HH1 jet, while the most prominent identified lines are listed in Ta-
ble 5.10. In addition to the two H2 lines 1-0S(1) and 2-1S(1), the [Fe] 2.133µm line,
connecting the2P and4P terms, and two transitions from [Ti](characterised by excita-
tion temperature of the order of 7000 K) have been also detected. These lines have been
detected here for the first time in shocks environments. WeakBrγ emission has been also
observed localised in a single knot H, testifying for the high-excitation conditions in this
knot. In the H-band spectral segment, only the [Fe] 1.5999 and 1.6440µm lines have
been detected.

5.3.2 [Fe] and H2 kinematics

Figures 5.17 and 5.19 show the PVDs of the H2 2.122µm and [Fe] 1.644µm lines of the
HH1 jet. The PVDs of the [Fe] 2.133µm and [Ti] 2.160µm lines are also presented
in Fig. 5.19. The velocity is expressed with respect to the local standard of rest in all the
PVDs and subtracted by a parental cloud velocity of 10.6 km s−1 (Choi & Zhou 1997).
Distance scales (in arcsec) have been measured with respectto the jet driving source
VLA1. Since VLA1 is not visible in the near-IR, we have used the bright Cohen-Schwartz
(CS) star as the positional reference, adopting for it an angular separation of 35.′′9 from the
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Table 5.10: List of detected lines

Line id. λa

[Fe]a4D3/2 − a4F7/2 1.5999
[Fe]a4D7/2 − a4F9/2 1.6440
[Fe]a2P3/2 − a4P3/2 2.1333
[Ti ]a2F5/2 − a4F3/2 2.1605
[Ti ]a2F7/2 − a4F5/2 2.0818

H2 1-0 S(1) 2.1218
H2 2-1S(2) 2.1542

Brγ 2.1661

aVacuum wavelengths in microns.

source VLA1. The observed knots are named from KL to P, following the nomenclature
by Eislöffel et al. (1994) and Bally et al. (2002). [Fe] is detected only in the knots closer
to the star, from KL to E, while H2 can be traced all along the jet; as already shown
by Davis et al. (2000b) and Nisini et al. (2005b), the ratio [Fe] /H2 sharply decreases
with the distance from VLA1. Such a decrease is accompanied by a decrease of the H2
and [Fe] radial velocities. Also the velocity dispersion diminishes from the internal to
the external knots, as shown in Table 5.11. In particular, the measured intrinsic FWHM
(i.e., deconvolved by the instrumental width) decrease from ∼ 64 km s−1 in knots KL to
∼ 20 km s−1 in knots G-F. These values imply high shock speeds (from∼ 120 km s−1 in
knot KL to ∼ 40 km s−1 in knot G), progressively decreasing outwards. Indications of
high shock velocities in the internal knots of HH1 are given by the detection of the Brγ
and [Fe] 2.133µm lines in knot H. These lines are not detected in knots KL and JI
probably due to the larger extinction. The [Fe] and H2 radial velocities appear double-
peaked from knot KL to H in [Fe] and from knot KL to F in H2 . Both, [Fe] and H2

present one of the two components red-shifted with respect to the LSR.
The [Fe] blue-shifted radial velocity increases from knot KL to knot JI from a value

of ∼-28 km s−1 to ∼-46 km s−1 and then decreases again to a velocity of∼-24 km s−1 in
knot E. The red-shifted component is, however, too faint to be fitted with a Gaussian
profile. Nevertheless, we can estimate an average value of∼+30 km s−1 from knot KL to
H.

On the other hand, in the H2 blue-shifted component the velocity increases from knot
KL to knot JI, as in the case of [Fe] and then roughly decreases to∼-3 km s−1 in knot A.
After that, the radial velocity increases again to a value ofaround−12 km s−1 in knot N.
The red-shifted component covers a velocity range from+6 to+23 km s−1 . The H2 line
profiles are represented in Fig. 5.17 for several knots in theregion closest to the source.
The measured H2 velocities are consistent with the velocities reported in Davis et al.
(2000b) for the knots F and A. The H2 lines are non-resolved implying an intrinsic line
width less than 39 km s−1 .

The origin of the double velocity component can be due eitherto the presence of
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Figure 5.17:(left) Continuum-subtracted PVD for the H2 1-0 S(1) line along the HH1 jet. A position
angle of 145◦ was adopted. Contours show values of 10, 40, 60, 100σ. On the Y-axis the distance from the
driving source VLA1 is reported.(right) Normalised line profiles of the H2 1-0S(1) for different knots near
the source.

another jet (e.g., the one driving the HH501 object Reipurthet al. 2000a; Bally et al.
2002) or to the emission along the wings of a bow shock seen almost perpendicular to the
line of sight. These two possibilities will be further discussed in the next section.

5.3.3 Diagnostics of physical parameters

Electron density

The electron density as a function of velocity in the atomic jet component has been derived
from the ratio of the [Fe] 1.600/1.644µm lines following the same procedure applied to
the HH34 jet and described in Chap. 5.1.4. Electron densities of the [Fe] emission line
region as a function of the distance from the driving source have been measured by Nisini
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Table 5.11: Observed radial velocities along the HH1 jet.

Knot rta [Fe] 1.64µm H2 2.12µm
(′′) Vr

b Vb
r

Blue Red

KL 1.6 -28 (64) -16 +13
JI 3.4 -46 (53) -27 +6
H 5.1 -43 (47) -24 +14
G 7.5 -35 (22) -17 +23
F 9.8 -31 (20) -14 +17
E 11.6 -24 (29) -11
D 13.6 -12
C 15.0 -10
B 17.0 -11
A 18.2 -3
M 22.1 -4
N 23.5 -12

aDistance from the source in arcsec given by the mean value in the adopted aperture.
bRadial velocities (in km s−1 ) with respect to the LSR and corrected for a cloud velocity of10.6 km s−1 .

The radial velocity error is 2 km s−1 . The velocity dispersion (in km s−1 ), measured from the line FWHM
deconvolved for the instrumental profile, is reported in brackets for the HVC.

et al. (2005b). They found that ne decreases from a value of∼2000 cm−3 in the internal
knots LK to∼700 cm−3 in the external section of the jet.

Figure 5.18 shows the normalised profiles of the [Fe] 1.600 and 1.644µm lines and
their ratio as a function of velocity. The spatial intervalsused to extract the spectra of the
individual knots are given in Table 5.12.

In HH1, the 1.600µm line has been detected with a S/N larger than three only in the
internal knots, from JI to F. Here, the 1.600µm/1.644µm ratio has a minimum close to
0 km s−1 velocity and increases, up to a factor of two in knot KL, toward high velocities.
In HH1, the inner jet region is not detected due to the high extinction and therefore here
we are not observing regions at the jet base, contrary to HH34and HH46-47. It seems
indeed that the velocity dependence of the electron densityis different between the FEL
regions close to the star and the knots along the jet beam.

A LVC and a HVC from the [Fe] 1.644µm line profile of knot KL have been de-
fined. Velocity ranges from∼-80 to∼-22 km s−1 and from∼-22 to∼36 km s−1 have been
selected for the HVC and LVC, respectively. Visual extinction and electron temperature
values in each knot were taken from Nisini et al. (2005b). Thene in the LVC is lower than
in the HVC. In the HVC,ne decreases knot by knot from a value of 104 cm−3 in knot KL,
to 3.8×103 cm−3 in knot F. On the other hand, in the LVCne decreases from 9.8×103 cm−3

to 8.3× 103 cm−3 in knot KL and JI, respectively. Thesene-values are in agreement with
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Figure 5.18: Normalised line profiles (lower panels) of the [Fe] lines 1.644µm (solid line) and
1.600µm (dotted line), and their ratio in each velocity channel (upper panel) for different extracted knots
along the HH1 jet.

those derived by Nisini et al. (2005b) in velocity integrated spectra.
The presence of two velocity components and the corresponding velocity dependence

on electron density, was already found by Solf et al. (1991),who produced a PVD of the
electron density in the HH1 jet using the optical [S] λ6716/6731 line ratio. They found a
blue-shifted component with an electron density of∼4000 cm−3 and a slightly red-shifted
component having a lower density of∼1000-2000 cm−3. They interpreted the blue-shifted
high-density component as due to scattered light originating from a jet region closer to
the star, where the density and excitation are higher. This interpretation is, however, not
consistent with the IR observations presented here. Indeed, the blue-shifted line compo-
nent is clearly identifiable as the main jet component, extending at large distances from
the exciting source. Moreover, the H2 PVD (Fig. 5.17) clearly shows the presence of two
separate components that cannot be attributed to scatteredlight contribution. The red-
shifted component peaks at the KL position and decreases in intensity further out, while
the second blue-shifted component gradually increases itsintensity with distance. One
possible interpretation is that the red-shifted componentbelongs to a different jet that in-
tersects the HH1 jet at the KL position. Such a jet could be responsible for the two bright
knots designated as HH501 objects by Reipurth et al. (2000a), which are moving away
from VLA1 with a proper motion vector inclined with respect to the HH1 jet by∼10◦. If



80

we assume the axis of this separate jet equal to the directionof the proper motion vector,
the HH501 jet should intersect the HH1 jet at the position of the KL knots.

Mass loss rate

The mass flux rate,̇M jet , along the beam of the HH1 jet was recently measured in Nisini
et al. (2005b) using different tracers, both optical ([S], [O ]) and infrared ([Fe] , H2).
This work shows that the mass flux derived directly from the [Fe] line luminosity, using
the measured tangential velocity, is always equal or largerthan theṀ jet value derived
from the luminosity of the optical atomic tracers in spite ofthe possibility that part of
the iron is still locked on dust grains. This is probably due to the fact that [Fe] traces
a larger fraction of the total flowing mass than the optical lines, as discussed in Nisini
et al. (2005b). At the same time, it was found that in this jet the mass flux traced by
the H2 molecular component is negligible with respect to the mass flux due to the atomic
component. Taking advantage of the velocity resolved observations available, we now
want to measurėM jet in the different velocity components and examine which of them is
transporting more mass in the jet.

The Ṁ jet value was obtained here from the luminosity of the [Fe] 1.644µm line,
adopting the relationshiṗM = µmH×(nHV)×vt/lt (see, Chap. 3 for more details). We have
assumed that all iron is ionised, and has a solar abundance of2.8 × 10−5 (Asplund et al.
2005, i.e., no dust depletion). This latter hypothesis leads to a lower limit of the actual
mass flux, since it has been shown that the velocity-averaged, gas-phase iron abundance in
the HH1 jet might be only between 20% and 70% of the solar value(Nisini et al. 2005b).
The Fe abundance estimate provided in this paper is not used,since the depletion pattern
could be different among the LVC and HVC.

To compute the fractional population, we have used the ne values derived separately
for the LV and HV components, while we have assumed a single temperature for both
components, equal to the values derived in Nisini et al. (2005b) for the HH1 jet. Tangen-
tial velocity values have been derived from the radial velocities assuming an inclination
angle i=10◦ for HH1 (Bally et al. 2002). The resulting tangential velocities of the HVC
derived here are listed in Table 5.12. In Table 5.12, the derived values, together with the
parameters adopted, are reported

TheṀ jet (LVC) is lower thanṀ jet (HVC) by a factor of about 6. The mass flux derived
for the knot KL is very low. This is likely due to a low estimation of the extinction in this
knot, where the 8.3 mag of extinction are the average value inthe whole jet region LI.
There is some disagreement between theṀ jet derived for HH1 here and in Nisini et al.
(2005). The larger discrepancy is being found in the internal JI knots, where Nisini et al.
(2005b) report aṀ jet a factor of six larger. Part of the disagreement is due to the different
adopted tangential velocity. The largest discrepancy is, however, due to a smaller flux (a
factor of three) measured in the ISAAC 0.′′3 slit with respect to the 1′′ slit used in Nisini
et al. (2005b). This latter measurement might have been contaminated by the presence
of the second jet responsible for the redshifted velocity component or the HH1 jet itself
might have a diameter wider than 0.′′3.
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Figure 5.19:PV diagrams for the [Fe] 1.64µm, 2.13µm and [Ti] 2.16µm emission lines of the HH1
jet. A position angle of 145◦ was adopted. Contours show values of 11, 22,...,176σ; 4, 8, 12σ and 3, 6,
12σ, respectively. On the Y-axis the distance from the driving source VLA1 is reported.

It is interesting to compare the derived mass flux rates with the source mass accretion
rate, to estimate thėM jet /Ṁacc efficiency in very embedded young sources. There are,
however, no measurements of the mass accretion rate in VLA1,the exciting source of
the HH1 jet, available. Nevertheless, a rough estimate of this value can be computed by
assuming that the source bolometric luminosity (Lbol ∼ 50 L⊙, Chini et al. 1997) is entirely
due to accretion. Such an assumption is supported by the factthat VLA1 is a known class
0 source. If a stellar mass and radius of 1 M⊙ and 3 R⊙ is assumed, ȧMacc ∼ 6 10−6 M⊙ yr−1

can be found, which would implẏM jet /Ṁacc ≥ 0.007. On the other hand, assuming the Fe
gas-phase abundance derived by Nisini et al. (2005b) an average value over the brightest
knots along HH1 ofṀ jet∼1.1×10−7M⊙ yr−1 can be estimated. This latter value will lead
to Ṁ jet /Ṁacc ∼ 0.02.

The Ti+/Fe+ ratio

Forbidden [Ti] emission lines have been detected for the first time in HH1. Similar to
iron, Ti has a low-ionisation potential, of only 6.82 eV, andthus is expected to be fully
ionised in the jet plasma. The two detected lines have excitation energies of the order
of 7000 K and critical densities, at 10 000 K, of∼ 5 × 104 cm−3. Therefore, they have
similar excitations conditions with respect to [Fe] IR lines. Titanium, as iron, is a highly-
refractory element, thus the ratio of [Ti] /[Fe] lines can give some clue as to the relative
gas-phase abundances of Ti and Fe, and, in turn, as to the selective depletion of these ele-
ments on dust grains still present in the jet beam. Nisini et al. (2005b) have indeed shown
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that the gas-phase abundance of Fe in HH1 is lower than the solar value, in particular in
the inner jet regions where it is only between 20%-30% of the solar Fe abundance. This
indicates that part of the iron is depleted on grains and, consequently, that a significant
fraction of dust is present in the jet beam. We can check here if titanium follows the same
depletion pattern by comparing the observed [Ti] 2.160µm/ [Fe] 1.644µm ratio with
the value theoretically expected assuming solar abundancevalues given by Asplund et al.
(2005), i.e., [Fe/Ti]⊙ = 354. For this analysis, a statistical equilibrium calculation have
been performed taking the [Ti] radiative transition rates and electron collisional rates
calculated in Bautista et al. (2006, Bautista, private communication), and considering the
temperature and density values measured in each HH1 knot in Nisini et al. (2005b). The
[Ti ] 2.160µm/[Fe] 1.644µm intensity ratio is rather insensitive to the adopted physical
conditions, being of the order of∼ 500 in a temperature range from 9000 to 12 000 K, and
density range from 5× 103 to 1.2× 104 cm−3. The observed ratios range instead between
150 (knot JI) and 280 (knot G), implying a gas-phase Fe/Ti ratio 2-3 times lower than
solar. Thus, there is an overabundance of Ti in the gas phase,with respect to Fe, relative
to the solar value. This result indicates that the release ofgas-phase elements from dust
grains likely follows a selective pattern in which Ti-bearing condensates are more easily
destroyed. A large Ti/Fe abundance ratio relative to solar abundances has been observed
previously in the ejecta ofη Carinae by Bautista et al. (2006) who suggest two different
scenarios to explain this finding: either there is a spatial separation between Ti- and Fe-
bearing condensates in the same dust grain, which makes the titanium more exposed to
evaporation; or Ti-bearing grains are smaller than the Fe-bearing grains and thus more
easily destroyed. Studies of this kind, employing a larger number of refractory species,
seem therefore promising to constrain the composition and structure of dust grains in
different environments.
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Table 5.12:Ṁ jet along the HH1 jet.

Knot rt
a Av

b Tb
e V t(HVC)c ne(HVC)d Ṁ jet(HVC)e V t(LVC)c ne(LVC))d Ṁ jet(LVC)e

(′′) mag (103 K) (km s−1 ) (103 cm−3) ( M⊙ yr−1) (km s−1 ) (103 cm−3) (M⊙ yr−1)

KL (0.7,2.6) 8.3 11 159 10.6 1.3×10−8 187 9.8 2.3×10−9

JI (2.6,4.3) 8.3 11 261 9.0 3.6×10−8 187 8.3 3.1×10−9

H (4.2,6.1) 2.9 9.2 244 8.3 4.4×10−8

G (6.1,8.9) 2.0 10.5 198 4.6 2.7×10−8

F (8.9,10.7) 2.0 9.8 176 3.8 2.2×10−9

aDistance from VLA1 in arcsec.
bVisual extinction and electron temperature from Nisini et al. (2005b).
cTangential velocity assuming an inclination of the jet i=10◦ to the plane of the sky (Bally et al. 2002).
dElectron density for the HV and LV components.
eṀ jet for the HV and LV components.



84

Figure 5.20:HST mosaic image based on NICMOS and WFPC2 images of the HH111jet. The different
knots along the jet are labelled. Figure adapted from Reipurth et al. (1999).

5.4 HH111

The HH111 jet is located in the L1617 cloud in Orion at a distance of∼460 pc, driven
by the Class I source IRAS05491+0247. The jet is mainly blue-shifted consisting in a
chain of knots showing mini bow-shocks morphology (fig. 5.20). The blue-shifted jet
ended with a bow-shock structure at a distance of∼150′′ from the source, while only
a few knots are detected in the red-shifted jet where a final bow-shock structure is also
observed.

Several authors have probed the properties of the outer knots of this flow (Morse et al.
93; Hartigan et al 94). The H2 kinematics of the jet has been studied in detail by Davis
et al. (2001a) by means of echelle spectroscopy, who interpreted the observed line profiles
as the result of bow-shock structures along the jet. An analysis of the [Fe] emission was
reported in Nisini et al. (2002) that performed a comparative study with the molecular
emission, while Podio et al. (2006) computed a combined optical/IR diagnostics along
the jet. In this work, the analysis is mainly concentrated inthe section of the jet within
∼20′′ from the driving source, that have been detected here for thefirst time. In particular,
in the ISAAC H- and K-band spectra studied here, only the [Fe] 1.600 and 1.644µm and
the H2 2.122µm lines have been detected.

5.4.1 [Fe] and H2 kinematics

Figure 5.21 shows the PVD of the [Fe] 1.644µm line and the normalised line profiles
of the H2 1-0S(1) line along the HH111 jet. The velocity is expressed with respect to the
LSR and corrected for a cloud velocity of 8.5 km s−1 (Davis et al. 2001a). Distance scales
have been measured from the driving source HH111-VLA. The PVD shows the blue-
shifted and red-shifted knots along the jet, while only the blue-shifted H2 line profiles
have been reported. The blue-shifted knots from E to O have been named following the
nomenclature of Reipurth et al. (1997), while the inner blue- and red-shifted knots that
are detected here for the first time, have been named using my own nomenclature (i.e.,
from B1 to B3, and D1,D2).
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Figure 5.21: (left) PVD for the [Fe] 1.644µm line along the HH111 jet. A position angle of 22◦

was adopted. Contours show values of 5, 15, . . . , 405σ. On the Y-axis the distance from the driving
source HH111-VLA is reported. The velocity is expressed with respect to the LSR and corrected for a
cloud velocity of 8.5 km s−1 (Davis et al. 2001a).(right) Normalised line profiles of theH2 2.122µm line for
different knots along the jet.

The H2 double-peaked line profiles confirmed the presence of bow-shock structures
along the jet as previously reported in Davis et al. (2001a).The deeper images presented
here indicate that bow-shocks are also present in knots as close to the source as 2′′.

Also [Fe] lines present double-peaked profiles in the internal knots, while far from
the source (from knot E outwards) the lines are mostly singlepeaked (see, Fig. 5.23).
The [Fe] radial velocities (computed by a Gaussian fit to the line profile) for the inner
knots are shown in Table 5.13 together with the line velocitydispersion. Only Gaussian
fits to the higher velocity component have been computed. The[Fe] dispersion velocity
roughly decreases from the inner to the outer knots of the jet. In particular, the measured
intrinsic FWHM (i.e. deconvolved by the instrumental width) decreases from 39 km s−1

in knot B1 to 25.2 km s−1 in knot B2. These values imply shocks velocity decreasing from
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Table 5.13: Kinematical and physical parameters of the HH111 jet internal knots

Knot Peak position V ∆V ne Ṁ jet

(′′) (km s−1) (km s−1) (103 cm−3) (10−9 M⊙ yr−1)

B1 2.8 -99.5 39.0 11.0 5.4
B2 4.8 -90.3 40.8 6.6 20.4
B3 6.2 -79.4 39.8 5.0 13.7
D1 9.6 -84.9 35.2 2.8 14.4
D2 11.8 -81.2 25.2 5.8 4.4

∼78 km s−1 to∼50.4 km s−1.
The [Fe] radial velocity decreases from knot B1 to knot B3, then increases toward

knot D1 and finally decreases again in knot D2. It is known thatthe HH111 jet presents
cyclic variations in velocity at both large and small scales. Raga et al. (2002) have shown
that to reproduce the velocity pattern observed at different epochs, a model of variable
ejection velocity is needed.

5.4.2 Diagnostics of physical parameters

Figure 5.22: Variation of the derived electron density along the HH111 jet.

Electron density

The electron density along the jet was computed from the [Fe] 1.600/1.644µm line ra-
tios. Figure 5.23 shows the normalised line profile of the [Fe] 1.600µm line and the
[Fe] 1.600/1.644µm ratio as a function of velocity for the B1 and B2 knots. The line
profiles and line ratios of the E and H knots (located far from the central source) have been
also reported to be compared with those of the inner knots. Velocities below∼-50 km s−1
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Figure 5.23: Normalised line profile (lower panels) of the [Fe] 1.600µm line, and the
[Fe] 1.600/1.644µm line ratio in each velocity channel (upper panel) for different extracted knots along
the HH111 jet.

have not been considered for the ne analysis due to a strong OH atmospheric residual that
contaminates the weak line wing of the [Fe] 1.644µm line.

The electron density in the internal knots (from B1 to B4) is approximately constant
across the observed velocity channels, showing small increases toward higher velocities.
On the contrary, in the external knots (e.g. E and H) the electron density has a maximum
corresponding to the line peak and decreases toward the linewings. The ne values roughly
decreases from knot B1 to knot D2 from a value of 11 000 cm−3 in knot B1 to 5800 cm−3

in knot D2 (Table 5.13). The decrease of ne as a function of the distance from the source
in the HH111 jet was first noted by Podio et al. (2006). They showed that ne decreases
outward from a value of∼4000 cm−3 in knot E to 1300 cm−3 in knot L. Here this trend
is also confirmed for the inner knots with a sharp ne decrease from knot B1 to Knot B2
(Fig. 5.22).

Mass loss rate

The mass loss rate has been computed from the [Fe] 1.644µm line luminosity as ex-
plained in Chap. 3 using the eq. 3.19. As in the case of ne only the Ṁ jet values for the
HVC are reported (Table 5.13). The iron has been considered to be fully ionised and with
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a solar abundance of 2.8×10−5 (Asplund et al. 2005). To compute the fractional popu-
lation, the ne values derived in the previous section has been used while a temperature
of 10 000 K has been assumed for all the knots. Only measurements for the extinction
of the outer knots (from knot E outwards) are available in literature. A visual extinction
of 9 mag for knots F and H has been measured by Nisini et al. (2002) and assumed for
all the internal knots. The extinction towards the source isexpected to be higher that in
knot F, thus, theṀ jet value derived here represents only a lower limit. Tangential veloci-
ties values have been taken from the study of Hartigan et al. (2001), assuming a constant
vt ∼300 km s−1 for all the internal knots.

The Ṁ jet value roughly decreases from the inner to the outer knots from a value of
2.0×10−8M⊙ yr−1 in knot B2 to 4.4×10−9M⊙ yr−1 in knot D1. The lower value found in
the knot B1 is probably due to an extinction higher than assumed. Podio et al. (2006)
studied the variation oḟM jet along the external knots (from knot E outwards) of HH111
from the luminosity of optical lines. They also found thatṀ jet decreases with the distance
from the source. The values they derived are however larger than the ones presented here
with a Ṁ jet from∼3×10−8 M⊙ yr−1 in the knot E to∼1×10−8 M⊙ yr−1 in the knot L. As pre-
viously noted, the values reported here represent only lower limits of Ṁ jet: the assumed
extinction value of 9 mag derived for knot E (Nisini et al. 2002) probably represents a
lower estimation, since extinction is expected to increasetowards the source. In addition,
an iron gas-phase abundance of∼33% can be derived from the [Fe]/Paβ line ratio mea-
sured by Nisini et al. (2002) for the HH111 jet and assuming that the internal knots have
an ionisation fraction and electron temperature as the onesderived by Podio et al. (2006)
for the knot E. Then these values are used,together with the ne derived here, to estimate the
iron depletion from the model presented in Nisini et al. (2002) which reproduces different
expected [Fe]/Paβ line ratios as a function of the iron gas-phase abundance. Taking into
account the iron depletion a value oḟM jet∼2.2×10−8 M⊙ yr−1 can be found. Assuming
an average valuėMacc∼6×10−6 (Hartigan et al. 1994), ȧM jet/Ṁacc∼0.002-0.003 can be
estimated.

5.5 HH212

The HH212 jet is located in the L1630 cloud in Orion at a distance of∼400 pc. It is driven
by a deep embedded Class 0 protostar, IRAS 05413-0104. HH212is a highly symmet-
ric and collimated bipolar jet with bow-shocks structures at the end of each lobe. The
blue-shifted and red-shifted lobes consist in a series of knots distributed at approximately
the same distance from the IRAS source (Fig. 5.24). The jet interacts with the surround-
ing medium driving also a large scale collimated CO outflow (Lee et al. 2006). In the
inner region of the jet water masers and SiO emission are alsoobserved (Claussen et al.
1998; Codella et al. 2007). SiO trace an extremely collimated and dense molecular jet
(width∼500-1000 AU, n(H2)∼107 cm−3) located within 1′′ from the driving source, in a
region of high obscuration where H2 is not detected (Codella et al. 2007; Cabrit et al.
2007).
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Figure 5.24:(Left) ISAAC H2 image of the HH212 jet. North is up and left is East. The two insets
in the corners show the details of the inner jet region and a south-west bipolar nebula. Figure taken from
McCaughrean et al. (2002). (Right) The H2 image of the inner jet where the knots have been labelled is
shown together with the contours of the SiO (central panel) and CO (right panel) emission plotted on top of
the H2 image. Figure taken from (Codella et al. 2007).

5.5.1 Detected lines

A list of the lines detected in the H- and K-band spectral segments and their identification
can be found in Table 5.14. Among the [Fe] lines, only the 1.600µm and 1.644µm
transitions have been detected in the knots closer to the source (named NK1 and SK1),
testifying for the low excitation conditions of this jet. The [Si] 1.646µm line has been
detected here as a first time in a jet environment, although itshould be the brightest
[Si ] transition in the NIR, with an excitation energy of Eup=6298 cm−1. The ionisation
potential of Si is relatively low (8.2 eV), although higher than that of the Fe (7.9 eV). [Si]
can be, therefore, expected in regions where the shock excitation is low, such as C-shocks
where a small fraction of molecules can still be partially dissociated. The [Si] emission
appears brighter in the SK1 indicating lower excitation conditions in this knot. Finally,
bright H2 lines from the first three vibrational levels are detected all along the jet.

5.5.2 [Fe] and H2 kinematics

The PVDs of the H2 2.122µm and [Fe] 1.644µm lines are reported in Figs. 5.25 and 5.26
for the blue- and red-shifted lobes of the HH212 jet. The driving source IRAS05413-0104
is not detected in the spectral images, but it is located symmetrically in between the NK1
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Table 5.14: List of detected lines along the HH212 jet

Line id. λa

[Fe]a4D3/2 − a4F7/2 1.5999
[Fe]a4D7/2 − a4F9/2 1.6440

[Si ]a1D2 − a3P2 1.6459
H2 1-0 S(1) 2.1218
H2 2-1 S(2) 2.1542
H2 3-2S(3) 2.2014
H2 3-2S(4) 2.1280

aVacuum wavelengths in microns.

Figure 5.25:PVDs for the H2 2.122µm line along the blue-shifted (top) and red-shifted (bottom) lobes
of the HH212 jet. A position angle of 22◦ was adopted. Contours show values of 10, 30,. . . , 810σ in both
lobes. On the x-axis the distance from the central source is reported.

and SK1 knots (Lee et al. 2006).
A detailed study of the H2 kinematics of HH212 has been already performed by Davis

et al. (2000a). Here, the analysis is limited to the internalknot NK1 and SK1, where the
atomic emission has been detected.

The radial velocities and FWHM of the [Fe], H2 and [Si] lines are reported in Ta-
ble 5.15. The velocities and FWHM of each knot have been measured by a Gaussian
fit to the line profiles and are expressed with respect to the LSR corrected by a cloud
velocity of 1.6 km s−1 (Wiseman et al. 2001). All the profiles appear single-peakedand
well reproduced by a single Gaussian component. The radial velocities in SK1 and NK1
are around 4 km s−1 and -18 km s−1, in all the observed lines. Davis et al. (2000a) mea-
sured the H2 2.122µm line radial velocities of these knots through echelle spectroscopy
using three different slits positions along the jet. They found H2 velocities ranging from
-5.5 km s−1 to -3.8 km s−1 in the knot NK1 and from+4.0 km s−1 to+6.3 km s−1 in the knot
SK1. These values agrees fairly well with the radial velocities measured here for the knot
SK1, while they are∼10 km s−1 lower than the measured values for the knot NK1. The
differences between the radial velocities reported by Davis et al. (2000a) for this knot and
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Figure 5.26:PVD for the [Fe] 1.644µm line along the HH212 jet. A position angle of 20◦ was adopted.
Contours show values of 30, 60, 120 and 175σ.

Table 5.15: Radial velocities along the HH212 jet.

Knot [Fe] 1.644µm H2 2.122µm [Si ] 1.646µm
Va FWHM Va FWHM Va FWHM

(km s−1) (km s−1) (km s−1) (km s−1) (km s−1) (km s−1)
SK1 4 23 4.6 23 4 30
NK1 -18 34 -10(-5.6) 23 -18

aRadial velocities with respect to the LSR and correct for a cloud velocity of 1.6 km s−1 (Wiseman et al.
2001)

the ones measured in this work may arise from a different orientation of the slit along the
HH212. Indeed, measurements of the transverse H2 line profiles of NK1 (i.e. with the slit
located perpendicular to the jet axis) at high resolution (R∼50 000∼6 km s−1) revealed that
this knot is double peaked with radial velocities varying from∼-6 km s−1 to ∼-11 km s−1

(cor 2009).

5.5.3 Diagnostics of physical parameters

Electron density

The electron density has been derived from the [Fe] 1.600/1.644µm line ratio. In Fig. 5.27
the normalised line profiles of the [Fe] 1.644 and 1.600µm are represented together with
the 1.600/1.644µm ratio. For both knots, a decrease in ne from higher to lower veloci-
ties is observed. In the knot NK1, ne roughly varies from a value of 8400+2600

−2000cm−3 at
-50.0 km s−1 to 3800+800

−700cm−3 at -6.6 km s−1, while in knot SK1 ne varies from a value
of 8400+2600

−2100cm−3 at -21.1 km s−1 to 2400+700
−600cm−3 at +36.8 km s−1. The ne behaviour

observed is consistent with a model of bow-shock. In such a model assuming constant
total density across the bow, the higher value of the electron density should be observed
at the high velocity component where the most energetic shocks occur (Indebetouw &
Noriega-Crespo 1995).
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Figure 5.27:Normalised line profiles (lower panels) of the [Fe] 1.644µm (solid line) and 1.600µm
(dotted line) lines, and their ratio in each velocity channel (upper panel) for different extracted knots along
the HH212 jet.

Table 5.16:Ṁ jet values along the HH212 jet.

Knot AV V t Ṁ jet([Fe]) T(H2) V t Ṁ jet(H2)
(mag) (km s−1) (10−9 M⊙ yr−1) (103 K) (km s−1) (10−9 M⊙ yr−1)

SK1 12a 46 0.6 2.9 46 6.5
NK1 11a 206 3.3 2.8 114 11.7

aVisual extinction from Caratti o Garatti et al. (2006)

Mass loss rate

The mass loss rate for the NK1 and SK1 knots of the HH212 jet hasbeen derived from
both [Fe] 1.644µm and H2 1-0S(1) line luminosities according to the procedure de-
scribed in Chap. 3 and reported in Table 5.16 together with the assumed parameters.

Tangential velocities in each knot have been derived from the observed H2 and [Fe]
radial velocities assuming an inclination angle of the jet of ∼5◦ (Claussen et al. 1998). Vi-
sual extinctions and H2 temperatures have been taken from Caratti o Garatti et al. (2006),
while for [Fe] a temperature of 10 000 K and an average ne∼5000 cm−3 have been con-
sidered.

Contrary to the other investigated jets, in HH212ṀH2 is a factor between 3 and 10
higher than the mass loss rate of the atomic component. This result reinforces the evidence
that the excitation conditions in this jet are very low and most of the mass is transported
by the molecular component.
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5.6 Discussion

5.6.1 The base of Class I jets: HH34 and HH46-47

Comparison between the properties of the HH34 and HH46-47 jets near the exciting
source

Figure 5.28:PVDs of the [Fe] 1.644µm line for the HH34 and HH46-47 jets.

The HH34 and HH46-47 jets present a similar behaviour as regards to their atomic
component in the inner region, as shown in Fig. 5.28 where thePVDs of the [Fe] 1.644µm
line for both jets are reported. Within∼2′′ from the central source, the [Fe] lines broaden
and emission at lower velocities, down to 0 km s−1 appears. Inside∼1′′ emission is also
detected at positive velocities for both jets. In both the PVDs the LVC reaches distances
up to∼1000 AU.

At variance with [Fe], the H2 PVDs of the two objects show a different behaviour.
In HH34 the H2 PVD shows spatially- and kinematically-separated LVC and HVC, and
only the LVC is visible down to the central source. In HH46-47,on the contrary, a single
velocity component near the source is detected.

With respect to the physical properties, the variation of electron density and mass
ejection flux as a function of the velocity is the same for bothobjects. Indeed, the electron
density of the LVC is higher than the electron density of the HVC. The mass ejection flux
is, however, mainly carried out by the HVC.

There is therefore a large similarity between the properties of the FEL region in these
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Figure 5.29:(left) Continuum-subtracted PVD of the [Fe] 1.644µm line for the RW Aur jet. The [Fe]
emission features are indicated by dotted lines. Figure taken from Pyo et al. (2006). (right) Continuum-
subtracted PVD of the [Fe] 1.644µm line for the HH34 jet.

tow Class I objects: further observations on a larger sampleof sources are, however,
needed to see if these properties characterise all the ClassI jets.

Comparison with TTauri jets

The [Fe] PVDs for the HH34 and HH46-47 jets are also similar to the ones observed
in some CTTSs, such as HL Tau and RW Aurigae (Pyo et al. 2006). As an example,
Fig. 5.29 shows the [Fe] 1.644µm PVDs of the RW Aur and HH34 jets. In TTauri FELs
one usually observes two separated peaks spatially locatedat different offsets from the
central source, the HVC being commonly displaced further downstream (e.g. Hirth et al.
1997). In HH34 and HH46-47, at variance, the HVC has a peak in the on-source position.
This behaviour could, however, be due to the lower spatial resolution of the observations
presented here as a consequence of the larger distance of HH34 and HH46-47 with respect
to other studied T Tauri stars. In CTT jets, the LVC is usuallyconfined withind ≤ 200
AU from the source. In HH34 and HH46-47, on the contrary, the LVC persists at larger
distances, up to 1000-2000 AU, thus, the spatial scale between CTT jets and the Class I
jets studied here are very different. Therefore, it may be that the LVC of the HH34 and
HH46-47 jet has a different origin than in the CTTS case.

Differences in the excitation conditions of the various velocity components have been
measured in jets from CTTSs. This kind of study has, however,never been attempted
before for jets from Class I stars. The results found for the dependence of the electron
density on velocity are in agreement with what is found in theFEL regions of T Tauri
stars, where the emission component associated with the low-velocity gas is denser and
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less excited than the HVC (Hamann et al. 1994; Hartigan et al.1995). In such studies, the
LVC was not spatially resolved and the different values forne found between the HVC
and LVC were interpreted assuming that the LVC originates from a dense compact region
close to the disc surface, while the HVC is associated with a more extended high-velocity
jet displaced further out. Such an interpretation was supported by the spatial offset from
the central source often found between the two components ofthe forbidden lines detected
in spatially-unresolved spectra of T Tauri stars. Spatially-resolved measurements of the
electron density in the HVC and LVC have been performed in DG Tau by Bacciotti et al.
(2000) and Lavalley-Fouquet et al. (2000). In this case, at variance with HH34 and HH46-
47, the electron density has been found to increase with velocity, up to a distance of∼ 450
AU from the central source. On the other hand, in the DG Tau micro-jet the total density
in the LVC is higher than in the HVC because of the much lower ionisation fraction.
Therefore, the density structure in the Class I objects studied here and in the T Tauri stars
might be similar, but they differ in the excitation conditions.

In jets from CTTSs, Hartigan et al. (1995) have already shownthat the mass flux in
the LVC should be lower than in the HVC: from the analysis of spatially not resolved
optical spectra, they concluded that the LVC in jets from CTTstars could be responsible
for carrying the majority of mass and momentum only if the emitting region were smaller
than 1 AU.

Comparison with MHD models

Magneto-centrifugal jet launching models, such as the disc-wind and X-wind models
(Ferreira 1997; Shang et al. 1998; Garcia et al. 2001a; Pudritz et al. 2007) predict the
presence of a broad velocity range close to the source position, corresponding to the un-
collimated outer streamlines. In both these models, the LVCis, however, confined to a
relatively small region atd ≤ 200 AU from the source. Thus, the LV gas observed farther
away needs to be locally heated, probably by shocks. Within 400 AU from the HH34 IRS
and HH47 IRS sources the velocity decreases almost continuously from its peak reaching
redshifted velocities.

We can compare the observed kinematical signatures in this region with those in the
synthetic PVDs available for the different jet models. Synthetic PV diagrams from X-
wind models have been constructed for optical [S] and [O] lines (Shang et al. 1998),
while [Fe] PV plots have been presented by Pesenti et al. (2004) for thecold disc-wind
model of Garcia et al. (2001b) (see, Fig. 5.30).

The cold disc-wind synthetic PVD presented in Pesenti et al.(2004) was constructed
assuming a spatial sampling and spectral resolution similar to those of our observations.
This diagram predicts [Fe] 1.644µm maximum (de-projected) velocities of the order of
−700 km s−1. In contrast, the maximum velocity measured in HH34 and HH46-47 from
the FWZI in knot A6 and S is∼ −400 and∼ −500 km s−1. However, the observed range
of line of sight velocities predicted by disc-wind models significantly depends on the
assumed range of launching radii and magnetic lever arm parameter (λ = (rA/r0)2, with
rA andr0, the Alfvén and launch radii, respectively). Ferreira et al. (2006) have shown that
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Figure 5.30:(left) Predicted PVD of the [Fe] 1.644µm line from the cold disc-wind model, assuming an
inclination angle i=45◦. Figure taken from Pesenti et al. (2003). (right) PredictedPVD of the [S] λ 6731
emission line from the X-wind model assuming an inclinationangle of i=30◦. Figure adapted from from
Shang et al. (1998).

cold disc-wind models in general predict overly large line of sight velocities with respect
to the observations because they have overly large magneticlever arms of the order of
50 or higher. On the other hand, warm disc wind solutions withmagnetic lever arms
in the range 2-25 predict lower poloidal velocities, in better agreement with observations
(Ferreira et al. 2006). In particular, the measured poloidal velocities for HH34 and HH46-
47 are of the order of 250 km s−1 and 350 km s−1, estimated from the observed peak radial
velocity corrected for the inclination angle, would imply avalue ofλ in the range 4-8, for
launching radii in the range 0.07-0.15 AU (see, Fig. 5.31).

X-wind models predict a narrower spread in velocity, which agrees with our observed
range, taking into account the inclination angle of 23◦ and 34◦ of the HH34 and HH46-
47 flows. In such models the intermediate and low-velocity components are, however,
predicted to be present only in the inner∼ 30 AU from the central source, in contrast with
observations. In addition, the synthetic PVDs constructedby Shang et al. (1998) do not
include heating processes in the calculation, but assume a uniform ionisation fraction and
electron temperature.

Another interesting feature predicted by X-wind models is the presence of a significant
redshifted emission at the stellar position similar to the one observed in HH34 and HH46-
47. These are the first cases where such a feature is observed,and indeed the absence of
the redshifted emission in the PVD of other CTT jets was takenas an indication to rule
out the X-wind model for these sources (Takami et al. 2006). In HH34 and HH46-47,
such redshifted emission was not detected in previous observations probably because of
the lack of sensitivity.
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Figure 5.31:Comparison of predicted specific angular momentum vs. poloidal velocities for all types of
stationary MHD models. Solid lines represent the relationship betweenrvφ andvp: in red for disc-winds
assuming a fixed launching radiusr0, in blue for stellar winds. Dashed lines indicates curves ofconstant
magnetic lever arm in the disc wind case. The position of the X-wind solution for a fixedr0 = 0.07 AU is
indicated by a thick red line. Observational points for several TTauri jets are reported.

In conclusion, a qualitative comparison based on the available synthetic PVDs indi-
cates that both X-wind and disc-wind models reproduce the kinematics observed in the
HH34 and HH46-47 jets at their base, while none of them can reproduce the large scale
LVC observed at very large distances from the source. A more quantitative compari-
son would require the construction of [Fe] synthetic PVDs exploring a larger range of
parameters and heating mechanisms.

The other observational finding in this study that can be compared to model predic-
tions is the dependence of the electron density and mass flux on velocity. The fact that
the electron density in the LVC is higher than in the HVC is neither consistent with the
available X-wind nor with disc-wind models. In disc-wind models, the high velocity and
dense gas ejected in the inner streamlines is bracketed by the slower gas at lower density
originating from more external and less excited regions of the disc. Cabrit et al. (1999)
show, in fact, that the electron density increases toward the axis of the flow. Similarly, in
X-wind models the electron density and ionisation decreases with the distance from the
central axis (Shu et al. 1995). It should be pointed out that the main parameter predicted
by different jet launching models is not the electron density, but the total density and its
variation with velocity. Therefore, the found inconsistency may stem from an incorrect
modelling of the excitation mechanism responsible for the gas ionisation, not necessarily
from a wrong underlying MHD solution.
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An alternative possibility is that the LVC represents gas not directly ejected in the
jet, but dense ambient gas entrained by the high-velocity collimated jet. Observations at
higher spatial resolution would be needed to perform an analysis similar to that presented
here for the gas within 200 AU from the source. This would allow us to isolate as much
as possible the component of gas ejected at low velocity in the jet itself.

H2 HVC and LVC in HH34

MHEL regions (see Sect. 2.1.3) within a few hundred AU from the driving source has
been detected in a dozen outflows (Davis et al. 2001b). With respect to FEL regions, the
gas components associated with MHELs usually show lower radial velocities and velocity
spreads.

In light of these previous findings, there are two scenarios that can explain the char-
acteristics of the LVC in the H2 lines of HH34. The first hypothesis is that such a low-
velocity warm molecular gas is excited by oblique shocks occurring at the wall of a cavity
created by the interaction of a wide angle wind with the ambient medium. Indeed, the
large reflection nebulosity associated with HH34 IRS suggests the presence of a cavity il-
luminated by the central source. The second possibility is that the H2 gas originates from
the external layers of a disc-wind. Magneto-centrifugal wind models, in fact, predict that
the fast collimated inner component coexists with a slow andwide external component at
low excitation. In a previous study, the H2 emission observed within 100 AU from DG
Tau has been interpreted by Takami et al. (2004) in this scenario. Modelling of the H2

molecule survival and excitation in disc-winds is, however, needed to support this inter-
pretation.

The fact that the H2 HVC is observed only from a distance of∼2′′ from the star, at
variance with [Fe], may indicate that the molecular gas does not survive in conditions
of highly-excited gas constituting the high-velocity inner jet region. In this inner region,
the jet is probably travelling inside a low-density cavity and thus no molecular material
is present to be entrained by the fast moving flow. Reformation of H2 in the jet could be
at the origin of the H2 HVC seen further out: the dust in the jet is not fully destroyed
(Podio et al. 2006) and thus the H2 molecules can be formed again once the physical
conditions become favourable for the molecule survival. Excitation in the wings of mini-
bow shocks along the flow can be another possible explanationfor the H2 HVC, although
the high radial velocity of H2 close to the velocity of the atomic gas, is not supported by
H2 excitation models in bow-shocks (Flower et al. 2003).

Constraining MHD models from dust depletion measurements:HH46-47

The study of the presence of dust grains along the jet beams can be used, in addition to
the study presented above, to constrain MHD models.

Dust grains of the ambient medium are expected to be completely destroyed by the
passage of the initial bow-shock front which average velocity is higher than 100 km s−1

(Draine 2003). Subsequent shocks along the jet beam should therefore occur in a dust
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Table 5.17: Summary of the average physical properties in the considered sample of Class
0/I objects.

Jet Class V s ne
a Ṁ jet

b Ṁ jet/Ṁacc

(km s−1) (cm−3) (10−8 M⊙ yr−1)
HH1 0 78 5600 2.4-11.0 0.007-0.02

HH111 0 66 6250 &1.2-2.2c &0.003
HH212 0 57 5000 0.2 (0.9)d

&0.0004 (0.001)d

HH34 I 82 2600 5.6-20.0 0.01-0.03
HH46-47 I 94 3610 3.7-13.0 0.1-0.9

aElectron density derived from [Fe] line ratios.
bRange of mass flux rates derived from [Fe] luminosities. Lower values are measured assuming an

iron solar abundance, while upper values have been derived from the iron gas-phase abundance derived in
Nisini et al. (2005b) and Podio et al. (2006).

cUpper value derived assuming that only∼33% of the iron is in gaseous form. This result represents
a lower limit since the extinction towards the source is probably larger than the one assumed here, see
Sect. 5.4.2

dIn parenthesis, the averagėMH2 and theṀH2 /Ṁacc values are reported

free environment. I have, however, shown that in HH46-47 around 88% of iron within
450 pc from the source is still,l depleted on grains. This value decreases to∼58% in the
external knots.

After the passage of the shock front the time required for grains to be reformed is
larger than 106 yr. The jet employs, however, around 103-104 yr to travel from the cen-
tral source to the final bow-shock. This means that grains cannot be formed along the
jet beam. In addition, it is unlikely that they come from entrainment material from the
surrounding media, since the depletion decreases from the inner to the external region of
the jet. Therefore, the larger amount of grains near the source may suggest that they have
been removed from the accretion disc and transported through the jet.

The inner region of accretion discs is expected to be composed only by optically thin
gas: the radiation of the central protostar destroys the dust grains up to a distance named
the dust evaporation radius. For Class 0/I objects this radius is expected to be around
0.1 AU from the protostar (Isella & Natta 2005). This means that a Class 0/I jet cannot
transport dust from the disc if the jet is launched from a region closer than∼0.1 AU to
the central object. This fact favours the presence of a disc-wind (alone or combined with
other jet launching mechanism, see Chap. 2.1.1) as the mechanism responsible for the jet
launching and the extraction of dust from the disc.

5.6.2 General properties of Class 0/I jets

Although the sample of Class 0/I objects studied in this thesis is too limited to represent
a statistically significant sample, it can be used to evidence any general trend of the mea-
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sured properties and probe any evolutionary effect in the jet excitation and dynamics. In
Table 5.17 a summary of the main parameters derived in this thesis (averaged over the
brightest knots of each jet) is reported.

All the objects presented here show both [Fe] and H2 emission and the ratio between
atomic/molecular emission is independently of their evolutionarystate. Observations of
other Class I jets in the near-IR (e.g., Davis et al. 2003; Takami et al. 2006) confirm this
trend and suggest that the jet excitation probably does not depend on the age of the source
but more on the characteristics of the ambient medium in which jets propagates. In the
observed Class 0 jets the electron density is higher than in the Class I. This fact probably
reflect the higher total density in the environments of thesevery young objects. Shock
velocities are always high, with values ranging between∼60-100 km s−1. Such a high
shock velocities justify the presence of strong Fe emissionin all the investigated jets,
since only shocks with speed&50 km s−1 are able to dissociate molecules and ionise a
significant fraction of gas.

For each of the objects the range of mass flux rate transportedalong the flow has been
measured. This range has been inferred from the luminosity of [Fe ] lines assuming a
solar iron abundance (lower limit) and an iron gas-phase abundance (upper limit). The
Ṁ jet values oscillated between 2×10−8 M⊙ yr−1 and 2×10−7M⊙ yr−1. These values are on
average larger than the observed in CTTS, with the exceptionof highly active TTauri stars
such as DGTau and RwAur. The HH212 jet shows, however, much lower values of the
order of 2×10−9 M⊙ yr−1, and, at variance with the other studied objects, the molecular
component transports the bulk of the mass with an average value ofṀH2∼9×10−9. There-
fore, either the jet is mainly molecular or most of the iron along the flow is located in
grains. Nevertheless, thėMH2 value is smaller than thėM jet found in the other objects.
This probably indicates that most of the mass is transportedby the cold molecular com-
ponent not traced in the NIR, such as SiO and CO. Indeed, Codella et al. (2007) derived
a mass loss rate from sub-millimetric observations (thus tracing the coldest component of
the jet) of∼1-2×10−6 M⊙ yr−1.

The mass accretion rates derived in literature for the driving sources of the sample
give rise toṀ jet/Ṁacc ratios between 0.02-0.03, roughly the same value found in CTTS.
This result suggests that the same launching mechanism is present over mass accre-
tion rates ranging several magnitude orders. The large massejection to accretion ratio
found in HH46-47 (Ṁ jet/Ṁacc∼0.9) is probably related to the fact that the driving source,
HH46IRS, is actually a binary system. As discussed in Antoniucci et al. (2008), there
is no certain on which the sources are driving the jet and the luminosity contribution of
the companion to the real source is unknown. Therefore the estimation of Ṁacc for this
system is probably affected by several uncertainties regarding the total luminosity of the
source.



Chapter 6

Probing the mass accretion in Class I
protostars

The mass accretion rate in young stellar objects representsa critical parameter to under-
stand the star formation process. Although the accretion properties of optically visible
CTTS have been widely studied using different methods (see Chap. 2), very few studies
have been done so far about the accretion properties of the less evolved Class I sources.
As discussed previously in Chap. 2, recent studies show thatthere is a large spread in
the measured accretion luminosities of embedded objects, with values ranging from a few
percentage to a 80% of the total bolometric luminosity. In this chapter, the accretion prop-
erties of our sample of Class I sources in Ophiucus are studied. This study allows us to
verify the paradigm of the proposed evolutionary sequence for young stars according to
which Class I are actively accreting objects less evolved than CTTS.

This chapter is organised as follows: in Sect. 6.1 and 6.1.1,I will present the ISAAC
spectra obtained in the sample (see Chap. 4) discuss the different detected spectral fea-
tures. In Sect. 6.2, the method to derive the mass accretion rate from the Brγ luminosity
will be illustrated, and a discussion of the obtained results will be done.

6.1 Detected lines

The emission lines detected in the VLT-ISAAC spectra of the sample of Class I sources
(see, Chap. 4) are reported in Table 6.2, while from Fig. 6.1 to Fig. 6.8 the spectra of the
sources in different bands are shown, with the exception of IRS43 where onlyBrγ emis-
sion has been detected.

Five sources of the sample (WL12, IRS54, WL17 and YLW16A) show bright [Fe]
and H2 emission lines (see, Figs. 6.1, 6.4, 6.5 and 6.8). The detection of [Fe] and H2

emission evidence the presence of an atomic/molecular jet at the base of these sources. In
WL17 and WL15 only H2 emission has been detected. This indicates that in these sources
the line emission region is characterised by high densitiesand low excitation conditions.

In addition to H2 and [Fe] emission lines, also several HI permitted emission lines
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Figure 6.1:H- and K-band spectra of WL12.

have been detected. These lines are mainly observed at the source position and their
origin is not clear. They trace high density gas excited at high temperatures either in the
accretion region or at the base of protostellar jets. The main detected HI transitions are
recombination lines of the Brackett series. In addition, infour of the sources (WL16,
WL17, IRS54 and WL18) also emission from the Paβ line is detected. The line profiles
of the Paβ and Brγ lines are symmetric in all the sources with the exception of WL16
(Fig. 6.1) where all the detected Brackett lines and the Paβ line show inverse P-Cygni
profiles, indicative of matter in infall motion towards the object. In this source also bright
CO emission from different vibrational band-heads in the 2.3µm region is detected. The
CO 2.3µm feature is usually interpreted as coming from an inner gaseous disc, heated at
temperatures of∼2000 K or more by accretion. All these evidences suggest thatWL16
should be a source in a very active accretion phase.
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Figure 6.2:J-, H- and K-band spectra of WL16. Both Brγ and Paβ lines show inverse P-Cygni profiles.

6.1.1 Discussion on the observed spectral features

The ISAAC spectra of the set of Class I sources show different spectral features that vary
from one object to another. The HI emission is the only feature in common in all the
objects of the sample, while H2 and [Fe] emission is detected in the∼60% and 50% of
the sources, with a∼37% of them showing both [Fe] and H2 emission. Only one of the
sources, WL16, presents CO emission.

These features are commonly observed in embedded sources. Doppmann et al. (2005),
who obtained K-band spectra of∼50 Class I sources, detected HI, H2 and CO emission
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Figure 6.3:(Top) J- and K-band spectra of GSS26. (Bottom) H- and K-band spectra of WL15.

in a total of 65%, 44% and 15% of the objects of their sample. Inaddition they found
that CO emission is always related with HI transitions. In the sample studied here there is
no correlation between emission of permitted lines and [Fe] and H2 emission. That is,
accretion features seems not to be directly related with thepresence of jet lines from the
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Figure 6.4:J-, H- and K-band spectra of IRS54.

region close to the driving source.
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Figure 6.5:J-, H- and K-band spectra of WL17.

6.2 Accretion properties

The accretion luminosity (Lacc) for the set of Class I sources has been derived from Brγ

luminosity applying the relationship found by Muzerolle etal. (1998) in a sample CTTS:

Log
Lacc

L⊙
= (1.26)Log

LBrγ

L⊙
+ 4.43 (6.1)

We therefore assume that this relation is still valid for themore embedded sources studied
here. Such an assumption has been validated by Nisini et al. (2005a) in a small sample of
Class I sources of the RCra star forming region.

In order to derive the Brγ luminosity, the line flux has to be corrected for the extinc-
tion. As already discussed in Chap. 2.2.2, the extinction toward the source is a critical pa-
rameter that represents one of the highest sources of error in the computation of Lacc. Ex-
tinction values estimates based on NIR colours give usuallyvery uncertain results for very
embedded sources, as shown by Antoniucci et al. (2008). Given this problem, the method
of computing self-consistent AK values developed by Antoniucci et al. (2008) have been
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Table 6.1:Ṁacc for the observed targets.

Source AV Lacc L∗ M∗ R∗ Lacc/Lbol Ṁacc

(mag) (L⊙) (L⊙) (M⊙) (R⊙) (10−8 M⊙ yr−1)
GSS26 15.4 0.03 0.3 0.1 2.2 0.1 0.03
IRS43 48.9 0.01 1.5 0.4 3.1 <0.1 0.1
IRS54 34.7 0.4 0.3 0.1 2.2 0.7 3.1
WL12 47.8 0.2 0.6 0.2 2.5 0.2 1.3
WL15 27.1 1.9 4.1 0.6 4.2 0.3 20.8
WL16 16.6 3.0 0.7 0.2 2.4 0.8 14.3
WL17 30.1 0.3 0.3 0.1 2.2 0.8 2.6
WL18 8.0 0.1 0.3 0.1 2.2 0.8 0.6

YLW16A 36.1 0.3 1.5 0.4 3.1 0.2 1.7
YLW16B 18.6 0.1 0.3 0.1 2.2 0.3 0.5

employed instead of the available extinction values from literature. This method is based
on the observed magnitude of the objects. Indeed, the intrinsic stellar luminosity is given
by:

Log(L∗/L⊙) = −0.4(Mbol − Mbol,⊙) (6.2)

where mK is the observed magnitude,Mbol,⊙=0.45 is the bolometric magnitude of the Sun
and Mbol is:

Mbol = BC + MK + (V − K)∗ (6.3)

The absolute magnitudeMK in eq. 6.3 depends on the observed magnitudemK, the extinc-
tion AK, the veilingrK, and the distance modulus DM,

MK = mK + 2.5 Log(1+ rK − AK − DM) (6.4)

while the values of the bolometric correction BC and the intrinsic stellar colour (V −
K)∗ depend on the spectra type and age of the objects. Thus, if we assume that our
sources are late-type stars located on the birthline and usethe parameters provided by a
set of evolutionary models, we can obtain an estimate ofAK from the observed K-band
magnitude and veiling of the objects.

On this basis, we adopted a procedure that allowed us to derive the different physical
quantities in a self-consistent way. Namely, we variedAK until we have found a value able
to reconcile the stellar luminosity from Eq. 6.2 with the value given byLbol − Lacc, where
Lacc is derived from the extinction-corrected (by the considered AK) Brγ line emission
using Eq. 6.1.

The described procedure has been carried out assuming the birthline location of Palla
& Stahler (1993) and considering the colours and bolometriccorrection given by Siess
et al. (2000) to convertL∗ into MK (Eqs. 6.2 and 6.3). The inferred values of AV , Lacc and
the stellar luminosity, mass and radii are reported in Table6.1.
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Figure 6.6:Mass accretion rate as a function of the stellar mass for the studied Class I sample (asterisks)
and a set of CTTS and brown dwarfs (squares, crosses, plus andrhombi; Muzerolle et al. 2003; White &
Ghez 2001; Gullbring et al. 1998; Calvet et al. 2004).

All but two of the sources (GSS26 and IRS43) are actively accreting with Lacc≥0.1 L⊙.
In particular, WL15 and WL16 show the largest values of Lacc (1.9 and 3.0 L⊙, respec-
tively). Despite this fact, the accretion luminosity is a dominant fraction of the total Lbol

in only four of the ten sources. This is the case of IRS54, WL16, WL17 and WL18 which
have Lacc/Lbol ≥0.7. For the rest of the sources the ratio Lacc/Lbol is in the 0.1-0.3 range.
This work shows therefore that not all the Class I that are assumed to be in an active ac-
cretion phase, have their luminosity dominated by the accretion luminosity. This implies
that most of the sources of the sample have already accumulated their final mass. This
may indicate that an important percentage of objects already classified as Class I sources
are not in a high accretion phase. In this case, a large amountof Class I sources would be
misclassified Class II stars. This could be principally due to geometrical effects (as e.g.,
edge-on orientation of the systems) that can significantly affect the colours of the objects,
on which the classification of YSOs is mainly based.

It can be also noted that there is no apparent correlation between the value of Lacc

and the presence of [Fe] or H2 emission (associated with jet emission). For example,
WL18, where no [Fe] or H2 emission has been detected, has Lacc∼0.8, roughly the same
value found in WL17 that shows bright emission in the H2 2.122µm line. Hence, active
accretion and ejection do not seem to occur simultaneously.

From the accretion luminosity, it is also possible to derivethe mass accretion rate
(Ṁacc) using the expression for disc accretion (Gullbring et al. 1998):

Ṁacc =
LaccR∗
GM∗

(

1−
R∗
Ri

)

(6.5)
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where R∗ and M∗ are the stellar radius and mass and Ri is the inner radius of the accretion
disc. R∗ and M∗ are derived from the above analysis and are reported in Table6.1. For Ri

a value of 5 R∗ has been assumed following Gullbring et al. (1998).
The inferredṀacc are reported on Table 6.1. On average, a value ofṀacc∼4.5 10−8 M⊙ yr−1

have been found among the objects of the sample, with the exception of WL15 and WL16
that show the largesṫMacc with values of 2.1×10−7 and 1.4×10−7 M⊙ yr−1, respectively.
The same order of magnitude foṙMacc is also found in CTTS (see, Chap 2). It should be
noticed, however, that our set of Class I sources are very low-mass stars with M∗ ≤0.6 M⊙.
If we compare the computeḋMacc values with those of CTTS with roughly the same mass
thenṀacc is in average larger than the values found for CTTS as shown inFig. 6.6. Only
GSS26 and IRS43, which Lacc/Lbol ratio is very low, present ȧMacc value similar to the
one found in CTTS with the same mass.
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Figure 6.7:J-, H- and K-band spectra of WL18.
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Figure 6.8:(Top)J-, H- and K-band spectra of YLW16A. (Bottom) H- and K-band spectra of YLW16B



112Table 6.2: Emission features in the observed Class I sources.

Line id. λ WL16 WL12 WL17 YLW16A YLW16B IRS54 WL15 WL18 GSS26 IRS43
µm 10−14 10−17 10−16 10−15 10−15 10−15 10−15 10−14 10−15 10−15

[Fe] a4D7/2-a6D9/2 1.257 0.03±0.01 0.9±0.1
Paβ 1.282 0.9±0.1 39.7±0.1 2.8±0.1 2.9±0.1 0.8±0.1

Br 13 1.611 0.5±0.1 3.2±0.8 1.0±0.3 1.4±0.1 0.5±0.2 0.9±0.1
Br 12 1.641 1.6±0.2 4.4±0.9 1.0±0.3 1.7±0.1 1.2±0.5 1.1±0.1

[Fe] a4D7/2-a4F9/2 1.644 3.5±0.1 0.6±0.1 0.7±0.1 2.5±0.2
[Fe] a4D1/2-a4F5/2 1.664 0.6±0.2
[Fe] a4D5/2-a4F7/2 1.677 1.3±0.2 0.5±0.3

Br 11 1.681 2.2±0.2 7.3±0.5 0.8±0.2 1.6±0.3 2.1±0.2 1.8±0.6 1.6±0.1
H2 1-0 S(9) 1.687 0.5±0.1
H2 1-0 S(1) 2.122 20.6±0.1 5.0±0.7 12.1±0.1 7.2±0.1 8.3±1.3

Brγ 2.166 310.0±0.1 2.51±0.5 144.0±20.2 7.3±1.1 124.0±1.6 100.6±0.6 758.0±6.9 3.9±0.1 9.6±2.6 2.1±0.5
2.223 13.2±0.3 3.8±0.2 2.0±0.1

H2 2-1 S(1) 2.247 4.9±0.3 1.9±0.2 0.4±0.7
CO (2-0) 2.294 520.0±0.1

Fluxes not corrected for extinction in units of 10x erg s−1 cm−2.



Conclusions

The general aim of this thesis is to perform an investigationof the accretion and ejection
properties of young embedded protostars (the so-called Class 0/I sources).

One of the main objectives is to probe through IR spectroscopic techniques the physics,
kinematics and dynamics of the collimated jet driven by a sample of Class 0/I sources:
the set of observationally derived physical parameters hasbeen compared with those of
optically visible jets from TTauri stars in order to evidence any evolutionary effect. They
have been, in addition, used to constrain the current theoretical models for the jet launch-
ing and acceleration. Such a study has been performed using ISAAC instrument mounted
at the VLT, that provided the spectral and angular resolution needed to resolve the differ-
ent kinematical components of the jet at the relevant spatial scales.

In addition to this study, part of the thesis work has been also devoted to the deter-
mination of the accretion properties of embedded sources. With this aim, the accretion
luminosity and mass accretion rates of a sample of ten Class Isources located in theρ
Oph molecular cloud have been measured through the analysisof their IR permitted line
emission in order to revise their evolutionary status.

The main results obtained in this work are summarised below:

Large scale jet properties:

• Deep ISAAC VLT observations have been obtained of two Class I(HH34 and
HH46-47) and three Class 0 (HH1, HH111, HH212) objects. The jets from the
Class I sources have been detected down to the central object, while the Class 0
jets have been observed when they emerge from the dense envelope of their driv-
ing source, at about 1-5′′ of distance. All the jets show an atomic and molecular
component, traced by [Fe] and H2 lines, respectively. The two components trace
different sections of the same jet: while the atomic gas is located in the inner ionised
region, the molecular gas traces the outer and less excited sections.

• The kinematical properties of the jets as a function of the distance have been stud-
ied in detail through Position-Velocity Diagrams (PVDs) ofthe [Fe] and H2 line
emission. The radial velocities of these two jet componentsrange between∼20-
250 km s−1 and decrease with the distance from the source. On small scale, radial
velocities show, however, cyclic variations along the jets. This modulation in veloc-
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ity can be due, e.g., to variations of the ejection velocities at different epochs or to
jet precession induced by the presence of a companion close to the driving source.

• Individual emission knots often present a double velocity component, probably due
to the presence of mini bow shocks, where the velocity decreases going from the
bow apex to the bow flanks, intercepted by the instrument slit.

• The FWHM of the detected lines would imply shock velocities between 50 and
80 km s−1. Such high velocity shocks produce ionisation fractions ofthe order of
0.3-0.4, i.e., higher than the values ofxe measured in these jets, which are lower
than 0.2. This indicates that the line widening is determined not only by shock
dispersion but also by, e.g., a lateral expansion of the jet.

• The electron density (ne) in the jet atomic component has been measured in different
velocity components from the ratio of density sensitive [Fe] lines (1.600/1.644µm).
The electron density along the jets decreases from the innerto the outer knots, with
values averaged over the brightest knots ranging between 2600 cm−3 and 6200 cm−3.
Class 0 jets present on average larger electron densities with respect to Class I jets.
This fact probably reflects the higher total densities in theenvironments of the still
deeply embedded Class 0 sources. In the knots that can be wellrepresented by
non-resolved bow shocks, the electron density increases with velocity, as expected
by bow-shock models.

• The observations of additional lines of less abundant species, such as [P] and [Ti ]
have allowed to measure the gas phase abundance of Iron and tostudy the dust
reprocessing of refractory elements. The observed ratio of[Fe]/[P ] in HH46-47
implies that only about 12% of iron is in gaseous form near thesource, increasing to
a value of 42% in the external knots. This indicates that a significant fraction of dust
is present in the inner jet region. Finally, comparing the observed [Ti]/[Fe] ratio
in the HH1 jet with the theoretical expected value, a gas-phase Fe/Ti abundance
ratio 2-3 times less than solar have been found. This seems toindicate that the
release of gas-phase elements from dust grains likely follows a selective pattern in
which Ti-bearing condensates are more easily destroyed than the Fe ones.

• The jet mass flux transported by the atomic component have been measured from
the [Fe] 1.644µm line luminosity. In all the jets, but HH212, most of the massflux
is carried out by the atomic gas that thus represents the dynamically more important
component in the jet. The derived values are in the range 2×10−8-2×10−7 M⊙ yr−1

and remain roughly constant with the distance from the driving source, as expected
in steady jet flows. These values ofṀ jet are higher by about an order of magnitude
with respect to the values inferred in most of the Classical TTauri stars (CTTSs),
as expected for younger actively accreting sources.
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The base of Class I jets:

• The kinematics and physical properties of the HH34 and HH46-47 jets within
1 000 AU from the central source have been studied in detail inorder to give con-
strains to the current jet formation theoretical models. The HH34 and HH46-47
[Fe] PVDs present near the source two components at high (∼100-200 km s−1)
and low (∼50 km s−1) velocity (the high velocity component, HVC, and low ve-
locity component, LVC). A fainter red-shifted counterflow has been detected for
the first time in HH34 down to the central source and up to a distance of∼25′′

(11 500 AU) from the star. At variance with [Fe] the H2 PVDs are different in the
two objects. The HH34 H2 PVD shows spatially- and kinematically-separated LVC
and HVC, and only the LVC is visible down to the central source. This component
is close to 0 km s−1 LSR velocity and the blue-shifted and red-shifted jet differs
by less than 10 km s−1 . At intermediate velocities between these two components,
no emission is detected in the H2 PVD. The H2 PVD of the HH46-47 jet shows,
however, a single velocity component at∼20 km s−1.

• The electron density and mass loss rate has been derived as a function of the ve-
locity component. At variance with found at large distancesfrom the source, both
jets show increasing electron densities with decreasing velocities in the innermost
regions, with average values ranging from 10.8×103 cm−3 to 4.7×103 cm−3 for the
LVC and HVC of the HH34 jet and from 7650 cm−3 to 5400 cm−3 for the LVC and
HVC of the HH46-47 jet. The bulk of the mass along the jets is, however, carried
out by the HVC.

• The PVDs of the inner region of HH34 and HH46-47 are similar tothe ones ob-
served in the forbidden emission line (FEL) regions of CTTS.The LVC in CTTS is,
however, confined within a distance of d6200 AU from the source, while in HH34
and HH46-47 it reaches distances up to∼1000 AU.

In CTTS the electron density near the source has been found toincrease with ve-
locity at variance with what is found in HH34 and HH46-47. On the other hand, it
seems that in CTTS the total density in the LVC is higher than in the HVC because
of the much lower ionisation fraction. Therefore, the density structure in Class I jets
and in T Tauri stars might be similar, but they differ in the excitation conditions. The
different excitation structure could represent also the cause of the different extent of
the LVC in Class I and TTaturi stars.

• The comparison of the PVDs of the HH34 and HH46-47 jets and theelectron den-
sities with the predictions provided by MHD launching models suggests that the
kinematical features observed close to the source in the analysed spectra can be,
qualitatively, reproduced by both disc-wind and X-wind models. Neither of them is
able, however, to explain the persistence of the LVC at largedistances (up to 1000
AU) from the launching region. Moreover, none of the excitation mechanisms pro-
posed in these models can explain the velocity dependence onelectron density that
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is measured in HH34 and HH46-47. The analysis presented hereclearly shows
the need for a refinement of the existing models in order to take into account the
observed discrepancies.

Accretion properties of Class I sources:

• The near IR spectra of a sample of ten Class I objects in theρ Oph molecular cloud
show different characteristic, with emission lines that varies among the different
objects of the sample. In particular, in all the objects permitted HI emission lines
have been detected in form of transitions from the Brackett and Paschen series.
while transitions typical of jets, such as the [Fe] and H2 lines, have been detected
in only the 60% and 50% of the sources, respectively.

• The profiles of the Brackett series lines are all symmetric with widths that indicate
velocity dispersions of the order of 100-300 km s−1. The only exception is WL16,
where the HI transitions clearly show and inverse P-Cygni profile, indicating matter
in infall motion toward the source. This source presents also emission from the CO
2.3µm band, that is a further evidence for the presence of a warm gas probably
heated in an accretion disc.

• From the Brγ emission flux, the K-band magnitude of the sources and their bolo-
metric luminosity, important source parameters have been possible to derive such
as mass, accretion luminosity and mass accretion rate. These parameters have been
used to determine which fraction of the Class I sources are actively accreting and if
there is any correlation between the mass accretion rate andthe mass of the source.

Only four of the ten sources (IRS54, WL16, WL17 and WL18) haveaccretion
dominated luminosities (Lbol/Lacc∼0.7-0.8) withṀacc ranging from 3×10−8 M⊙ yr−1

to 1×10−7 M⊙ yr−1. The derivedṀacc within the sample are in average higher that
the values found for CTTS of the same mass, with the exceptionof GSS26 and
IRS43 that show the lowest bolometric to accretion luminosity ratio (Lbol/Lacc≤0.1).
It seems, therefore, that only a few percentage of the sources classified as Class
I have accretion dominated luminosities: these sources areprobably already in a
TTauri phase, but still embedded in their residual envelopes.

The analysis presented here shows the potential of NIR spectroscopy to the study of
the accretion and ejection properties of Class I objects. Although this work has lead to
important results, these need to be confirmed on a larger number of sources. In particular,
observations on larger samples of Class I sources from different molecular clouds and
with different masses are needed in order to better understand the accretion properties of
these objects and their connection with the TTauri stars. This statistical work together
with accurate measurements of the mass loss to accretion rate will help us to understand
the connection between accretion and ejection and the jet launching mechanism.

In addition, more stringent constraints to the proposed MHDlaunching models are
needed. These can be obtained only probing the innermost regions, i.e., inside∼100 AU
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from the driving source. It is therefore fundamental to use the largest spatial resolution
available with the present instrumentation. The use of adaptive optics (AO) with laser
guide stars (LGS) open the possibility to investigate the inner jet region with diffraction
limited performances also in embedded Class I sources. In addition, it will be very impor-
tant to use integral field unit facilities available with instruments like SINFONI at VLT, to
have a 3-D structure of the jets, that will make it possible tostudy the excitations and kine-
matics also in the transverse section of the jet. These kind of analysis will make possible
to bring the study of jets from young embedded sources at the same level of development
as that now reached in CTTSs.





Appendix A

Appendix - Rovibrational diagrams and line fluxes along
the HH46-47 jet.

In this Appendix I report the low-resolution spectroscopicline fluxes (not de-reddened)
observed on each of the analysed knots along HH46-47 together with the inferred rovi-
brational diagrams, with the exception of knot Z2 which linefluxes and rovibrational
diagram are reported on Chap. 5.

Line Fluxes

Table 6.3: Observed unreddened lines along HH46-47: H2 lines.

Line id. λ(µm) F (∆ F)(10−16erg s−1cm−2)
S Z2 X Y3 Y2 Y1

H2 2-1 S(5) 1.945 ... ... ... ... ... 2.7(0.7)
H2 1-0 S(2) 2.034 ... 2.1(0.6) 26.6(0.6) 10.0(0.6) 13.2(0.4) 8.7(0.4)
H2 2-1 S(3) 2.074 ... ... 3.7(0.5) 2.3(0.2) 3.9(0.4) ...
H2 1-0 S(1) 2.122 12.0(0.5) 5.6(0.3) 36.3(0.3) 27.0(0.3) 3.3(0.2) 22.7(0.2)
H2 2-1 S(2) 2.154 ... ... 1.1(0.2) ... 1.6(0.2) ...
H2 1-0 S(0)1 2.224 12.7(0.6) 3.1(0.6) 7.7(0.4) 5.4(0.5) 6.9(0.3) 5.2(0.2)
H2 2-1 S(1) 2.248 ... 1.4(0.4) 3.4(0.3) 3.0(0.5) 4.6(0.2) 3.5(0.3)
H2 1-0 Q(1) 2.407 16.6(1.3) 4.8(0.6) 28.9(0.6) 20.8(0.8) 24.3(0.7) 17.8(0.5)
H2 1-0 Q(2) 2.413 13.8(1.5) 2.3(0.3) ... ... ... ...
H2 1-0 Q(3) 2.424 16.2(1.3) 5.8(0.5) 30.7(0.6) 23.3(1.5) 26.5(0.7) 17.8(0.5)
H2 1-0 Q(4) 2.437 9.3(1.1) ... 8.4(0.7) 6.1(1.2) 8.0(0.6) 5.2(0.6)
H2 1-0 Q(5) 2.455 ... ... 23.4(0.9) 15.7(1.6) 21.6(0.8) 14.9(0.7)
H2 1-0 Q(6) 2.476 ... ... ... 6.6(0.6) ...



II

Table 6.4: Observed unreddened lines along HH46-47: atomiclines.

Line id. λ(µm) F (∆ F)(10−16erg s−1cm−2)
S HH46-1 B8 Z2 X

[P ] 3P2-1D2 1.188 6.2(1.2) ... ... ... ...
[Fe] a4D5/2-a6D7/2 1.249 1.9(0.6) ... ... ... ...
[Fe] a4D7/2-a6D9/2 1.257 54.2(0.8) 15.8(0.9) 11.9(0.7) 7.1(0.9) 6.4(1.0)
[Fe] a2G9/2-a4D7/2 1.267 3.2(0.8) ... ... ... ...
[Fe] a4D1/2-a6D1/2 1.271 2.0(0.3) ... ... ... ...
[Fe] a4D3/2-a6D3/2 1.279 2.4(0.6) ... ... ... ...
[Fe] a4D5/2-a6D5/2 1.295 8.9(1.1) ... ... ... ...
[Fe] a4D3/2-a6D1/2 1.298 3.4(0.9) ... ... ... ...
[Fe] a2G7/2-a4D3/2 1.300 1.7(0.6) ... ... ... ...
[Fe] a4D7/2-a6D7/2 1.321 13.1(0.4) 4.5(1.4) 3.5(0.5) 3.0(1.2) 2.4(1.2)
[Fe] a4D5/2-a6D3/2 1.328 4.3(0.6) ... ... ... ...
[Fe] a4D5/2-a4F9/2 1.534 9.9(1.0) ... ... 0.7(0.4) ...
[Fe] a4D3/2-a4F7/2 1.600 11.2(1.0) ... ... 0.9(0.4) ...
[Fe] a4D7/2-a4F9/2 1.644 85.8(0.7) 8.9(0.5) 8.7(0.8) 20.1(0.5) 4.4(0.5)
[Fe] a4D1/2-a4F5/2 1.664 5.7(0.8) ... ... 1.1(0.7) ...
[Fe] a4D5/2-a4F7/2 1.677 13.3(0.9) ... ... 1.8(0.4) ...
[Fe] a4D3/2-a4F3/2 1.797 5.2(0.9) ... ... ... ...
[Fe] a4D5/2-a4F5/2 1.800 14.3(0.7) ... ... ... ...
[Fe] a4D7/2-a4F7/2 1.810 52.6(1.1) ... ... ... ...
[Fe] a2P3/2-a4P3/2 2.133 3.2(0.5) ... ... ... ...

Table 6.5: Observed unreddened lines along HH46-47: other lines.

Line id. λ(µm) F (∆ F)(10−16erg s−1cm−2)
S HH46-1

Paβ 1.282 19.8(1.2) 2.7(0.7)
Brγ 2.166 9.4(0.8) 1.1(0.5)

CO (2-0) 2.294 ...
CO (3-1) 2.323 4.7(1.4) ...



Appendix A III

Rovibrational diagrams

Figure 1: H2 rotational diagram for the different lines in the knot X1. Different symbols indicate lines
coming from different vibrational levels. The straight line represents thebest fit through the data. The
corresponding temperature is indicated. An extinction of AV=5.5 mag was adopted.

Figure 2: H2 rotational diagram for the different lines in the knot X2. Different symbols indicate lines
coming from different vibrational levels. The straight line represents thebest fit through the data. The
corresponding temperature is indicated. An extinction of AV=7 mag was adopted.
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Figure 3: H2 rotational diagram for the different lines in the knot X3. Different symbols indicate lines
coming from different vibrational levels. The straight line represents thebest fit through the data. The
corresponding temperature is indicated. An extinction of AV=8.5 mag was adopted.

Figure 4: H2 rotational diagram for the different lines in the knot Y. Different symbols indicate lines
coming from different vibrational levels. The straight line represents thebest fit through the data. The
corresponding temperature is indicated. An extinction of AV=8 mag was adopted.
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Eislöffel, J. & Mundt, R. 1994, A&A, 284, 530
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Raga, A. C., Velázquez, P. F., Cantó, J., & Masciadri, E. 2002, A&A, 395, 647



VIII

Ray, T., Dougados, C., Bacciotti, F., Eisl’́offel, J., & Chrysostomou, A. 2007, in Protostars
and Planets V, ed. B. Reipurth, D. Jewitt, & K. Keil, 231–244

Reipurth, B., Chini, R., Krugel, E., Kreysa, E., & Sievers, A. 1993, A&A, 273, 221

Reipurth, B., Hartigan, P., Heathcote, S., Morse, J. A., & Bally, J. 1997, AJ, 114, 757

Reipurth, B., Heathcote, S., Morse, J., Hartigan, P., & Bally, J. 2002, AJ, 123, 362

Reipurth, B., Heathcote, S., Yu, K. C., Bally, J., & Rodrı́guez, L. F. 2000a, ApJ, 534, 317

Reipurth, B. & Wamsteker, W. 1983, A&A, 119, 14

Reipurth, B., Yu, K. C., Heathcote, S., Bally, J., & Rodrı́guez, L. F. 2000b, AJ, 120, 1449

Reipurth, B., Yu, K. C., Rodrı́guez, L. F., Heathcote, S., & Bally, J. 1999, A&A, 352, L83

Schwartz, R. D. 1975, ApJ, 195, 631

Shang, H., Shu, F. H., & Glassgold, A. E. 1998, ApJ, 493, L91+

Shu, F. H., Najita, J., Ostriker, E. C., & Shang, H. 1995, ApJ,455, L155+

Shu, F. H., Najita, J. R., Shang, H., & Li, Z.-Y. 2000, Protostars and Planets IV, 789

Siess, L., Dufour, E., & Forestini, M. 2000, A&A, 358, 593

Smith, N. & Hartigan, P. 2006, ApJ, 638, 1045

Solf, J., Raga, A. C., Boehm, K. H., & Noriega-Crespo, A. 1991, AJ, 102, 1147

Stanghellini, L., Shaw, R. A., Balick, B., et al. 2003, ApJ, 596, 997

Sturm, E., Lutz, D., Verma, A., et al. 2002, A&A, 393, 821

Takami, M., Chrysostomou, A., Ray, T. P., et al. 2004, A&A, 416, 213

Takami, M., Chrysostomou, A., Ray, T. P., et al. 2006, ApJ, 641, 357

Terebey, S., Shu, F. H., & Cassen, P. 1984, ApJ, 286, 529

Velusamy, T., Langer, W. D., & Marsh, K. A. 2007, ApJ, 668, L159

White, R. J. & Ghez, A. M. 2001, ApJ, 556, 265

White, R. J. & Hillenbrand, L. A. 2004, ApJ, 616, 998

Williams, J. P., Blitz, L., & McKee, C. F. 2000, Protostars and Planets IV, 97

Wiseman, J., Wootten, A., Zinnecker, H., & McCaughrean, M. 2001, ApJ, 550, L87

Woitas, J., Ray, T. P., Bacciotti, F., Davis, C. J., & Eislöffel, J. 2002, ApJ, 580, 336
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